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Abstract
I present a detailed study of two Magellanic Irregular galaxies, NGC 4214 and NGC 1156.
With relatively high star formation rates and plenty of neutral gas, they are interesting
laboratories in which to study the organisational processes that lead to star formation.
These galaxies have masses in the transition region between dwarf irregular and spiral
galaxies, and are close analogues of the Large Magellanic Cloud, so it is of interest make
detailed observations for later comparative studies.
The neutral Hydrogen observations are the highest angular resolution available to date
for these galaxies (∼ 800 FWHM), with fine velocity resolution (1.3 km.s−1 ). These show
remarkable structure in both objects, including large holes and small clouds of gas (∼
107 M ) with moderate velocity offsets from the general rotation. An large, incompletely
evacuated hole (2.2 kpc diameter) dominates the western half of NGC 1156. Its origin is
unclear. The velocity fields of both galaxies show most of the disk is rotating smoothly,
but near the centre appear to have significant noncircular motions, probably induced by
a stellar bar. Échelle spectroscopy at Hα shows the HII regions are following the same
orbits as the neutral gas.
The galaxies’ optical structure and stellar populations are characterised through multicolour imaging, Hα emission-line imaging and densely-spaced longslit spectra. NGC 4214
exhibits two exponential components in its surface brightness profile, while NGC 1156 is
consistent with a single exponential. In both objects the major axis of the bright bar lies
along quite a different position angle to the kinematic major axis. Colour maps reveal
varied populations in the bright bars of both galaxies, and the outer disk of NGC 4214. I
make detailed comparisons of the galaxies’ colour-colour distribution with stellar population models, and employ absorption-line indices from the longslit spectra as cross-checks in
a few locations. Taken together the data suggest that over a large fraction of the galaxies
there is a young population some tens of Myr old that contributes a few percent of the
total stellar mass, though the particular combination of mass fraction and age cannot be
uniquely determined. Neither galaxy exhibits strong O/H abundance variations within
the bright bar region.
Both galaxies are consistent with a model in which a minimum HI surface density (1021
atom.cm−2) is a necessary criterion for star formation. In NGC 1156 the radial distribution
of star-forming regions is well predicted by the disk instability criterion discussed by
Kennicutt (1989), while the criterion is less successful in NGC 4214. In a systematic
survey of NGC 4214 I identified 13 holes likely to be expanding or burst shells, roughly in
accord with the number expected given the linear resolution and the HII-region population.

x
In a majority of the holes, a star cluster capable of powering the expansion is visible within
the hole boundary. However the holes are so young and that I expected all would contain
a detectable cluster. In a few regions new star formation appears to have occurred in the
walls of the identified holes, but the total number of HII regions near HI holes is consistent
with that expected by chance.
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Chapter 1

Introduction
1.1

Irregular Galaxies

Galaxies are vast collections of star and gas, evolving over cosmic time — ‘island universes’, if you willa. Studying their formation and evolution is a central part of modern
astrophysics. They come in a wide range of shapes and sizes. Edwin Hubble, having
proposed a scheme for distinguishing galaxies from other nebulae (Hubble 1922) arranged
photographs of galaxies in a morphological sequence and gave them alphanumeric names,
or Types (Hubble 1926). The sequence starts with the roundest ‘early’ types (E0), moves
to increasingly oval shapes (E1-E7), then to objects with smooth, broad spiral arms (Sa),
then to narrower, more finely structured arms (Sb) and on to ‘late’ objects with clumpy,
less well-defined arms (Sc). At the end came a grab-bag of Irregulars. He recognised two
distinct types of spirals, those with a straight ‘bar’ crossing the nucleus, and those without. The bifurcation gave rise to the popular nickname for his scheme, the ‘tuning-fork
diagram’.
Compared to the resplendent spirals and ellipticals, the Irregular galaxies are scruffylooking, dawdling rotators impoverished in the usual currencies of mass, luminosity and
heavy metals. They are nonetheless deserving of study. For one thing, their sheer numbers
are of interest to any cosmogonist; they form the most populous morphological class. Many
of our nearest galactic neighbours are Irregulars. Despite their chaotic visual appearance,
their underlying structure is simpler than spirals. This and their proximity makes them
invaluable for studies of the internal processes of galaxies, in particular the interplay
between the ISM, star formation, and the stellar population. Their extreme characteristics
also bring them to notice. Counted among the Irregulars are galaxies that are the most
a

Attributed to Humboldt by Curtis (1920).
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metal-poor, the lowest surface brightness, the richest in neutral Hydrogen, and richest in
dark matter that we know.
The class is defined more in terms of what its members lack — spiral arms — than any
single feature they display. Besides absent spiral structure, Irregulars commonly have a
patchy light distribution and frequently lack a centre of (rotational) symmetry. A definable
nucleus is rare, and they lack bulges.
Hubble’s initial Irregular designation encompassed all galaxies ‘later’ than Sc (Hubble
1926), including the objects studied in this thesis. The class was later divided into two
major subgroups (Irr I and Irr II; Holmberg 1958, Sandage 1961), on the basis of whether
the objects appeared to contain young stellar populations (population I stars) or not.
However both groupings contained a rather diverse population. A more logical taxonomy
for the Irr I group was introduced by de Vaucouleurs (1959a) with the Sd, Sm, SBm and
Im subdivisions providing a smooth progression from the sleek Sc spirals to the tattiest
Irregulars. The Irr II group was originally proposed as objects dominated by old (Population II) stars, and its members do not fit in the regular Hubble sequence. Krienke & Hodge
(1974) highlighted the diversity. Sandage & Brucato (1979) resolved this by proposing the
Amorphous (I0) class, in which there is a smooth, high surface brightness “sheet” of stars
and no trace of spiral structure. They suspected, and later work appears to bear this out
(Noguchi 1988a; Hogg et al. 1998), that the Amorphous galaxies are products of some
past interactionb.
Even after these refinements, the morphological class encompasses galaxies with a wide
range of physical properties. The masses derived from rotation curves of Irregulars place
them at the low end of the galaxy mass scale, between 107 and 1010 M . Their luminosities are similarly low, ranging from objects just larger than dwarf spheroidalsc with
MB ∼ −13 mag, up to Magellanic spirals (MB ∼ −18 mag). Irregulars form a relatively
small fraction of the population of bright galaxies, but become the dominant population
at the faint end of the luminosity function (Figure 1.1). Thorough reviews of the Irregulars’ properties, particularly in relation to the ‘normal’ spirals, are given by Hunter
and Gallagher (Gallagher & Hunter 1984; Hunter & Gallagher 1986; Hunter 1997). They
summarise the physical characteristics of Irregulars as “bluer, smaller, less luminous, less
massive, more gas-rich, lower in metallicity and less dusty” than spirals (Hunter 1997).
The class also overlaps with two other groups important in modern discussions of galactic
properties — the dwarfs and the low surface brightness galaxies.
Hodge (1971) defined all galaxies fainter than MB ∼ −15 as dwarfs. However the upper
b

For a different slant on this question, see Marlowe, Meurer, & Heckman (1999).
Grebel, Gallagher, & Harbeck (2003) provide a lucid discussion of the differences between dSph and
dIrr galaxies.
c
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Figure 1.1

Morphology-segregated luminosity function of galaxies in the local volume, adapted
:rom Marzke et al. (1998). The vertical axis has units of galaxies.Mpc_3.mag_1. The Irr class
ncludes Sm and Im galaxies, as well as peculiar (interacting) objects. The dotted line traces
;he luminosity function of low surface brightness galaxies (no morphological segregation) given by
Sprayberry et al. (1997).

magnitude limit is somewhat arbitrary. Other authors have proposed different magnitude
cutoffs, between —15 mag and —18 mag (e.g. Thuan & Martin 1981, Bothun et al. 1986).
A purely luminosity-based criterion could also include globular clusters. Binggeli (1994)
proposed a clearer definition, Mb > —18 mag and central surface brightness

hb (0)

>

18 mag.arcsec-2 (Figure 1.2). As the Figure shows, Binggeli’s definition also encompasses
the dwarf ellipticals (Binggeli, Sandage, & Tammann 1985; Binggeli, Tarenghi, &: Sandage
1990; Ferguson & Binggeli 1994). High surface brightness, nucleated dEs are found in high
density environments like clusters and in close proximity to giant galaxies. Irregulars are
much less common in such environments. So when discussing field galaxies, the terms
“dwarf” and “irregular” are often used interchangeably, since most isolated field dwarfs
are also Irregulars. Two related groups of objects which contain Irregulars are the Blue
Compact Dwarf (BCD) type (Thuan & Martin 1981; Thuan 1983; Thuan 1987) and the
Hll-galaxies (Terlevich et al. 1991). These, and the Amorphous Irregulars, are probably
best described as different instances of “starburst dwarfs” (Marlowe et al. 1997; Marlowe,
Meurer, & Heckman 1999).
Many Irregulars fall into the domain of the Low Surface Brightness (LSB) galaxies (Schombert
& Bothun 1988; Impey, Bothun, & Malin 1988; Schombert et al. 1992; Bothun et al. 1993).
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The “HR diagram” for galaxies, adapted from Binggeli (1994). I have added the
trangular and star-shaped points. The former are the objects in the low surface brightness galaxy
sample of de Blok & McGaugh (1997), while the latter are a comparison sample of high surface
brightness galaxies those authors drew from Broeils (1992).

While there is no strict limiting surface brightness for this group (Impey & Bothun 1997),
it is generally taken to be galaxies with B-band central surface brightness Iir (Q) > 2223 mag. Prom Figure 1.2, it seems clear a significant fraction of Irregulars are LSBs. Not
all LSB galaxies are Irregulars however. There exist LSB spirals with luminosities, surface
brightnesses, colours and HI contents similar to the Irregulars (Matthews & Gallagher
1997) and there are (rather rare) giant LSBs as well (Bothun et al. 1987; Sprayberry
et al. 1995). Note that the luminosity functions determined by Marzke et al. do not
include LSB galaxies. While some authors claim the low surface brightness dwarfs are “by
far the most ubiquitous type of galaxy in the universe” (Impey & Bothun 1997), the full
impact upon Figure 1.1 of including LSBs is still uncertain, largely because of the size of
the incompleteness corrections that are required. The LSB luminosity function shown in
Figure 1.1 (all morphologies included) summarises our present knowledge.

1.2

Star formation environment

Now that we have seen how Irregulars fit into the general panoply of galaxies, let us focus
more closely on how their physical properties provide a unique setting in which to study
star formation. Before doing so I should amplify that statement slightly. At the scale of a
single star, galaxy-wide conditions are probably irrelevant. The process of cloud collapse
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and subsequent explosive death of the more massive stars proceeds on timescales much
shorter than the dynamical timescales within a galaxy. And a star with the same initial
mass and metallicity will trace the same evolutionary track in the HR diagram, irrespective
of the galaxy into which it was born. Nevertheless there must be a size scale where the
dynamical environment begins to exerts its influence. For disk galaxies a natural unit is
(a few times) the local scale height. In most cases this is a few hundred parsecs. This is
the picture that I will proceed with in this thesis; that star formation is a local process,
with the same basic physics occuring in independent cells with dimensions between tens
of parsecs and a couple of kiloparsecs. Thus a galaxy’s global structure and dynamics can
be viewed as an organising framework, collecting up neutral gas and perhaps providing
a trigger, after which a series of events leading to nuclear ignition proceeds under the
control of forces largely independent of the framework. Galaxy-wide properties, such as
metallicity, ultraviolet radiation field and cosmic ray density may influence the particular
path followed. The study of star formation in different types of galaxies, then, is largely an
investigation into the framework. Eventually, such studies will lead us to an understanding
of how galaxies have changed with time, and (potentially) of how they formed.
Irregulars are clearly disk galaxies, although their intrinsic axial ratios (vertical scale
height to disk scale length) are difficult to determine. Being disks, they are generally
rotationally supported (see Lo, Sargent, & Young 1993 and Côté, Carignan, & Freeman
2000 for notable exceptions). An important point about the rotation curves of Irregulars
is that they rise slowly. Over most of the optical disk, the form is close to that expected for
a solid-body rotator. The curves are often still rising, albeit more slowly, at the furthest
measurable extent of the HI disk. The maximum rotation velocity is usually < 100 km.s−1.
Numerous rotation curve decomposition studies have shown that most dwarf galaxies (and
thereby Irregulars) contain a larger proportion of dark matter than typical spirals e.g.
Persic & Salucci (1991), Broeils (1992), Swaters (1999). For star formation, the form of
the Irregulars’ rotation curves has two consequences. Firstly, the star formation proceeds
in an environment with much lower shearing from differential rotation. In Irregulars
the star-forming regions are concentrated toward the centre of the disk, and they are are
frequently bluer in their centres. Over this radial range, the rotation curve is close to solidbody. In spirals, the colour gradient is usually reversed; the majority of star formation
takes place well out in the disk, where the rotation curve is flattening out (Kennicutt
1989). In a low-shear environment, structures like supernova-driven shells, which may be
an important force for organizing star formation, will last for a significantly longer time
(Palouš, Franco, & Tenorio-Tagle 1990; Puche et al. 1992; Kim et al. 1999a). Secondly,
the relatively slow rotation of the Irregulars makes it difficult to generate strong densitywave shocks (Gallagher & Hunter 1984). Without this periodic stimulus acting upon
upon clouds in their ISM (Elmegreen & Elmegreen 1983), other processes that trigger star
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formation should become more important. Presumably these also occur in spirals, but are
strongly modulated by density wave passages.
The small masses of the Irregulars produce correspondingly shallow gravitational potential
wells. However the amount of energy injected by individual supernovae and massive star
winds is the same, so these “feedback” mechanisms have a correspondingly larger effect
on the interstellar medium of the galaxy. In principle this makes it easier for material to
be blown out of the galaxy entirely (known as blow-out), or even the removal of the entire
ISM of the smallest galaxies (blow-away). But when given detailed consideration (Dekel
& Silk 1986; Vader 1986; MacLow & Ferrara 1999; D’Ercole & Brighenti 1999; Ferrara &
Tolstoy 2000; Strickland & Stevens 2000; Silich & Tenorio-Tagle 2001; Mori, Ferrara, &
Madau 2002) there is considerable uncertainty about the extent to which this occurs for
a galaxy of a given mass.
Similarly, the velocity dispersion of the neutral gas is similar to that in spiral disks but
the stellar disk mass surface density is typically lower. This leads to a larger scale height
for the disk gas, which impacts feedback processes such as the development of supershells
(Brinks, Walter, & Ott 2002). The stellar disk may also be thicker, for similar reasons.
But few measurements of stellar velocity dispersions in Irregulars are availabled. There is a
noisy trend for disk galaxies to become thinner towards later types (Heidmann, Heidmann,
& de Vaucouleurs 1972; Bottinelli et al. 1983), which appears to level off beyond type Sc
at values near 0.3 (de Grijs 1998).
The Irregulars are rich in HI, with MHI /LB ratios in the range 0.2–1.0 (Roberts & Haynes
1994; Rhee 1996). Dwarf irregulars can reach higher ratios, up to ∼ 5 (Stil 1999). Although
they are rich in gas, there is no simple correlation with star formation rate. This is at
least in part because in some cases the gas is distributed in a low surface density, highly
extended disk, with no associated star formation (Meurer, Mackie, & Carignan 1994;
Wilcots & Miller 1998; Hunter, van Woerden, & Gallagher 1999; Carignan & Purton 1998;
Hoffman, Salpeter, & Carle 2001; Hunter & Wilcots 2002). If an interaction perturbs this
outer reservoir, some may fall inward and fuel a burst of star formation. Such events
may be occuring in the BCD and HII galaxies (van Zee, Skillman, & Salzer 1998; Taylor
et al. 1994) and in NGC 4449 (Hunter, van Woerden, & Gallagher 1999). A few objects
(e.g. Sextans A) appear to have very little structure in this part of their disks, leading
to suggestions that this gas may be the remains of their natal cloud (Wilcots & Hunter
2002).
The Irregulars are lower-metallicity systems, but generally lie on the luminosity-metallicity
relation for disk galaxies (Skillman, Kennicutt, & Hodge 1989; Zaritsky, Kennicutt, &
d

A recent example is (Hunter et al. 2002).
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Huchra 1994; Lee et al. 2003). At present the extent to which their lowered metallicity
is due to anemic star formation or to ejection of enriched gas from the galaxy is unclear;
recent papers are coming to contradictory conclusions e.g. Garnett (2002), Lee et al.
(2003). Metallicity has some far-reaching effects on the conditions for star formation. Low
abundance of heavy elements reduces the amount of material available for dust production,
and since dust grains are the site for H2 formation, molecular gas production is likely to
be affected. More subtly, the stellar populations have bluer optical colours at a given age,
and produce a harder interstellar UV radiation field. The radiation field and other inputs
from supernova shocks and stellar winds may affect the rates of grain coagulation and
destruction via changes in the ionization state of the species involved in grain production.
This in turn may affect the grain size distribution and thus the shape of the extinction
law, especially in the ultraviolet (Calzetti 2001). As a consequence, UV radiation may
penetrate deeper into a given gas cloud, and reduce the size of its molecular core (Madden
et al. 1997; Bolatto, Jackson, & Ingalls 1999).
Molecular Hydrogen is generally thought of as an essential ingredient for star formation.
In external galaxies its presence is usually inferred from observations of the CO molecule.
CO has been detected in relatively few Irregulars, although many have been observed (e.g.
Taylor, Kobulnicky, & Skillman 1998; Barone et al. 2000). This appears to be partly a
side effect of lower metallicity reducing the abundance of Carbon and Oxygen. After many
studies and much controversy over whether the CO/H2 ratio should vary at all (see, for
example, the discussion in Magnani & Onello 1995), it now appears the CO/H2 ratio is in
fact metallicity dependent (Maloney & Black 1988; Verter & Hodge 1995; Arimoto, Sofue,
& Tsujimoto 1996; Wilson, Walker, & Thornley 1997); in Irregulars one may infer as much
as ten times more H2 from the observed CO mass than in a typical Sc spiral. However the
H2 /HI ratio appears to be the same (∼15%) in late type disks, irrespective of metallicity,
morphology or luminosity (Boselli, Lequeux, & Gavazzi 2002).
Added together these differences produce an environment for star formation that is qualitatively different from that found in spirals. Moreover, there exists a gradation of properties,
from the extreme dwarfs to Sd spirals. In the extreme dwarfs, metallicity, the gravitational potential and differential shear are all at low values. At the high-luminosity end
of the scale, the galaxies’ metallicity supports significant dust and molecular gas column
depths, differential rotation is no longer entirely negligible, and there may be a stellar bar
providing a significant periodic impetus to the ISM.
Although these differences exist, the Irregulars are able to form stars at rates comparable
to spiral galaxies. Current star formation rates are determined from Hα fluxes integrated
over the face of the galaxies. This counts stars formed within the last few million years
(see Section 1.3). Before comparing rates, one must make allowance for differences in
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Figure 1.3

Star formation rates in Irregular and Spiral disks, normalized by the area of the

HB = 25 mag.arcsec-2 isophote. The rates for Spirals are based on the results of Kennicutt (1983)

and Ryder & Dopita (1994). Those for Irregulars are based on Hunter & Gallagher (1986) and
van Zee (2001).

size. A convenient normalization6 is the area of the galactic disk, defined by e.g. the
fiB = 25 mag.arcsec-2 isophote. Figure 1.3 compares the area-normalized rates in selected
Irregulars with vigorously star-forming spirals (solid symbols). Though the most active
Irregulars cannot match the most vigorous spirals and the weakest dwarfs are much feebler
than the weakest spirals, there is a significant overlap.
The area-normalized global star formation rate is a spatial average of the star formation
activity occuring within each square kiloparsec of a galactic disk. If the median Ha sur
face brightness of individual star formation regions does not differ widely from galaxy to
galaxy, the area-normalized rate would give a rough impression of the fraction of the disk
involved in star formation. However in a galaxy with a violent burst of star formation
concentrated at the center of a long scale-length disk, such an average will fail to convey
the intensity of this interesting event. To compare star formation intensities on subgalactic scales, a useful measure is the azimuthally-averaged Ha surface brightness. This can
be used to show how the star formation rate varies radially, though each annulus may
average over several individual star-forming regions. In spirals, it ranges between 1030
and 1033 erg.s_ 1.pc-2 (Kennicutt 1989), roughly equivalent to star formation rates of be
tween 10-5 and 10~2 Mg.yr-1 ,kpc~2. Similar ranges of Ha surface brightness are found
in Irregulars (Hunter & Plummer 1996; Hunter, Elmegreen, & van Woerden 2001). Com
parisons at the scale of single star-forming regions can also be made, through luminosity
eHunter & Gallagher (1986) explore other normalizations, such as total mass, blue luminosity etc.
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functions of HII regions and star clusters. Here, differences do arise. In Irregulars, the
HII luminosity function slopes tend to be shallower, the most luminous HII regions in any
given galaxy are fainter and ‘super’ star clustersf are rarer (Hunter 2002). At the smallest
size scale, one may expect different environments could give rise to variations in the Initial
Mass Function (IMF) of the stars populating individual clusters. While variations have
been reported (summarised by Scalo 1998) it is unclear what they are telling us about
star formation processes. Kroupa (2001, 2002b, 2002a) argues that (for stars > 1 M ) the
reported variations are still consistent with a single universal IMF; he contends the observed scatter could arise from a combination of Poisson statistics, unaccounted-for binary
systems and stellar-dynamical processes.
Emprically, the current rate of star formation per unit area ( ΣSF R ) in disk galaxies is
observed to depend on the gas surface density Σ, with the SFR/area scaling as a low power
(∼ 1.5–2) of Σ (Schmidt 1959; Kennicutt 1998b). The latter reference gives
ΣSF R = (2.5 ± 0.7) × 10−4 )



Σgas
1 M .pc−2

1.4±0.15

M .yr−1 .kpc−2

(1.1)

where ΣSF R and Σgas are quantities averaged across the disk. In spiral disks, there
appears to be a threshold value of Σ below which this Schmidt-law scaling does not hold.
The limit is related to the Toomre (1964) criterion for stability of a rotating disk. In
Kennicutt’s (1989) notation,
κc
3.36G

 2 
R dV
V
1+
= 2
R
V dR

Σc = α

(1.2)

κ2

(1.3)

where Σc is the critical surface density, α ≤ 1 is a constant related to the disk dissipation
and disk thickness (α = 1 for a thin disk of stars), κ is the epicyclic frequency, c the local
r.m.s. velocity dispersion and G the gravitational constant. R and V are the galactocentric
radius and circular velocity at that radius, respectively. Regions with surface densities
above this critical value will be unstable to (radial) perturbations and can be expected
to readily form stars. Observations show the same threshold criterion does not apply in
all disk galaxies, particularly irregular and dwarf galaxies (Hunter, Elmegreen, & Baker
1998; Hunter, Elmegreen, & van Woerden 2001), but also Sc galaxies (Kennicutt 1989).
Kennicutt derived α = 0.67 for spiral disks by initially taking α = 1, computing Σg /Σc
and comparing the ratio at the radius where star formation stopped. A similar analysis
by Hunter, Elmegreen, & Baker (1998) found that in a sample of dwarf Irregulars (−16 <
MB < −10) star formation takes place at significantly lower values of Σg /Σc and that
f

These may be young globular clusters, singificantly more massive than typical ‘populous’ clusters.
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α = 0.3 was more appropriate for dwarfs. I have adopted the latter value in this work.
Since there has to be some gas available for stars to form, an absolute minimum gas
surface density for star formation must exist. The value of this has been suggested as
Σmin ∼ 6 M .pc−2 , approximately the same from one galaxy to the next (Gallagher &
Hunter 1984; Skillman 1987).
But these descriptive star formation ‘laws’ say little about the physical processes that
underlie them, and it is those processes one must understand in order to be able to predict
how a galaxy’s star formation rate will change over time, or how star formation will proceed
in different physical settings. There are a few common ideas in the literature about how
star formation evolves over time within dwarf galaxies. Most of the proposals are are
methods for building HI clouds that are unstable to collapse and the formation of clusters
of stars, over scales of tens of parsecs. One idea is that random cloud motions will lead
spontaneously to agglomerations dense enough for star formation (e.g. Oort 1955; Field
& Saslaw 1965; Seiden 1983; Tan 2000). Another proposal is that the gas in a disk will be
gravitationally unstable if the surface density exceeds a limit related to the local speed of
rotation, the gas forming into Jeans-mass clumps (Quirk 1972; Kennicutt 1989; Elmegreen
et al. 1996b; Wada & Norman 1999; Kim & Ostriker 2001). The most frequently adopted
stability criterion is the Toomre criterion described above. A third proposal is that the gas
is swept up by the formation of HI supershells, either by “stellar feedback” or infalling gas
clouds, and stars form when a critical column density is surpassed in the shell walls (Dopita,
Mathewson, & Ford 1985; Norman & Ikeuchi 1989; Scalo & Chappell 1999; Chappell &
Scalo 2001). The fourth group of proposals is that interactions with other galaxies either
pile up gas at the centre of the disk or produce cloud-cloud collisions sufficient to reach
the requisite surface density (Lacey & Silk 1991; Lacey et al. 1993; Noguchi 1988a; Olson
& Kwan 1990; Noeske et al. 2001).

1.3
1.3.1

Star formation rates and histories
Current star formation rate

Star formation rate measurements are typically derived from observations of Hα emission
and refer to the current star formation rate; the Hα emission is used to count the number
of photons shortward of the Lyman limit and this total is turned into an equivalent mass
of hot stars. This is done either by choosing one stellar type (e.g. O7) to represent all the
emitters of ionising photons, or adopting some prescription for the number of stars as a
function of stellar mass (the IMF). The final global formation rates are derived by extrapolating the number of hot stars to the total mass formed, using some assumed IMF. The
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extrapolation is large, and therefore the rates are uncertain. Typical assumptions about
the IMF parameters can vary the extrapolation factor by up to two orders of magnitude
(Table 1.1). More conservatively, assuming a Salpeter slope and varying just the lower
limit varies the extrapolation factor by factors of a few. Varying the upper mass limit
alone produces variations of 30%.
The slope of the mass distribution function probably depends most on the details of the
collapse and fragmentation of molecular clouds, and could in principle vary within a galaxy
as well as between galaxies. Apparent variations in the slope may occur, for example one
may see a difference between field stars and stars in clusters (Sirianni et al. 2000; Sirianni
et al. 2002) if the low-mass stars are flung out by cluster dynamics (Lada, Strom, & Myers
1993). However recent reports of a different IMF for high-mass stars in the field (Massey
et al. 1995; Massey 2002) may not sit well with this picture. Other mechanisms, such as
competitive accretion (Bonnell et al. 2001) have also been put forward to explain these
results.
The lower mass limit is not expected to vary a great deal, because the cutoff mass below
which for a gas cloud will not become a visible star is set by nuclear physics. The heating
and turbulence produced by massive stars may disrupt the parent cloud before many lowmass stars form (e.g. Larson 1992). Observations show this has not occured in Orion
(Lada, Strom, & Myers 1993), but such truncations have been proposed for regions of
vigorous star formation (e.g. M82, Rieke et al. 1993; Smith & Gallagher 2001;).
The upper limit needs careful definition. In individual star forming regions within a
galaxy, the actual distribution of stellar masses will be a stochastic sample of the IMF
(e.g. Elmegreen 1999). Some regions may not produce massive stars at all, such as the

R Mu

10M

γ
1.50
2.01
2.35
2.50
2.75
3.00
3.50

Mu = 120
Ml = 1
0.81
0.54
0.35
0.27
0.18
0.11
0.04

120
0.08
0.75
0.35
0.13
0.08
0.03
0.01
0.001

100
1
0.78
0.51
0.34
0.26
0.17
0.10
0.035

A.M.M γ .dM
100
0.08
0.74
0.35
0.13
0.07
0.03
0.009
0.001

60
1
0.70
0.46
0.30
0.24
0.16
0.01
0.035

60
0.08
0.66
0.29
0.11
0.07
0.26
0.008
0.001

30
1
0.55
0.35
0.23
0.19
0.13
0.08
0.03

30
0.08
0.50
0.21
0.08
0.05
0.20
0.008
0.001

Table 1.1 Fraction of mass contained in massive stars (M > 10 M ), for a plausible range of
IMF parameters.
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Taurus-Auriga cloud in the Milky Way (e.g. Luhman 2000). But for a given galaxy there
may be some property of the ISM, such as metallicity, gas to dust ratio or mean molecular
cloud density, which determines the mass of the largest star it is possible to form. This is
the upper limit of the IMF referred to in Table 1.1.
It is important to note that the power-law form of the IMF assumed in this discussion
is only an approximation to the correct shape, and really should be taken to refer to the
massive stars only (Scalo 1986). In particular the distribution turns over gently at the
lowest masses; there is not an abrupt truncation (Kroupa, Tout, & Gilmore 1990). An
example of the confusion that can occur is the case of the young cluster NGC 2362 (Wilner
& Lada 1991; Kroupa, Gilmore, & Tout 1992).
The other major source of uncertainty in Hα-derived star formation rates is the assumption
of case B recombination, i.e. that all the ionising photons produce an ionisation. Dust
within the HII regions will absorb some of the ionising photons, and some may escape the
nebula. Irregulars are typically less dusty than spirals, so the former is less likely be a
problem than the latter. On the latter count, some escapees appear to be required in order
to power the diffuse ionised gas (DIG — see, for example, Hunter & Gallagher 1990 and
Dove & Shull 1994), although the DIG could also be powered by field OB stars (Hoopes,
Walterbos, & Bothun 2001). The scatter introduced from these sources of uncertainty is
unlikely to be larger than a factor of a few.
Acknowledging all these uncertainties, one can still write a useful rule of thumb for calculating star formation rate from Hα luminosity, e.g. (Kennicutt 1998a)


SF R
M .yr−1



= 7.9 × 10−4
= 1.08 × 10



−53

LHα
erg.s−1
Q0H
s−1

!



(1.4)
(1.5)

where Q0H is the number of photons capable of ionising Hydrogen.

1.3.2

Stellar populations and star formation histories

The star formation history of a galaxy is the variation of the star formation rate over time.
To estimate this, one needs a series of tracers that count objects formed at earlier and
earlier epochs.
Ideally, one would like to look at every star in the galaxy and determine its age and
metallicity, thus compiling a time sequence of birthrate and metal enrichment, for every
point across the face of the galaxy. In nearby galaxies one can now get quite close to this
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ideal by making colour-magnitude diagrams (CMDs). These can be compared with model
stellar populations in the same diagram, as shown in Figure 1.4, and the movement of star
formation from place to place traced out by stars in particular evolutionary phases such
as blue Helium-burning stars (Dohm-Palmer et al. 1997; Dohm-Palmer et al. 1998).
For more distant objects one can attempt a spectral synthesis, trying to reproduce the
observed characteristics of colour, spectral line index strength, etc under different assumptions about the following variables: ageg, variation of star formation rate and metal
abundance, and an IMF. Given a set of these parameters one then computes a time sequence of spectra, colours and other characteristics such as mechanical luminosity from hot
stellar winds. These are computed from a library of stellar evolutionary tracks, weighting
the contribution from each mass bin to the integrated light according to the chosen IMF.
There is more than one method of integration, and different models with similar input
parameters can produce significantly different results. For example the integrated light
may be calculated at each time step using either the spectrum emerging from a model stellar atmosphere (e.g. Kurucz 1992), or an observed stellar spectrum (e.g. Vazdekis 1999),
appropriate to the location along the evolutionary track. Another significant variable is
the set of stellar evolution tracks employed. Common extensions to the basic prescription
above are to include the effects of dust and allowing the chemical composition to change
during the life of the population.
Applied to ensembles of integrated colours of galaxies, this works surprisingly well. Early
modellers found that by adopting a common age, IMF, (constant) metallicity, and an
exponentially declining star formation rate, they could reproduce the most of the range
in UBV colours of ‘normal’ galaxies, just by varying the rate of decline (Tinsley 1968;
Searle, Sargent, & Bagnuolo 1973; Larson & Tinsley 1978). As colours became available
for a wider range of galaxies such population models quickly indicated different histories
for some of them. Searle et al. pointed out that the colours of dwarf galaxies could be
explained if the star formation history was discontinuous, consisting of a series of ‘flashes’
(or bursts) of star formation with long intervals of quiescence. Huchra (1977b) found that
the bluest galaxies (e.g. the Markarian lists, Huchra 1977a) could be best explained by a
special case of the ‘flashing’ model in which there is only one, recent flash, so strong that
the young component’s peak luminosity is comparable to the existing old population.
When studying individual objects the main difficulty with the method is that it is not
able to give unique answers, because there are strong degeneracies in the typical diagnostics between metallicity, age and dust. In other words, there are many evolutionary
paths can conceivably be followed to the same observed properties. One can try to break
the degeneracies with more colours (Charlot & Bruzual 1991) or indices computed from
g

Rarely mentioned explicitly today, although the search for young galaxies continues.
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Determining the star formation history of the dwarf Irregular galaxy Sextans A.

top: Observed colour-magnitude diagram, from Dohm-Palmer et al. (2002). The panels show

results from two separate HST observation cycles. The curves are stellar evolution models from
Bertelli et al. (1994). Polygonal regions were used to define subpopulations, such as the main
sequence and giant branch, above: (left) The same observations, binned up and with number
density represented by greyscale (Dolphin et al. 2003). {right) Synthetic CMD, calculated for a
metallicity [M/H]=—1.7 from the models of Girardi et al. (2002). The lower pair of plots have
been adjusted to match the scale of the upper pair.
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spectral lines (Worthey 1994), but even with high-quality spectra the sailing is not always
smooth (De Propris 2000). Looking back to early epochs (such as the Faint Blue Galaxy
population, reviewed by Ellis 1997), the problem gets somewhat easier because some of the
standard broadband filters now sample the ultraviolet spectrum, which undergoes strong
time variations. The populations are also intrinisically younger, which further reduces the
age-related degeneracies (Abraham et al. 1999; Ellis, Abraham, & Dickinson 2001).

1.4

Structure of the thesis

In this thesis I present new, detailed observations of two nearby late-type galaxies and
analyse the data in the context of the ideas laid out in the preceding sections. My approach
is to present the germane aspects of the data set in order of ever-refined spatial resolution.
This allows me to consider the merits of these concepts “in the large” and also to move
to more specific tests of the scenarios outlined above. The result is an exploration of
the predictive ability of the scenarios, rather than a crucial test of any. For example, a
comparison of the relative locations of young clusters and HI holes can be used to test
the hypothesis that HI holes are produced by the mechanical energy input of large star
clusters — the strong winds and supernova shocks produced by the most massive stars
— sweeping up the ISM. In Holmberg II, a dwarf galaxy best known for its impressive
population of HI holes (Puche et al. 1992), the hypothesis is only partly supported by
observations (Rhode et al. 1999). But a single object is not enough to overthrow an
attractive hypothesis, particularly since there exist other examples of the mechanism at
work. The question becomes one of degree — is this an important mechanism for HI hole
formation? Hence the need for more detailed data, on different galaxies, and different tests
that explore other aspects of the same hypothesis. Intrinsic differences in the galaxies,
and differing limitations of my observations, lead me to address different aspects of these
scenarios in each galaxy. Tables 1.2 & 1.3 outline the territory our explorations will cover.
The objects studied here were chosen for their large angular size, bright apparent B magnitude, favourable inclination and strength of HI emission. They were chosen to be Magellanic analogues so there is an immediate basis for comparison in the Small and Large
Magellanic Clouds. The high level of star formation ensures the relevant gas physics will
be displayed to best advantage. They lie in the transition region between true dwarfs (like
Holmberg II) and small spirals (such as Messier 33), which makes them interesting for
studies of how stellar feedback processes change with the mass of the host galaxy.
The following two chapters deal with NGC 4214, and the next pair with NGC 1156. A
final chapter summarises the new results and considers the next steps that should be taken
to further our understanding of these two galaxies. In the appendices, I describe some of

16

Chapter 1. Introduction

the tools and techniques that I developed during the course of this work.

Aspect
total HI content

Neutral Hydrogen Cube

column density map

raw material for star formation,
distribution of HI vs. molecular gas

rotation curve

rotation model, M/L ratio, SF from disk instability

disk ellipticity/warp

interactions with other galaxies

“forbidden”-velocity gas

bar potential, secular evolution, SF near ends of bar

HI holes & clumps

recent SF history, SF propagation

spatial distribution of HI linewidths

mechanical energy content & small-scale gas dynamics

Optical/IR Photometry

integrated mag & colours

analogues at cosmological distances

Optical/IR Imaging

surface brightness profiles

disk structure, gradient of SF history

isophote boxiness

barred potential

colour maps

recent SF history of subregions, define “old” population

optical images

location of young clusters

Hα images

current SF, HI bubble formation, HII-region LF, SF propagation

longslit spectra, HII regions

oxygen abundance, WR stars

longslit spectra, stellar disk

star cluster ages

échelle spectra

HII-region orbits

Optical Spectroscopy

Summary of the NGC 4214 observations.
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Table 1.2

Significance
disk mass and size

1.4. Structure of the thesis

Data Set
Single-dish Neutral Hydrogen Spectrum
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Aspect
total HI content

disk mass and size

Neutral Hydrogen Cube

column density map

raw material for star formation

rotation curve

rotation model, M/L ratio, SF from disk instability

disk ellipticity/warp

interactions with other galaxies

barlike kinematics

SF near ends of bar

holes & clumps

recent SF history, recent interactions

spatial distribution of HI linewidths

mechanical energy content &
small-scale gas dynamics

Optical/IR Photometry

integrated mag & colours

analogues at cosmological distances

Optical/IR Imaging

surface brightness profiles

disk structure, gradient of SF history, optical/HI shape

colour maps

recent SF history of subregions, define “old” population

optical images

disk inclination, infalling satellites

Hα images

current SF, SF propagation

longslit spectra, HII regions

extinction, oxygen abundance, WR stars

longslit spectra, stellar disk

star cluster ages, SF burst strength

échelle spectra

HII-region orbits

Optical Spectroscopy

Table 1.3

Significance

Summary of the NGC 1156 observations.

Chapter 1. Introduction

Data Set
Single-dish Neutral Hydrogen Spectrum

Chapter 2

Gas distribution and kinematics in
NGC 4214
2.1

Introduction

NGC 4214 is a late-type galaxy in the Canes Venaciti I group (de Vaucouleurs 1975). It
has been classified an irregular (de Vaucouleurs, de Vaucouleurs, & Corwin 1976; Hunter
& Gallagher 1986) and as a Magellanic spiral (de Vaucouleurs 1975; Sandage & Bedke
1995), the latter based on small stubby features projecting from the ends of the central
‘bar’. As we shall see, it satisfies most of the criteria for Thuan’s class of “blue compact
galaxies” (e.g. Thuan 1987).
Early measurements of the kinematics using optical emission lines from HII regions (Cheriguène
1975; Hunter 1982; Hartmann, Geller, & Huchra 1986), show a highly complex velocity
field. Hartmann et al. report localised discontinuities in the velocity field that are comparable to the rotation amplitude. My optical observations (Section 2.3) confirm and extend
their results. Recent long-slit observations (Martin 1998; Maíz-Apellániz et al. 1999)
and integral-field unit spectroscopy (Wilcots & Thurow 2001) find evidence for rapidly
expanding (∼ 70 km.s−1) bubbles of ionised gas in the central regions of the galaxy. The
inferred mechanical luminosity may be enough to start a galactic wind (Martin 1999).
HII regions provide sparse sampling of the continuous velocity field, and a more complete
picture can be obtained from measurements of the neutral hydrogen emission. Several
single-dish measurements (Table 2.4.1) and two interferometric studies (Allsopp 1979;
Skillman 1987) of the HI in this galaxy exist in the literature.
These show that the galaxy extends considerably beyond the central regions studied with
19
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optical techniques, and that the gas motions in the outer disk are more orderly than the
central regions. Allsopp’s maps could only resolve structures larger than a few arcminutes
across. At the highest resolution these showed some ‘chaotic’ velocity structure in the
central regions, presumably the HI counterparts of the complex velocity field traced by
the HII regions. Skillman’s observations with the Westerbork Synthesis Radio Telescope
reach higher resolution (∼2000), but he has published only descriptions of the image data.
A third set of observations have been made by the WHISPa collaboration, also using the
WSRT. The characteristic data are presented on the Internet as downloadable postscript
plots (smoothed to 30 00), and in Swaters et al. (2002). They confirm the results presented
here.
Given the complex inner velocity field and the smoother outer-galaxy motions, a comparison of the ionised and neutral gas kinematics at similar angular resolution is of great
interest. In this chapter I report a study of the HI distribution and kinematics with angular resolution between 800 and 3000, and the results of an interferometric study of the CO
in the central portion of the galaxy, done in collaboration with Fabian Walter and others
(Walter et al. 2001).

2.1.1

The distance to NGC 4214

A number of results in this chapter depend on the linear size scales that the observations
are able to resolve, so the question of the distance to the galaxy deserves some consideration
(see also Leitherer et al. 1996).
Accurate estimation of the distance is difficult. The low radial velocity and large (fractional) Virgocentric flow correction make simple Hubble-flow estimates uncertain. NGC 4214
is poorly suited to application of the Fisher-Tully relation, being a galaxy of late morphological type seen at low inclination. The brightest resolved stars and HII regions lie
in crowded regions, where it is difficult to obtain reliable magnitudes (Renzini 1998). Using this method Makarova, Karachentsev, & Georgiev (1997) have determined a distance
of 4.1 Mpc. The same workers estimated distances to six other galaxies in the group
(Tikhonov & Karachentsev 1998), yeilding distances between 3.6 and 8.6 Mpc, with a
median of 3.7 Mpc. No searches for Cepheid variables in NGC 4214 have been reported.
Saha et al. (1994) have recently used Cepheids to determine the distance (4.7 Mpc) of
IC 4182, which is also part of the Canes Venaciti I group, but the separation of the two
galaxies in space is unknown.
[ As this work was going to press, I became aware of two new distance estimates (Maı́zApellániz, Cieza, & MacKenty 2002; Drozdovsky et al. 2002), which employ the tip of the
a

http://www.astro.rug.nl/˜whisp/
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red giant branch as an indicator. These groups estimate the distance at 2.94 ± 0.18 and
2.7 ± 0.3 Mpc respectively, just outside the range for which I have allowed. ]
Another way to estimate the distances to galaxies is by using supernovae as standard
candles. Oneb supernova has been observed in NGC 4214, SN 1954A (Wild 1960). Its
spectrum was peculiar, so its classification (and hence the absolute magnitude to adopt)
is uncertain. In Table 2.1 I give the distance modulus for NGC 4214 under different
assumptions about the luminosity of SN 1954A. The photographic peak magnitude is
taken to be mpg = 9.5 ± 0.2, which translates (Hamuy et al. 1991) to a B magnitude of
9.7 ± 0.2.
Supernova SN 1954A was probably a Type Ib explosion, showing no lines of hydrogen in its
spectrum, nor the absorption features in the 4000–4500 Å range that are typical of SNeIa,
but with the strong lines of Helium characteristic of SNeIb (McLaughlin 1963; Greenstein
& Minkowski 1973; Branch 1990; Blaylock et al. 2000). Unfortunately the luminosities
of Type Ib supernovae are poorly known — few have been observed, and fewer have
good estimates of both distance and reddening (Richmond et al. 1994; Leibundgut 1996).
Type Ib and Type Ic explosions are thought to be core-collapses of massive stars that have
lost all of their Hydrogen layers (Harkness & Wheeler 1990), so the luminosity range of
Type II events may provide a constraint on the luminosity of SN 1954A. Schaefer (1996)
finds a range MB (max) = −12 to −18 over a volume-limited sample of Type II events.
Branch (1986) attempted a comparison of absolute magnitudes between SNeIa and Ib,
and found the latter were in the range −17.5 to −19 (if H0 = 50), at least 1 magnitude
fainter than SNeIa.
Although the constraint provided by Branch’s work is apparently tight, the issue of whether
Type Ia supernovae have a constant luminosity (Branch & Tammann 1992) is still under
debate. Estimates of the absolute magnitude (made under the assumption that the sample
has a small intrinsic dispersion) vary widely. A recent estimate of the absolute magnitude
of Ia events using Cepheid distances to the supernovae SN 1937C and SN 1972E yields
MB (max) = −19.71 ± 0.13 (Sandage & Tammann 1993). Pierce (1994) arrives at a
significantly fainter MB (max) = −18.74 ± 0.14, employing Fisher-Tully distances to a
sample of 16 galaxies. Pierce argues that the high luminosities favoured by Sandage &
Tammann imply a discontinuity in the Hubble flow or the Fisher-Tully distance scale at
about 5 Mpc from Earth, and rejects their result.
The evidence for a large dispersion in peak magnitude relies on accurate distance measurements to several objects, which have only been available in the last few years. Schaefer
(1996) discusses a volume-limited sample of supernovae and argues that a substantial
b

An unrelated remnant has recently been detected (Beck, Turner, & Kovo 2000).
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fraction of Type Ia events are ‘subluminous’. Similarly, van den Bergh (1996) finds SNeIa
peak luminosities ranging over MB (max) = −16 to −21, using distance moduli determined
from Cepheid variables in the host galaxy.
These results suggest that SN 1954A was less luminous than MB (max) = −19, and probably fainter than MB (max) = −18. Yet the other distance estimates suggest a distance
consistent with an absolute magnitude brighter than −18. For the remainder of this work I
adopt a distance of 4 ± 1 Mpc, corresponding to MB (max) = −18.3 ± 0.4. At this distance,
an object with diameter 19.4 pc subtends an angle of 100.
Source
Makarova et al. (1997) Blue Giants
Pierce (1994) Fisher-Tully
Saha et al. (1994) IC 4182 Cepheids
Virgo-corrected Hubble flow, infall = 300 km.s−1
Tikhonov & Karachentsev (1998) Blue Giants in neighbours
Source
Branch (1986)
Branch (1986) Type Ib
Sandage & Tammann (1993)
Pierce (1994)
Phillips (1993)

SNeIa MB at max.
−18.0 ± 0.2
−16.6 ± 0.3
−19.17 ± 0.2
−18.74 ± 0.13
(−21.7 ± 0.5)
+(2.7 ± 0.4) × ∆m15

D.M.(mag)
28.1 ± 0.5
27.6 ± 0.5
28.36 ± 0.09
27.8

D(Mpc)
4.2 ± 1.0
3.3 ± 0.8
4.7 ± 0.2
4.45h−1
3.7

D.M.(mag)
27.7 ± 0.3
26.3 ± 0.3
28.87 ± 0.4
28.44 ± 0.4
26.0 ± 1.8

D(Mpc)
3.5 ± 0.3
1.8 ± 0.3
5.9 ± 1.1
≤ 4.9 ± 0.9
1.6 ± 1.1

Table 2.1
Distance estimates for NGC 4214. D.M. is the distance modulus. In the
upper section of the table, it is a measured value. h is the normalised Hubble constant,
h = H0/100 km.s−1.Mpc−1 . In the lower section, it is the value one infers from the apparent
peak magnitude of SN1954A, and the maximum absolute magnitude listed in the second column.
In both sections, where D.M is shown the distance in Mpc is derived from the D.M.

2.2

HI observations

NGC 4214 was observed in the 21cm line of neutral hydrogen with the VLA interferometer. Table 2.2 gives a summary of the observational details. The receiver setup was
identical in all three observations. I used the 2IF mode with both polarisations tuned to
the same frequency, corresponding to a heliocentric radial velocity of 292 km.s−1 . To improve the S/N ratio, data from the two polarisations was combined on-line, with Hanning
smoothing. The 0.781 MHz bandpass was divided into 128 independent channels with a
channel separation of 6.1 kHz, corresponding to a velocity resolution of 1.29 km.s−1 . The
absolute flux calibration was made by observing 3C 286 for approximately ten minutes at
the beginning and end of each run, and adopting a flux density of 14.85 Jy Baars et al.
(1977). This calibrator was also used to derive the complex bandpass corrections. The cal-
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ibrator 1227+365 was used as a secondary amplitude and phase reference, being observed
every 35 minutes during the runs. My calibration determined the flux of this source to be
2.10 ± 0.05 Jy, in agreement with the 2.10 Jy given by the VLA Calibrator Manual.
The data were calibrated with the NRAO package aips, using standard procedures. Each
configuration was calibrated and edited separately, and the calibrated uv databases were
combined before being imaged. The imaging and cleaning steps were performed with
the miriad suite of programs (Sault & Killeen 1993, 1996), to take advantage of its
implementation of robust weighting (Briggs 1995) of uv data. This method of weighting
the uv data allows the user to obtain resolution and sensitivity in the output maps that
are a compromise between between the extremes offered by the uniform amd natural
weighting schemes. For multiconfiguration data, robust weighting is especially useful as it
reduces the ‘shoulders’ which arise in the dirty beam when giving natural weight to a set
of visiblities with dense sampling of the inner uv plane. The chosen weighting increased
the thermal noise by a factor insignificantly over that obtainable by natural weighting,
but the more nearly gaussian beam made deconvolution easier and more reliable.
Two sets of maps were produced. To map the global morphology with good sensitivity,
I made a low-resolution cube (beam FWHM 3000 × 3000) by inverting the uv data with
a taper of 3000 × 3000 FWHM (6 kλ in aips parlance) and ‘robustness’ of +0.4. This
cube was deconvolved with a variable-method clean code available in miriad, which
automatically selects the appropriate variant (Hogbom, Clark, or Steer-Dewdney-Itoh) of
the basic (Högbom 1974) algorithm to use, according to the progress of the deconvolution.
The clean components were convolved with a gaussian and combined with the residuals.
The dirty beam was close to gaussian and no scaling factor was needed to bring the
residuals onto the clean beam flux scale. After deconvolution the r.m.s noise level in the
channel maps was 1.2 mJy.bm−1 . A representative sample of channel maps from this cube
appears in Figure 2.1.
I also constructed a high-resolution cube, using a uv-taper of 800 ×800 (36 kλ) and robustness
−0.4 to produce produced a near-gaussian dirty beam measuring 800 × 800 FWHM. This
cube was deconvolved with miriad’s clean, yielding final channel maps with an r.m.s.
noise of 1.2 mJy.bm−1 .
When processing HI observations a normal part of the procedure is to remove continuum
emission from the data set. This is usually done before deconvolution since the continuum is usually much brighter than the line emission and removing it before cleaning can
significantly reduce the work required to clean the data cube. In the case of NGC 4214,
the continuum emission within the field of view is some diffuse emission from the galaxy
(peak ∼ 20 mJy.beam−1 ) and a partially resolved background source of 90±3 mJy.beam−1
approximately 60 to the west, while the brightest HI emission (in any single channel) is
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Figure 2.1 Sample channel maps from the low-resolution cube. The (heliocentric) radial velocity
of the channel and restoring beam FWHM are shown in the top left corner of each panel. The
greyscale is a linear stretch between -2 and 40 mJy.beam−1. Some of the central channels show a
short-spacing bowl.
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Figure 2.2 Position-velocity maps from the low-resolution cube, extracted along PA=90 ◦ , shown
with the same greyscale as Figure 2.1. East is toward the bottom of each pane.
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Configuration
Time on-source (hours)
Baseline length range (kλ)
Date of observation

B array
7.3
1.0–54
1994 July 30

C array
2.5
0.35–16
1993 August 9

Primary beam at half-power (FWHM)
FWHM of synthesised beam (Uniform, untapered)
Central velocity, heliocentric
Channel width
Rms noise in channel maps
Low-resolution, uv taper=9kλ, r = 0.4
High-resolution, uv taper=26 kλ, r = −0.4
Conversion factor, equivalent of 1 mJy.beam−1
3000×3000
800×800
4.500×3.900
Table 2.2

D array
2
0.17–4.9
1994 January 27
∼ 320
4.5 ×3.900
291 km.s−1
1.29 km.s−1
00

0.7 mJy.beam−1
1.3 mJy.beam−1
0.67 K
9.5 K
34.6 K

Parameters of VLA observations.

∼40–50 mJy.beam−1 . With few empty channels available, the usual uv-plane methods of
continuum removal performed poorly so the continuum was left in place during processing
and subtracted from the cleaned cube, using the technique described in Appendix D. This
method was applied to both the low- and high-resolution data cubes.
The information contained in the finished cubes was summarised by constructing maps
of the zeroth, first and second moments of the HI distribution function along the velocity
axis. In computing the moments, noise pixels were rejected via a ‘conditional-transfer’
algorithm, which operates as follows. The cube was smoothed with a gaussian kernel in
the spatial dimensions (over an area approximately that of the synthesised beam at half
maximum) and Hanning smoothed in velocity (over 5 channels, or 6.5 km.s−1 ). After
smoothing, any pixels in the cube falling below a certain flux limit were flagged and
the moments computed from the original cube, ignoring any flagged pixels. The column
density maps are shown in Figures 2.5 and 2.7.
From the low-resolution cube I also produced maps of the peak column density and velocity
of the emission peak, with the aips task xpeak (Figures 2.6 and 2.10). At every spatial
pixel, xpeak finds the peak emission along the velocity axis and fits a parabola to the
peak. Emission below a specified threshold is ignored in the fit, which was taken to be
4 mJy.bm−1 for this cube. The velocity field showed structure on scales smaller than the
beam size, so it was smoothed with a 3000 FWHM gaussian to enable comparisons with
the first-moment map.
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Échelle observations

Échelle spectra of the Hα emission from HII regions in NGC 4214 were obtained using
the MMTc. Observations were made on 1992 April 21-23 with the MMT échelle (Latham
1978) at a dispersion of 0.0151Å.pixel−1. The spectral resolution was 0.17Å FWHM
(7.8 km.s−1). The spectra were recorded with a photon-counting device, a Reticon diode
array mounted behind a two-stage magnetically focused image tube.
At the time of the observations the MMT used six independently controlled mirrors,
which normally brought all the images to a single focus. The MMT échelle however used
an “image-slicing” mode to feed the spectrograph. Each mirror focused light on a separate
slit, and the light is combined by optics in the spectrograph (Chaffee & Latham 1982).
This raised the possibility of spatial cross-talk, caused by an off-axis HII region image
from one mirror entering the slit used by another mirror. The cross-talk was checked by
taking a stellar image from one single mirror and positioning the star image on the slits
normally used by each of the other mirrors. Cross-talk was detected, but at a level below
5%.
Target coordinates were taken from the list compiled by Hodge & Kennicutt (1983). Positioning of the telescope was accomplished by blind offsets from a nearby Guide Star
Catalog star (no. 2529.1354). In all, 39 emission spectra were obtained, 4 of which were
repeats, taken to check for positioning errors and the internal uncertainty. This more than
doubled the number of precise HII-region radial velocities available over those collected by
Hartmann, Geller, & Huchra (1986). No intensity calibration was performed, but all spectra were divided by a flat lamp exposure, to remove pixel-to-pixel sensitivity variations.
Wavelength calibration was done by fitting a 7th-order polynomial to the arc-lamp exposures which bracketed each object spectrum. The r.m.s. error of the wavelength solution
was typically 0.06Å (2.7 km.s−1). Radial velocities were obtained by fitting gaussians to
the Hα emission line, and converted to the same frame as the HI data (heliocentric). The
results are listed in Table 2.3. Where there were two clear components, a simultaneous fit
was made.

c
The Mutiple Mirror Telescope is a joint facility operated by the Smithsonian Institution and the
University of Arizona.
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Ident
17128
17127
17140
17126
17125
17141
17072
17138
17132
17142
17095
17097
17144
17070
17139
17066
17066
17099
17099
17076
17075
17094
17124
17124
17073
17073
17143
17068
17098
17096
17074
17123
17093
17067
17136
17071
17131
17134

12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12
12

RA
J2000.0
15 33.32
15 34.20
15 34.55
15 34.74
15 34.81
15 37.90
15 38.17
15 38.42
15 38.69
15 38.70
15 38.71
15 38.78
15 39.01
15 39.11
15 39.21
15 39.41
15 39.41
15 39.41
15 39.41
15 39.48
15 40.03
15 40.14
15 40.24
15 40.24
15 40.35
15 40.35
15 40.37
15 40.54
15 40.58
15 40.69
15 40.69
15 40.69
15 41.03
15 41.03
15 41.06
15 41.15
15 41.38
15 42.41

DEC
Peak
Vel
FWHM
J2000.0
counts
km s−1
km s−1
36 22 08.59
4.7±0.9 275.0±2.6 33.0 ±4.9
36 22 08.40
4.1±0.8 287.8±3.2 43.2 ±5.3
36 20 00.90 11.1±1.4 252.3±1.5 27.7 ±2.8
36 21 23.60
7.7±1.1 293.4±1.9 31.3 ±3.5
36 19 50.80 12.1±1.3 269.4±1.6 33.2 ±2.6
36 19 54.11
6.4±1.1 300.1±2.2 32.1 ±4.0
36 19 44.02
4.6±0.7 292.4±3.4 56.6 ±4.9
36 19 30.62 10.6±1.2 294.2±1.7 35.4 ±2.9
36 19 29.92 32.9±1.9 293.4±1.1 36.9 ±1.5
36 20 05.32
6.1±0.8 318.4±2.9 57.4 ±4.1
36 19 38.62 11.1±1.1 304.4±1.9 48.6 ±2.8
36 19 43.92
4.5±0.6 316.8±3.8 71.1 ±5.0
36 19 29.42
9.3±0.9 307.7±2.3 56.0 ±3.1
36 19 51.22 12.0±1.2 312.8±1.7 41.9 ±2.7
36 19 46.52 31.5±1.9 311.5±1.0 32.5 ±1.5
36 19 34.42 14.1±1.1 286.1±1.8 52.3 ±2.4
36 19 34.42
5.0±0.8 361.1±3.1 52.2 ±4.7
36 19 34.42 28.5±1.6 287.5±1.2 46.3 ±1.6
36 19 34.42
8.4±0.9 360.8±2.3 53.3 ±3.3
36 19 41.12 12.7±1.1 302.8±1.8 48.7 ±2.6
36 19 34.92 35.4±1.8 289.7±1.1 40.2 ±1.4
36 19 38.22 18.3±1.3 301.3±1.5 50.6 ±2.1
36 19 27.53 34.6±1.6 295.3±1.2 50.6 ±1.4
36 19 27.53
3.9±0.8 372.5±3.2 41.6 ±5.5
36 19 31.53 18.4±1.5 268.6±1.3 33.2 ±2.0
36 19 31.53
9.8±0.9 301.6±2.2 57.8 ±3.0
36 19 06.23
7.9±1.0 293.8±2.2 43.3 ±3.5
36 19 12.83 63.6±2.5 280.3±0.8 36.3 ±1.0
36 19 34.13 18.8±1.3 306.6±1.5 51.5 ±2.0
36 19 03.43 59.6±2.5 293.4±0.8 34.9 ±1.0
36 19 09.43 140.3±3.6 290.1±0.7 35.4 ±0.6
36 19 09.43 51.8±2.3 291.8±0.9 36.4 ±1.1
36 19 03.33 39.0±2.0 286.8±1.0 37.9 ±1.3
36 19 03.73 71.1±2.5 285.5±0.8 40.5 ±0.9
36 19 22.03 13.1±1.1 293.6±1.8 48.5 ±2.5
36 19 26.73
6.5±0.8 312.4±2.6 50.9 ±3.9
36 19 13.33 18.6±1.5 297.9±1.3 34.1 ±2.0
36 18 31.04
1.5±0.6 302.7±6.5 48.0±10.8

HI Vel FWHM
km s−1
291.2
11.8
293.8
10.9
273.3
15.9
290.2
13.9
272.7
16.9
301.1
18.0
302.5
17.6
298.9
17.2
299.6
17.1
305.4
15.8
302.9
16.9
304.6
16.5
300.3
16.6
306.7
15.7
305.7
16.0
302.6
16.3
302.6
16.3
302.6
16.3
302.6
16.3
304.4
16.1
302.9
15.8
303.5
15.8
301.4
15.3
301.4
15.3
302.4
15.6
302.4
15.6
294.3
13.0
296.3
13.2
303.0
15.3
293.7
12.9
295.2
12.6
295.2
12.6
293.7
12.5
293.9
12.4
300.0
13.8
301.6
14.2
296.5
12.2
293.0
13.8

Table 2.3 Heliocentric radial velocities of HII regions in NGC 4214, from échelle spectra at Hα.
The “ident” is the exposure sequence number in the MMT échelle data archive. Where an ident
number is repeated, two gaussian peaks were fitted to the spectra. The HI velocities are read
from the first-moment maps (giving preference to the high-resolution map were possible). The HI
FWHM are computed from the (corresponding) second-moment map.
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HI distribution
Total recovered HI flux

The large angular size of NGC 4214 gives rise to concern that significant amounts of flux
will be missed by the interferometer, complicating physical interpretation of the deconvolved maps. Tests show that any missing flux is diffuse, and should not substantially
alter most of the conclusions drawn in later sections.
When images reconstructed from interferometer observations of a source show less flux
than is seen in single-dish observations, this is usually due to a lack of interferometer spacings short enough to detect the most extended structure in the source. Single-dish mapping
observations (Hunter, Gallagher, & Rautenkrantz (1982) and Huchtmeier & Seiradakis
(1985)) show that the galaxy extends over at least ∼260 , which at 21 cm corresponds to a
uv-plane baseline length of only 110 wavelengths. The uv-coverage of my observations is
fairly complete down to about 300 λ, but there are no spacings shorter than about 180 λ
(Figure 2.4). The 25m dishes of the VLA sample an angular scale corresponding to ∼ 100λ
around each plotted point (see Braun & Walterbos 1985 and Cornwell 1989), but this still
leaves a significant unsampled region in the central part of the uv plane. Thus there may
be some flux missing in the images reconstructed from the VLA data.
The missing flux can be estimated by comparisons with single dish data. This must
be done with caution as the galaxy overfills the beam of most large radio telescopes,
and careful single-dish mapping is needed for accurate results. Table 2.4.1 shows the
observed total HI fluxes in NGC 4214 from several instruments. Maps have been made by
Huchtmeier & Seiradakis (1985) with the Effelsberg 100m telescope, and for this project
by Dr. J. Galt during test time at the DRAO 26m telescope on 1995 Oct 20–23. The
latter is the sum of a 3 × 3 grid of pointings, spaced by half the width of the 340 beam.
The integration was left running over a weekend, for approximately 60 hours. The data
were taken in total-power mode with two separate circular polarisations and a channel
separation of 1.6 km.s−1 . Polynomial baselines were fitted and removed from the spectra
in each polarisation separately. The spectrum plotted in Figure 2.3 is the average of both
polarisations. The two single-dish mapping observations agree within 20% in total flux.
Figure 2.3 compares the total spectrum of the galaxy as seen by the VLA with the DRAO
single-dish observations. The left panel shows the spectrum obtained directly from the
fourier plane, by vector averaging the shortest baseline (∼ 190λ) in the uv database over
the length of the observation. There is an obvious shortfall. A similar result is obtained
from summing the flux in the image plane: that comparison is shown in the right half of
the figure. The sums were made with the automated method described in Appendix B.

30

Chapter 2. Gas distribution and kinematics in NGC 4214

Figure 2.3 left: Total HI spectrum of NGC 4214, calculated from the short-spacing uv-data
(solid line), versus the area-integrated spectrum obtained at DRAO. right: Total HI spectrum of
NGC 4214, extracted from the low-resolution cube (solid), compared to the same DRAO spectrum.

These results show that the VLA observations contain ∼ 70% of the total flux in any one
channel, but that as much as half of the global total may have been missed. From the
discussion of the uv-coverage above, one expects that the missing flux is diffuse emission.
To estimate the losses of flux on different angular scales, I performed some simulations to
answer the question: given the uv-coverage, how well can the deconvolution algorithms
recover objects of various angular sizes? The tests were conducted using circular gaussians.
These are a poor approximation to the shape of the emission in an individual channel map,
but serve for the purposes of illustration. Gaussians with different FWHM were convolved
with the dirty beam of the 3000-resolution cube and the results were cleaned with both
the clean and maxen algorithms. Cleaning was stopped when the dynamic range in the
restored image reached 100:1. The results are in Table 2.5. I also made a test to establish
the effects of over-cleaning by continuing to clean for 50,000 cycles (column 4). The
deconvolution diverges for large angular scales, reducing the recovered flux by deepening
the zero-spacing bowl.
In all cases most of the flux is recovered, but successively less for objects with power on
scales larger than 20 . The deficit is significantly large only for the 100 case, which suggests
that any flux missing from the present observations is diffuse emission.
A further test was conducted to check whether the missing flux has any effect on the
small-scale structure in the moment maps. There is a concern that errors in the base
level on large angular scales owing to inaccurate reconstruction of unobserved angular
scales may depress the contribution to total flux and velocity-field maps from the affected
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Figure 2.4 top: Sampling of the inner uv-plane by our observations. The portion of the uv
plane sampled by the individual 25m dishes of the VLA is ∼ 0.1kλ. Baseline length corresponds to
the distance from the origin; the spatial phase angle corresponds to the angle measured from the
+u axis towards the +v axis. above: Short-baseline fluxes. The plotted values are amplitudes at
the systemic velocity, 291 km.s−1, as a function of distance from the origin of the uv plane. The
maximum angular extent of the galaxy corresponds to ≥ 0.1 kλ.
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Telescope FW HM
Agassiz 18m
53'
Jodrell Bank 26 x 38m
36'
12'
Jodrell Bank 76m
Greenbank 91m
11'
11'
Greenbank 91m
Bonn 100m
9'
Penticton 26m
VLA, 0-200A
VLA, 0-50kA
VLA, 0-50kA
1. Epstein (1964)

Gas distribution and kinematics in N G C 4214

f Svdv Ref Notes
320 ± 60 1 Incl. 23 ± 1 from NGC 4190
279 ± 15 2 single pointing
2 single pointing
191 ± 3
161 ± 2
3 single pointing
159 ± 2
4 (244 ± 2)
5 sum o f map
320 ± 2

265 ± 2
181 ± 2
181 ± 2
191 ± 2
(arcmin) (Jy.km.s *)
34'
<19'

6
6
6
6

sum o f 3 x 3 grid
from uv data
sum of channel maps
histogram method (Appendix B)

2. Stavely-Smith & Davies (1987)

3. Hunter, Gallagher, &: Rautenkrantz (1982) 4. Tifft & Cocke (1988)
5. Huchtmeier & Seiradakis (1985)

6. This work

Table 2.4
Single-dish measurements of total HI in NGC 4214. Unless otherwise noted, the
measurements refer to the flux from a single pointing, and are not corrected for the extension of
the source within the beam.
channels — flux that would normally be detected by the conditional-transfer algorithm
may fall below the clipping limit. On the other hand, any bowl is deepest in channels
with strong emission, so the overall morphology and velocity field may well be preserved.
This was tested by cleaning the low-resolution cube with the maximum entropy algorithm
(program MAXEN in MIRIAd ). Compared to CLEAN algorithms, maximum-entropy methods
give smoother structures, and are less susceptible to leaving deep bowls around cleaned
emission. Moment maps formed from the resulting cube had almost identical structure,
but slightly lower angular resolution. There was a small offset in integrated flux density
(~0.05 Jy.bm_1.km.s_1), with no systematic deviations.

The r.m.s.

difference of the

velocity fields was only 2 km.s- 1 , with no systematic differences.
It is useful to estimate the surface brightness o f the missing flux, as this affects the total
column densities derived in later sections. Huchtmeier & Seiradakis (1985) publish a chan
nel map o f the emission at the systemic velocity with contours from 10 to 120 mJy.bm

.

The lowest contour level extends over 26', and they comment that the gas probably ex
tends further than this.

If we assume the missing flux at this velocity (~ 1.6 Jy) is

distributed as a gaussian with a 3-sigma diameter of 26'(FHW M = (26/3) x 2.345 = 20'),
the flux collected by the low-resolution VLA beam (30;/) at the peak of this distribution
is given by the ratio of the beam areas 1.6 x [0.5'/20/]2 ~ 1 mJy, i.e. a surface brightness
of 1 m.Jy.bnr 1. This is comparable with the noise limit; such extended flux would be
undetectable in the present observations. As regards total column densities, the short
fall is 74 Jy.km.s- 1 . Distributed as a FW H M =20' gaussian, this would raise the level at
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the centre of the low-resolution zeroth-moment map by 0.082 Jy.bm−1 .km.s−1 . Thus, the
maximum contribution from the diffuse component to any point in the map is equivalent
to a column density of < 1 × 1020 atom.cm−2 or ∼0.8 M .pc−2 .
Approximately 30% of the HI flux in NGC 4214 appears to have been missed by my
observations. However this is appears to be very diffuse emission, on angular scales >100.
Addition of an appropriate short-spacing data set would complete the large-scale picture,
but is unlikely to change the detailed structure visible in the maps at hand. This is
confirmed by the WHISP project’s maps of the galaxy, which show structure extremely
similar to that in the figures presented below.
Gaussian
maxen
clean
clean
FWHM r.m.s. cutoff r.m.s. cutoff very deep
10
1.10
0.99
0.99
20
1.01
1.00
0.99
50
0.94
0.95
0.64
100
0.70
0.60
∼ 0.30
Table 2.5 Flux recovery tests. The tabulated values are the fraction of flux recovered for a
particular deconvolution method and angular size scale. The overestimate of flux by maxen is due
to aperture positioning and the positivity requirement in the algorithm.
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Structures in the HI distribution

Figure 2.5 shows the map of HI column density for the low-resolution cube. The detection
threshold is set to 1.0 ×1020 cm−2 . This corresponds to a gaussian peak 4–5 times the
r.m.s. noise of the channel maps, assuming a peak with σ ∼ 10 km.s−1. The shape of
the outer edge of the disk is probably affected by the missing short spacings, particularly
the SE and NW quadrants. The recovered HI is distributed in a disk of MHI = 6.3 ×
108 M , elongated along PA=135◦ ± 15◦, similar to the inner optical isophotes. The
1×1020 cm−2 contour covers roughly 140×110 (27×22 kpc). Although there is a signficant
degree of lopsidedness and nonaxisymmetric structure within the disk, the outer limit
of the HI is well centered on the optical galaxy (Figure 2.8). There are several large
clumps and complexes, the strongest coinciding with the brightest central (r < 2.5 kpc)
star-forming regions (Figures 2.8, 2.9). These lie within an irregularly-shaped ridge of
emission, running approximately along PA=150◦. Some gently curved ‘spiral’ features are
also visible. These are better seen in a map of peak brightness temperature (Figure 2.6)
and the high-resolution moment map (Figure 2.7). In the latter, the two central complexes
break up into several smaller clumps, reaching peak column densities of 4 × 1021 cm−2 .
The spiral features in the HI are curved in the opposite sense to the stubby optical ‘arms’
projecting from the ends of the ‘bar’. There is a suggestive coincidence between optical
and HI features at the northern ‘stub’ in the optical image — if one follows the arm-like
HI feature running from (offset coordinate) ∆RA=000 ,∆Dec=−20000 to −6000,+2000 the two
match up in width and position, although the HI ridge aligned along PA=−10◦ intervenes.
A similar coincidence at the southern end is not apparent.
There are numerous depressions or holes in the gas distribution, of various sizes. The
largest of these is at the southern end of the HI ridge; another depression centered at
+3500,−1000 is a complex of smaller holes, forming a ‘moat’ around a central peak. A full
listing is presented in Section 2.7.
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Figure 2.5 Low-resolution (3000 × 3000 FWHM) map of NGC 4214. The contour levels are
0.5,1,2.5,5,10,15,20,25,30 ×1020 atom.cm−2. The greyscale runs from 0.1 to 20×1020 atom.cm−2,
(with a sqaure-root transfer function). The synthesised beam appears at upper left. The offset
coordinates in this and later figures are with respect to α = 12:15:39.50, δ =+36:19:39.0, (J2000.0).
At a distance of 4 Mpc the displayed area covers 19×19 kpc.
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Figure 2.6 Peak brightness-temperature map (Kelvin units) of the low-resolution cube. The
contours are from an optical B-band image (100, 200, 400 and 1600 counts). The dashed box shows
the region displayed in Figure 2.7.
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Figure 2.7 High-resolution (800 × 800 FWHM) map of the HI distribution in NGC 4214 (zoomed
in to a 50 × 50 window). The synthesised beam appears at upper left. The greyscale runs from 0.9
to 36×1020 atom.cm−2, with a square-root transfer function. The cross marks the rotation centre
(see Section 2.5.1), α=12:15:37.84, δ=+36:19:51.0 (J2000.0). Optical contours as in Figure 2.6.
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Figure 2.8 Total HI contours of NGC 4214 plotted over a B-band image. The contour levels are
as in Figure 2.5. Crosses mark field stars used to measure the orientation and scale of the optical
image.
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Figure 2.9 Total HI contours of NGC 4214 plotted over a continuum-subtracted Hα image.
The contour levels are as in Figure 2.5. The large cross marks the rotation centre derived in
Section 2.5.
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HI Disk Kinematics

Three representations of the velocity field contained in the datacubes are shown in Figure 2.10. They are broadly similar. The differences between the first moment and peakemission velocity images arise from two-component and asymmetric spectral lineshapes,
to which the peak-fitting method is insensitve. Some of these features are not reproduced
in the high-resolution moment map, partly because neighbouring features are not smeared
together and partly because some of the secondary peaks fall below the sensitivity limit.
Reduced beam smearing also makes more details visible in the bar region.
The major features are the closure of the velocity contours midway through the disk, and
the strong twist (∼ 40◦) in the central regions. At large radii the receding kinematic
major axis lies along PA∼ 90◦, about 60◦ from the major axis of the inner optical light
distribution, but nearer the centre the isovels twist to be roughly parallel to the optical
major axis. The minor kinematic axis is not perpendicular to the kinematic major axis
on these scales, the separation being more like 70–80◦.
The second-moment maps (Figure 2.11) show the outer disk to be mostly smoothly rotating
gas, but the central regions are complex. Besides being disturbed by the energy input of
the stars (see Section 2.8), the velocity field is also shaped by clumps of gas moving at
peculiar velocities in the region near r = 10000, where the isovels begin to twist strongly,
which coincides with the edge of the bright ‘bar’ of optical emission. These clumps act
to exaggerate and distort the twisting of the isovels. They appear in the channel maps
(Figure 2.1, v=269, 285, 304 and 316 km.s−1 ) at locations ‘forbidden’ to gas moving in a
smooth differentially rotating disk.

2.5.1

Tilted-ring analysis

To determine the rotation amplitude and strength of the decline in projected rotation
velocity at large radii, some preliminary tilted-ring model fits to the velocity fields were
made with the rocur task in aips. rocur makes an automatic least-squares fit of the
systemic velocity, rotation centre, circular speed, position angle and inclination, in a series
of independent ellipses. The annuli are assumed circular in the plane of the galaxy disk, i.e.
their ellipticity results from the inclination angle. The independence of the annuli removes
any assumptions about the shape of the rotation curve and allows greater flexibility in the
sort of velocity fields that may be fit, such as galaxies with strongly warped disks.
An important part of such fits is determining the inclination; for sufficiently inclined
galaxies it can be determined from the velocity field (Begeman 1987) but where i < 40◦,
other information, such as HI or optical axis ratios, is usually required. The inclination of
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Figure 2.10 Velocity fields for NGC 4214. left: First-moment map from the low-resolution cube. centre: Map of the peak-emission velocity
from the low-resolution cube, smoothed over one beam width. right: First-moment velocity field from the high-resolution cube.
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Figure 2.11 Second-moment images of the NGC 4214 HI cubes, computed with the aips task
momnt. The greyscale is in units of km.s−1. Most regions with second moment > 20 km.s−1
contain two or more line components along the line of sight (see page 46).

NGC 4214 is low and uncertain. The inner isophotes are distorted by the bar, and they
become near-circular at large radii (Chapter 3). Schild (1984) attempted to remove the
contribution of the young population and found an underlying exponential disk inclined
at 38◦, lying along PA=126◦. The axis ratio of the gas distribution implies a circular distribution inclined at 20–30◦, but elongated along ∼ 135◦ rather than along the kinematic
major axis, PA∼ 90◦). Similar values obtain for the column density map on the WHISP
website. This implies that either the orbits do not lie in a single plane, or the assumption
of circular symmetry is invalid for at least one of the isophotes, the HI surface density
contours, or the gas orbits. Given this ambiguous data I attempted to determine the incli-
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nation from the velocity field itself. However rocur fits with all parameters freely varying
failed to converge or gave sharp differences in inclination between adjacent annuli, so after
some experiments with different fixed inclinations 30◦ was adopted for the remainder of
the analysis. With the inclination fixed, mean values were determined for the rotation
centre coordinates and systemic velocity, and a second round of fits was made, for the position angle and circular velocity as a function of radius. The above fitting used both the
receding and approaching sections of the velocity field, but excluding regions within 30◦
of the minor axis since (for the case of circular rotation) they provide little radial velocity
information. As a consistency check and to estimate the uncertainties, I made fits to the
receding and approaching halves of the moment map separately. A further set of three
fits were made for the velocity map produced by xpeak, which returned slightly higher
rotation velocities, particularly in the inner section of the rotation curve. The resulting
values are plotted in Figure 2.12. The fits to the approaching and receding halves of the
galaxy give similar circular rotation speeds to the two-sided fit, but discordant position
angles. In what follows, the two-sided fit will be assumed to represent the rotation curve.
The rotation centre, determined from the rings fitted between 100 and 30000 from the
optical centre is α=12:15:37.8, δ=36:19:51 (J2000.0). This coincides with the NW end of
the optical bar, about 2500 from the bright star cluster NGC4214#1. The 3σ uncertainty
is no more than 1500 in either coordinate. The systemic velocity is 292 ± 2 km.s−1, in good
agreement with the values derived from single-dish observations. The strong decline in
velocity at large radii is faster than Keplerian and must arise from some perturbation of
the velocity field, such as a warp of the HI disk so that the outer regions are more face-on.
But that explanation fails to account for the other features; below, I consider a range of
velocity-field models.

Asymmetric Drift Correction

A parcel of gas orbiting in a gaseous disk is subject to two major forces; the gravitational
force of the potential well, and (countering this) a gradient in gas pressure, with gas
further down the potential well at higher pressure. The effect of the gas pressure is to
allow the parcel of gas to orbit more slowly than required by gravity alone. Hence when
comparing the observed rotation velocities to dynamical models (which model only gravity)
the rotation velocity fitted by the tilted-ring model must be increased to account for the
difference, termed the asymmetric drift (σD ).
2
2
2
Vcirc
= Vrot
+ σD
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Figure 2.12 Fitted circular rotation velocity and position angle for NGC 4214. obtained as
described in the text. The solid line at the bottom of the left panel shows the rms residual in each
annulus, corrected for the assumed inclination (30◦). (top:) Fit to the first-moment velocity field.
(above:) Fit to the velocity-of-peak velocity field, which has smaller residuals.

For massive, fast-rotating galaxies this is usually a negligible change, but it can be an
important term for low-mass objects like NGC 4214. σD has three components (see e.g.
Meurer et al. 1996):
2
σD

2

= −Rb



∂ ln b ∂ ln h
∂ ln Σg
+2
−
∂R
∂R
∂R



where R is the radial coordinate, Σg is the mass surface density of the gas, b is the gas
velocity dispersion and h the vertical scale height. The first term can be measured from
the column density map, although the estimate becomes noisy at the edges of the disk.
The second term is also measurable, if the observations have enough spectral and spatial
resolution, but one must make allowances for the cases where there are multiple (physically
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Figure 2.13 Asymmetric drift corrections. top left: Minimum correction (dashed line), assuming
a constant scale height and constant gas velocity dispersion, σgas =8 km.s−1. Here the gradient
in gas surface density was calculated from differences of neighbouring annuli. The dashed curve
shows log(surface density). top right: Maximum correction (solid), obtained by fitting functional
forms to the azimuthal averages of the gas surface density and second-moment, then differentiating
to obtain σD . Scale height was assumed constant. above: Final rotation curve (solid) after the
maximum corrections (dash-dotted line) have been applied to the rotation curve derived from the
xpeak velocity field (dashed line).

46

Chapter 2. Gas distribution and kinematics in NGC 4214

unconnected) components of emission along the line of sight. The low-resolution secondmoment map shows a significant increase towards the centre (Figure 2.11) but this is
almost all due to multiple velocity components along the line of sight; inspection of the
cube at these locations shows multiply-peaked line profiles rather than a single broad peak.
In addition the high-resolution second moment image shows a much smaller gradient.
The regions where the emission is composed of a single broad component (linewidth ∼
10 − 12 km.s−1 ) lie mainly within the innermost ring of the model. The last term is
usually inferred from the dispersion b (see also Sicking 1997). It could also be estimated
from the sizes of HI holes at different radii (Puche et al. 1992), but the uncertainty would
be of order 100%. A minimum correction for NGC 4214 was estimated by assuming a
constant scale height, and a constant dispersion. A maximum correction was computed
by assuming the low-resolution second-moment map measured b exactly. The results are
shown in Figure 2.13; the correction rises to approximately 30% of the rotation speed at
small and at large radii, flattening the rotation curve to some extent but clearly preserving
the maximum at R ∼ 3 − 4 kpc.

2.5.2

The declining rotation curve

The rotation curves shown in Section 2.5.1 represent the best-fitting circular velocity under
the constraints set by the fixed parameters. Here I consider the physical circumstances that
could give rise to the velocity field. Allsopp (1979) has already studied the gross features
of the velocity field in NGC 4214, in particular the apparent decline at r > 3.5 − 4.0 kpc
and the twist of the minor kinematic axis away from being perpendicular to the major
kinematic axis. He considered three models — a warp in the disk such that it becomes
more face-on at larger radii, gas moving on elliptical orbits aligned with the optical bar,
and a flow towards or away from the galactic centre. These form a sequence in the sense
that the warp models consider the decline can be produced by a pure circular rotation
viewed in special circumstances, while the the elliptical-orbit and streaming models impart
an extra velocity component to the gas orbiting at r ≤ 4 kpc. However, as we shall see, no
one of these options is enough to explain all the features in the velocity field of NGC 4214.

Constraints from scaling relations
Recently, Stil (1999) has shown that the rotation curves of dwarf galaxies have similar
shapes, controlled by two scaling parameters VT O, RT O. These can be related to the
scaling parameters for the rotation curve of a spherical isothermal dark halo (V0, rc), and
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to the optical properties of the galaxy. The isothermal sphere density distribution is
ρ(r) =

1
V02
 
.
2
4πGrc 1 + r
rc

(2.1)

with the rotation curve given by
 
 
r
r
(π/2 − arctan
)
v(r) = V0
rc
rc

(2.2)
(2.3)

Stil finds V0 = VT O/0.590 and rc = RT O /1.515. These ‘turnover’ parameters are defined
by the radius at which the logarithmic slope of the rotation curve
S=

d ln v
d ln r

(2.4)

reaches 0.5. These parameters are closely correlated with the absolute magnitude and
optical disk scale length:
log VT O = −0.051MB + 0.94,
log RT O = −2.20 log VT O + 4.16 + log h

−1.35 < MB < −20

(2.5)
(2.6)

Assuming the dark matter structure of NGC 4214 conforms to these relations and taking
MB = −18.5, h=1.04 kpc (5400) gives V0 = 130 km.s−1 and rc = 710 pc, a much more
massive disk than considered above. If this model accurately represents NGC 4214, the
inclination of the galaxy must be < 20◦ at all radii.

Warped-disk models
The decline in the outer velocity field can be explained as a disk in circular rotation that
is warped so that the outer annuli are more face on.
If the actual rotation curve were to follow that seen in galaxies of similar luminosity,
and kept rising or flattened out gradually (e.g. Broeils 1992), the required warp would
begin at a point just beyond the edge of the optical disk. Briggs (1990) identifies certain
characteristics of warped disks, and NGC 4214 is broadly consistent with these. The
characteristics are that: warps generally begin between RµB =25 , and the Holmberg radius
(RµB =26.5); the warp changes character near RHo; and beyond this radius the position
angle of the line of nodes advances in the direction of rotation for larger radii. In Chapter 3,
I show RµB =25 ' 4 kpc, just outside the radius at which the velocities begin to decline. The
surface photometry doesn’t extend to µB = 26.5, but extrapolation of the outer gradient
gives RµB =26.5 ≥ 6 kpc. The HI data extend somewhat beyond this and indeed the position
angle does begin to wander, though this is probably due to the data poorly constraining
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the fit. The HI arm features imply the direction of rotation is counterclockwise, and the
PA does increase in this direction.
The size of the inferred warp depends on the adopted inclination of the central regions. A
lower bound to the degree of warping can be set by the requirement that the deprojected
rotation speed at the edge of the disk must be at least as large as that required to support
the mass of gas and stars. Figure 2.20 shows just such a comparison. The constraint
is weak because the minimum velocity required is proportional to the square root of the
mass to light ratio adopted for the stellar disk, and the gravitational effect of the stars
dominates the overall rotation amplitude required. The effect of HI is to slow the decline
of the rotation curve at large radii. The plausible range in M/L for a population with the
colours of NGC 4214 is ∼1–3. Smaller M/L produce a total curve with a flatter appearance
and lower rotation amplitude; larger values produce a rotation curve that declines more
strongly. The radius where the rotation peaks stays close to 1.5 kpc. M/L any higher
than 1.2 sets the maximum inclination at the outermost radius to be < 30◦; for M/L = 2,
i must be < 26◦ while M/L=3 implies i < 22◦.
To explore these matters further, I conducted some experiments with the inspector task
in the gipsy package. This program enables one to compare a kinematic model to the
data cube, rather than the sometimes distorted summary of the data given by the first
moment and xpeak velocity images. Figure 2.15 shows a few cuts through the cube, with
the rocur fit superposed. The large-scale structure is reproduced, but imperfectly. In
particular, the model does not match the data well near the kinematic minor axis — not
surprising as this region was excluded from the fitting process — and underpredicts the
line of sight velocities for PA=120◦ , only 30◦ from the major axis.
Swaters (1999) includes NGC 4214 in his sample, and fits a steadily rising rotation curve.
Unfortunately he does not show the run of inclination or position angle with radius, just
summary values. I adopted his circular velocities, position angle and inclination, then
varied the inclination in the outer annuli to obtain a best match. The result (Figure 2.16)
is not an obviously better model; some variations in position angle seem to be required.
Therefore I started again from the rocur result, flattened the outer rotation curve, and
adjusted the position angle and inclination parameters to improve the fit, producing Figure 2.17. The inclination in the outermost rings falls to as low as 10◦ .
Finally, I became curious about the cause of the sharp features near r = 10000 and adjusted
the circular velocities of the last model above in order to match them (Figure 2.18). A
‘peaky’ rotation curve is required, which is a hint that the gas there may have an additional
component of velocity (e.g. from bar streaming) on top of the rotation.
It seems likely the decline in the outer rotation curve is the result of a warp, but the precise
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change in inclination is impossible to determine uniquely. However it cannot explain the
misalignment of the kinematic minor axis; if the major-axis position angle increases at
large radius, the minor axis position angle would advance as well, opposite to what is
observed.
If the true rotation curve is indeed flat beyond r = 3 kpc, with v = 75 km.s−1 at the last
fitted radius (r = 6 kpc), the implied enclosed mass is 7.8 × 109 M .

Figure 2.14

Summary of the velocity field models on pages 51 – 54.

Elliptical-orbit model
The tilted isovelocity contours in Figure 2.10 resemble the velocity field observed in barred
galaxies, such as NGC 1365 (Jorsater & van Moorsel 1995). The ‘boxy’ optical isophotes
of the inner galaxy suggest that a large fraction of the stars are moving on elliptical or
parallelogram orbits, presumably in a dynamical bar, and the gas motions are likely to
reflect the distortion of the potential.
A calculation of the viable orbits in a barred potential, and the resulting velocity field
for some assumed gas distribution, is beyond the scope of the current work (but see e.g.
Levine & Sparke 1994, Levine & Sparke 1998, Wozniak & Pfenniger 1997). However some
insights may be gained from a model in which the gas moves on closed elliptical orbits over
some region of scale R0 , becoming rounder with increasing radius. Binney et al. (1991)
discuss why the gas clouds in a galactic disk should be on closed orbits.
Allsopp’s model of NGC 4214 conjectured that the gas follows elliptical paths in the
plane of the disk, elongated parallel to the bar and becoming rounder at larger radii.
To reproduce the closed isovelocity contours near r ∼ 3 kpc required an extreme perturbation, with the gas orbiting up to 40 km.s−1 faster than the circular rotation speed
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(∆v sin i = 25 km.s−1 ). This is over half the maximum rotation amplitude of the warpeddisk models, and requires either highly elliptical orbits, or a large amount of mass in the
bar (of order 1/4 of the total mass). However bars in late-type disks are usually rather
weak (Elmegreen & Elmegreen 1985; Elmegreen et al. 1996a), which leads one to expect modest ellipticities and relatively small noncircular components of velocity. A more
modest scenario where the ellipticity varies smoothly across the disk and the streaming is
constrained (see Section 4.5.3 for details) can twist the kinematic minor axis in the right
direction, but does not produce closed contours just beyond the ends of the bar.

Bar-streaming model
The third option discussed by Allsopp is that the disk is not warped but rather there is gas
flow along the bar in addition to rotation. Taking the stellar arms to be trailing he found
that an outflow of 20km.s−1 (v sin i = 12 km.s−1) was able to produce an appropriate
twisting and peaking of the isovelocity contours. However if the spiral features in the
gas (Figure 2.5) are trailing, then the sense of rotation is opposite to what he assumed,
and the net flow would be inward. Models of bar-fuelling and disk secular evolution
that include the effects of stars and gas (Friedli & Benz 1993; Heller & Shlosman 1994;
Noguchi & Shlosman 1994; Berentzen et al. 1998) exhibit substantial inflows during the
simulations, which provides an attractive way of explaining the large column densities
(∼ 4 × 1021 atom.cm−2) seen in the high-resolution images. Whether large enough flow
velocities could be achieved in a relatively low-mass object like NGC 4214 is unclear.
Detailed models beyond the scope of this work are required.
At this point it is worth noting the additional strong twist of the isovelocity contours
in the central 10000 of the galaxy, which was not visible in Allsopps’ maps. This could
arise from elliptical or streaming motions (perhaps more plausibly than the large-scale
distortions addressed above), but the pattern is complicated by the presence of discrete,
‘high-velocity’ clouds (Section 2.10).
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Figure 2.15 rocur velocity field model, compared with the data cube. The panels at right show (top:) the position angle, (middle:) inclination
and (above:) circular velocity, for each ring of the model.
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Figure 2.16

Swaters’ velocity field model, compared with the data cube. The panels at right are as for Figure 2.15.
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Figure 2.17 Modification of the rocur model; first the velocities in the outer disk were flattened (set equal to the maximum found in the
original solution.) Then the inclination and position angle were tuned by eye.
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Figure 2.18 The model in Figure 2.15, with the circular velocities adjusted to best reproduce the sharp features near the inner part of the
galaxy, and inclination adjusted as in Figure 2.17.
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Gas surface density and star formation

A necessary condition for star formation at any point within a galaxy is sufficient quantities
of gas in an unstable state. In this section I examine the correlation between star formation
and HI gas surface density in NGC 4214, both in terms of the disk instability model
(Section 1.3) and in terms of absolute quantities.
The mean radial profile of HI surface density is shown in Figure 2.19 and the lower panel
of Figure 2.20. The plotted points were obtained by averaging in elliptical annuli corresponding to circles inclined at 30◦ and aligned with the kinematic major axis determined
in Section 2.5.1. The ellipses were concentric about the rotation centre, which is offset
from the brightest point of the column density map and the optical centre. Compared
to the azimuthal mean, the column density within the HI ridge is enhanced by over 50%
along most of its length. The two holes noted above have column densities less than 20%
of the mean value.
The shape of the gas surface density profile in Figure 2.19 is typical of late-type galaxies
(Broeils & Rhee 1997), but the galaxy is richer in gas than most. The peak gas surface
density is 12 M .pc−2 (typical values in the Palomar-Westerbork survey (Wevers et al.
1986) are 8-12 M .pc−2 ). Averaged over the diameter D where the HI surface density is
greater than 1 M .pc−2 , the surface density < σHI >= 4MHI /πD2 is 3.6 M .pc−2 , if the
total flux obtained by my VLA observations is used. This is close to the the mean for
Sm/Im galaxies (3.8 ± 1) found by Broeils & Rhee (1997). However some diffuse flux was
missed. An upper limit can be obtained by using the flux integral given by Huchtmeier &
Seiradakis (1985) but the same 1 M .pc−2 diameter; this yields a mean of 5.7 M .pc−2 ,
well above the range observed by Broeils & Rhee. Yet the HI central surface density of
NGC 4214 is not as extreme as those found in Blue Compact Dwarf galaxies. van Zee,
Skillman, & Salzer (1998) and Taylor et al. (1994) show BCDs with strongly peaked HI
surface density profiles, with peak densities in the range 8–25 M .pc2 , well above the
typical dwarf Irregulars (van Zee et al. 1997).
The low inclination and uncertain rotation curve of NGC 4214 make it difficult to estimate
the critical surface density for star formation. Figure 2.19 shows three possible representations of the rotation curve and the consequent critical density prediction. To compute
the critical curve, I have adopted α = 0.3, as suggested by Hunter, Elmegreen, & Baker
(1998). However they determined α from a group of objects significantly less luminous
than NGC 4214 (−16 < MB < −10) and found that for their comparison sample of LSB
galaxies (with −19 < MB < −16) α = 0.67 would be appropriate. Adopting α = 0.67
would scale up the critical curve locus by a factor of 2.2.
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Figure 2.20 top: Contributions to the rotation curve from stars (crosses) and HI, corrected for
heavy elements (triangles). The total rotation is shown as the solid curve; the solid points are the
circular velocities determined by rocur. above: stellar and gas mass surface densities. The M/L
for the stars was taken to be 1.2 (in the Johnson B band), and the system inclination as i = 30 ◦.

Adopting the constant-inclination rotation curve from Section 2.5 would predict that star
formation should appear mostly in the outer reaches of the disk. However this rotation
model is almost certainly wrong for NGC 4214. A flat outer-disk rotation curve implies
that the entire outer disk is approximately at the critical surface density, although this
depends on the maximum rotation speed adopted. Solid-body rotation in the inner disk
implies a constant threshold density (which is exceeded), but this is not a good model of
the observed rotation. The last panel in Figure 2.19 shows a model based on the optical
properties of NGC 4214 and scaling relations proposed by Stil (1999) (see Section 2.5.2).
If this model accurately represents NGC 4214, the inclination of the galaxy must be < 20◦
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at all radii. The critical density for such a massive disk would be significantly higher than
the observed HI density at all radii.
My calculations have not considered the contribution to the surface density from molecular gas, but the evidence from CO emission mapping indicates this is not an important
omission. While the molecular contribution may be substantial in small regions it seems
not to be widespread (Walter et al. 2000), and in the regions where CO is detected, the
mass surface density increases by factors of a few over a small range of azimuths; the
mean surface density at that radius will change little. Hunter, Elmegreen, & Baker (1998)
argue for a statistical correction of ∼20% for molecular gas to be applied at all radii in
late-type galaxies; if applied to NGC 4214 this would bring more of the disk into the
unstable regime for the first two rotation models, but it will make a neglible difference to
the stability of the ‘heavy’ disk. It seems unlikely such a large correction is appropriate.
While it is possible interferometric observations could have missed a diffuse molecular gas
component, the earlier single-dish observations should have detected it if it existed.
Overall, it is difficult to reconcile the distribution of star formation over the face of
NGC 4214 with Kennicutt’s criterion for a star formation threshold. It may hold in
the central regions, but beyond r ∼ 2 kpc it seems that other mechanisms are required.

2.6.1

An absolute surface density threshold

Skillman (1987) proposed a criterion based on absolute surface density, such that star
formation could only occur when the HI surface density was greater than needed for
self-shielding (Federman, Glassgold, & Kwan 1979). From observations of NGC 4214 he
derived an empirical limit of 1021 atom.cm−2 (8 M .pc−2 ), about twice that obtained
by Federman, Glassgold, & Kwan for the Milky Way. A similar threshold value was
derived for the LMC by Kennicutt et al. (1995), who also found the disk instability model
predicted too high a value for the critical surface density.
Figure 2.21 shows the distribution of Hα surface brightness with respect to the HI column
density; the Hα image was smoothed to the same resolution and rebinned to the same pixel
scale (200× 200). There seems to be a clear threshold at which HII regions suddenly become
visible, 1–2×1021 atom.cm−2, confirming Skillman’s result. The diffuse HI flux missed by
the interferometer (Section 2.4.1) makes little difference in estimating the threshold; it
must contribute less than 1020 atom.cm−2.
Theories of disk stability predict a threshold density, and a power-law correlation of star
formation rate with gas surface density above that limit. A log-log plot of these quantities
(lower panel of Figure 2.21) shows a rough correlation, with a steep slope. Below the
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threshold, star formation is not completely suppressed — for instance there are a handful
of faint HII regions in the gap between two HI arms at +2000,+8000 — so it appears that
surface density is not the only determining factor.

Figure 2.21
Hα surface brightness distribution relative to the HI surface density, on a
pixel-by-pixel basis. The Hα image was smoothed to the same resolution as the HI image and
rebinned to the same scale. The greyscale indicates the number of pixels in a two-dimensional bin;
the image has been smoothed with a gaussian of the dimensions shown at top left. Contours mark
1,2,5,10,20 and 50 counts per bin.
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2.7

Survey for shells and holes

I searched the data cubes for holes and expanding bubbles in the neutral gas, using a
number of complementary methods. I adopted criteria similar to those of Kamphuis
(1993): a) A 50% or greater column density deficit with respect to the surroundings; b)
the minimum should have associated gas with velocities in excess of the local disk turbulent
motions, and/or show a steep density gradient at the edges; and c) the perimeter of the
minimum must show an oval portion, consistent with a spherical or ellipsoidal cavity.
An initial list of candidate holes was constructed by examining the column density maps,
using an interactive image viewing program (SAOimage) to estimate positions and dimensions. The bulk of the list was compiled from the high-resolution maps (50 candidates),
with some 10 additions from the low-resolution maps in regions of low column density. I
then made a second search, using the individual channel maps. Holes were identified by
similar criteria to those above, with the extra provision that a candidate hole should be
visible in at least three consecutive channelsd. The resulting list was much shorter than
the previous one, but a few candidate holes were added to the sample. Those not recovered
in the channel maps were discarded. This was a rather severe editing; some supershells
discovered by (later) optical searches (Martin 1998) were excluded.
To confirm the presence of expansion, I examined the combined list of candidate holes using
position-velocity slices through the low- and high-resolution data cubes. The positionvelocity signature of a (spherical) expanding bubble is strongest when the slice is taken
perpendicular to the local gradient of the velocity field. However the velocity field of
NGC 4214 was too complex for simple cuts along the cube principal axes to be of much
use. Instead, I used a specially written interactive graphical program (kpvslice, see
Appendix A) to take cuts along several different position angles, depending on the local
velocity field gradient. Only one of the candidate holes showed convincing evidence of
ongoing expansion (Figure 2.24). Another 4 showed double-peaked profiles at their edges,
suggesting expansion, but the line emission fell below the detection level near their centres.
If the double peak profile is from a spherical expanding shell, the observed velocity split at
the edges of the hole must be less than the true expansion velocity, because of the smaller
fraction of the expansion that is projected into the line of sight. The tabulated velocities
for these holes are therefore lower limits on the current expansion rate.
I also checked the data cubes for ‘high-velocity’ gas — clumps of emission offset in velocity
from the bulk of the disc gas. This search was prompted by the rather small degree of
d

Since the channels were 3 to 5 times narrower than the typical emission line FWHM this criterion provided some insurance against misidentifying image noise, but was unlikely to exclude holes with discernable
expansion.
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No.

RA
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DEC
J2000.0

1
2
3
4
5
6
7
8
9
10
11
12
13

12
12
12
12
12
12
12
12
12
12
12
12
12

15
15
15
15
15
15
15
15
15
15
15
15
15

27.76
28.58
32.88
36.85
37.08
38.24
39.50
46.10
47.06
47.35
48.73
49.23
55.03

36
36
36
36
36
36
36
36
36
36
36
36
36

16
17
22
22
21
16
18
15
21
16
22
21
20

a
b
c
d
e
f
g

12
12
12
12
12
12
12

15
15
15
15
15
15
15

30.00
34.78
38.35
38.70
42.36
49.14
56.35

36
36
36
36
36
36
36

21
20
20
19
19
20
16

Diam. PA Vel ∆V Type Re Age
E51
arcsec ◦
km.s−1
pc Myr 1051 erg
Holes
21.18 88 56 135 269
iv 700 (100)
23.00 57 49 145 266
iii/iv 530 (75)
3.00 13 13 68 288 ±12
ii
130 6.5
0.5
35.00 8 8
0 300
iii
80 (11)
11.00 20 20
0 307 +10 iii 200 12
1.5
56.47 21 18 30 279 +35: iv 190 3.9
7.5
49.70 21 14 50 290 ±20 iii 170 5.1
2.4
27.00 90 45 127 301 +17 ii/iii 640 9.5
120
28.24 28 18 135 325 ±7:
iv 225 15
1.3
37.98 18 8 138 309
i
120 (17)
19.26 11 7 90 319 ±4
i
88 18
0.03
50.97 10 8 139 327
iv
89 (13)
20.93 36 26 74 325 ±10: ii
305 9.6
5.7
High-velocity gas
16.24 42 28 120 266 +27
18.38 8 8
0 274 −20
35.00 32 13 161 302 +15:
50.00 22 10
0 310 +10
48.78 35 20 116 310 −25
58.00 8 8
0 329 ±6
57.88 28 28
0 312 ±5:

Table 2.6 Holes and high-velocity gas identified in NGC 4214. Velocities of bright emission
components are uncertain at the level of ∼ 3 km.s−1, low-intensity components (marked with
colons) are ∼ 6 km.s−1. The lefthand Diameter is for the major axis. Where expansion was
detected, ages are calculated using the expression given in the text on page 63. Ages in parentheses
are estimates of the time random gas motions (σ = 7 km.s−1) will take to close the hole. Indicative
energies assume n = 0.1 cm−3 .

correspondence between HI holes and the regions with high values in the second-moment
maps (Figure 2.11). In second-moment maps any lines of sight with two components
separated in velocity by more than the typical dispersion will show up strongly, so one
might expect these maps to be sensitive to expanding bubbles, including those near or
just below the spatial resolution limit. I made the search with kpvslice by aligning the
slice cursor along PA=90◦ and sweeping it from North to South over the second-moment
image, noting any features with broad or multiple velocity components that appeared in
the position-velocity slice window. I paid particular attention to regions with a second
moment above 10 km.s−1, examining these with slices made over the full range of position
angles. High-velocity gas and expansion is also to be expected around HII regions, so I
made a similar sweep through my Hα image of the galaxy, looking for correspondences
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with bright HII regions listed by Hodge & Kennicutt (1983).

Figure 2.22 Locations of holes and high-velocity gas in NGC 4214. The apparent size mismatch
for some holes is due to the lower sensitivity of the high-resolution total column density map.

The final list of holes and high-velocity features is given in Table 2.7. I define the latter
as blobs of gas apparently unassociated with any hole, but offset (by more than the local
dispersion) from the main body of emission in a position-velocity slice (e.g. Figure 2.25).
Diameters are the approximate FWHM of the depression or cloud. The velocity column
gives the local mean velocity of the surrounding disk gas, and any high-velocity components
are shown as offsets from this. After comparing the HI B-band and Hα images, I assigned
types to the holes in the scheme of Kim et al. (1999b).
From the estimated diameter and expansion velocity (or upper limit on the expansion
velocity), I derived expansion ages. Weaver et al. (1977) give equations for the evolution
of bubbles in the ISM, both when driven by stellar winds, and when in a momentum-
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conserving phase. The expansion formulae for these two phases are
3
(rs/vs )
5
r4 − r4
3
=
(rw /vw ) + s 3 w
5
4rw vw
 3
rs
= vs
rw

Ts =

rs < r w

Ts

rs > rw

vw

(2.7)
where

(2.8)
(2.9)

rs is the current shell radius and rw is taken equal to the scale height. vs is the current
shell velocity, and vw the speed at the time the shell breaks out.
Kim et al. term the shells in the former phase ‘giant’ shells, and the latter as ‘supergiant’.
The shells in NGC 4214 will become supergiant shells when their diameter becomes comparable to the scale height of the disk (and the internal overpressure is released), so an
estimate of the disk scale height is needed. The Large Magellanic Cloud has a wellconstrained scale height of 180 pc (Kim et al. 1999b). NGC 4214 is similar to the LMC
in size, gas velocity dispersion and stellar luminosity, so I adopt a value of h = 200 pc.
This value is consistent with the height estimated from the total disk mass (e.g. Chapter 4, Puche et al. 1992). Taking σgas = 7 km.s−1 and v = 75 km.s−1at r = 6 kpc gives
h = 230 pc.
I calculated indicative energies using Chevalier’s (1974) equation, which was derived from
numerical modelling of the shell generated by a single explosion
1.4
re3.12 vexp
E = 5.3 × 1043 n1.12
o
1q
Dmaj × Dmin .
re =
2

erg,

with

(2.10)
(2.11)

The data of Table 2.7 are plotted in Figure 2.23 and compared with the LMC sample of
Kim et al.. The sizes and velocities are comparable. As expected from the resolution limit
(r = 50 pc), I detect few ‘giant’ holes. The expansion velocities I find are somewhat lower
than the LMC sample, even allowing for the limited spatial resolution.
Walter & Brinks (1999) compare the hole distributions of four other galaxies (the spirals
M31 and M33, and the dwarf galaxies IC 2574 and Ho II) and find marked differences
between the two classes — the dwarfs have larger mean hole sizes, a smaller range of
expansion velocities and older mean ages. The median diameter in Table 2.7 is 400 pc,
comparable with that in the two dwarfs they studied. The ages are all < 20 Myr, younger
than the dwarfs. The median expansion speed (10 km.s−1) is significantly faster than in
Ho II, but in line with those of the other three objects.
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O f the high-velocity regions, two appear to be unresolved holes; region b contains Hll
regions and bright stars, region / shows no H a but appears to have a group o f stars
within it.
Region a is probably an HI hole, although it fails to pass the acceptance criteria above.
The high-resolution image shows strip o f weak HI emission running across the centre (2 3 x l 0 20 atom .cm -2 ). The interior seems empty o f young populations, but there are several
stellar groupings located around the circumference. Region e has a similar morphology,
but the central HI is stronger. The kinematics are peculiar (Section 2.10) and it is not
clear they are consistent with a fragmented shell. Region d may be part o f a supershell,
but it is difficult to make this assignment based on the HI data alone. Region c stands
out in the velocity field and is coincident with Ha-emitting star clusters. However, as
discussed in Section 2.10 it might not be caused by a bubble.
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Figure 2.23 Expansion diagram for the HI holes in Table 2.7. The data from this study are
plotted as solid points; arrows denote holes for which no expansion velocity could be determined.
The resolution limits were semidiameter=75 pc, velocity=3 km.s-1 . The triangular points are
giant holes found in the LMC by Kim et al. (1999), open squares are supergiant holes (resolution
limits: 7.5 pc, 1.65 km.s-1 ). The straight lines are loci of constant age (Myr) and the curved lines
are loci of mechanical luminosity for the Weaver et. al. (1977) expansion model, calculated for
an ISM density of 1 cm.-3 . Holes larger than 200 pc are probably in the coasting phase, where
mechanical energy input has ceased; their evolution is not well described by the dotted lines.
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Figure 2.24 A clear example of a currently-expanding HI hole, no. 7. The hole’s diameter is
20–3000. (top:) Position-velocity slice through the high-resolution cube, centered on hole 7, and
with PA=138◦ . Greyscale range is -0.5 to 10 mJy.bm−1. The lower panels show (clockwise from
top left) the location of the slice plotted on the total column density and first moment map (8 00
beam), and the B-band and Hα optical images (200). The centre of the slice is marked by a cross.
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Figure 2.25 The most extreme high-velocity gas region in NGC 4214. (top:) Position-velocity
slices through the high-resolution cube centred on region c. The greyscale runs from −0.5 to
10 mJy.bm−1. The bright Hα knot where the slices converge is the HII region HK61.
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How many holes should there be?

One of the main motivations for this study was a search for holes and expanding structures
in the ISM of NGC 4214, as outlined in Chapter 1. From the results already obtained in
several late-type galaxies — the dwarf Ho II (Puche et al. 1992), the intermediate-mass
LMC (Kim et al. 1999b), the small spiral M33 (Brinks & Bajaja 1986) and the much larger
galaxies NGC 6946 and M101 (Kamphuis 1993) — I expected that the ISM of NGC 4214
would be dominated by these structures. Despite the porous appearance of Figures 2.5
and 2.7, clear kinematic evidence of expanding holes is sparse.
There are two systematic effects which tend to reduce the tally. Firstly, the census of
holes will have been reduced by beam smearing. The effects of smearing depend on the
hole contrast and size with respect to the beam FWHM. Typically, holes detected in
other galaxies show up as a drop of ∼30% in brightness temperature with respect to their
surroundings, in the channel map where they are clearest (Deul & den Hartog 1990; Puche
et al. 1992). This will reduce to ∼15% for holes with a diameter of one beam (Figure 2.26).
For typical s/n ratios in HI observations, a 30% depression any smaller than a beamwidth
in diameter will be invisible. Even if a hole were completely evacuated of HI, one with the
same diameter as the beam FWHM would have a contrast of < 50%. The distribution
function of linear sizes in other galaxies above peaks at 200–300 pc, with a tail in the
distribution that extends up to 1 kpc. The falloff at small diameters is almost certainly
due to limited linear resolution; observations of the Small Magellanic Cloud (StaveleySmith et al. 1997) with a linear resolution of 28 pc reveal a power-law distribution of hole
diameters, peaking at 50 pc. Only a few percent of the holes catalogued in the SMC were
larger than 200 pc.
Thus with a synthesised beam of 800, most holes and bubbles will be invisible in galaxies
much beyond 5 Mpc. For the distance adopted (4 Mpc), the beams in the observations
shown here correspond to 600 pc and 150 pc, somewhat poorer than the resolution of
the Puche et al. observations (66 pc), but better than those of Kamphuis in NGC 6946
(700 pc). Approximately 90% of the 50 holes observed by Puche et al. (1992) were larger
than the resolution limit of the present observations (150 pc), and roughly 40% were larger
than 600 pc, so the observations should be sensitive to such structures if they exist.
The low number recovered here may be due to a combination of the sensitivity limit at
high resolution and beamsmearing in the more sensitive maps. On the other hand, perhaps
the differences are intrinsic. No complete theory exists for predicting the distribution
function of HI holes, but some models have been proposed. In the following, I compare
my observations with the model of Oey & Clarke (1997).
The number of holes in a galaxy disk and their size distribution will be determined by many

68

Chapter 2. Gas distribution and kinematics in NGC 4214

Figure 2.26 Beam smearing effects. The figure shows the contrast of a 30% depression in a
uniform disk (top left), degraded by gaussian beams equal to 0.5 (top right), 1.0 (lower left) and
1.5 (lower right) times the hole diameter.

factors: the recent star formation history, the efficiency of mechanical energy transfer from
the stellar population to the gas, the mean density and pressure of the ISM and the rate
of destruction through differential rotation or hole merging. Oey & Clarke considered all
these factors, and found that the number of holes and their diameter distribution varied in
surprisingly simple ways, governed principally by the distribution of mechanical luminosity
sources, which they showed was closely tied to the luminosity function of HII-regions in a
galaxy.
To apply their model, one must first make an educated guess about the rate of star
formation over timescales longer than the lifespan of a typical hole. I assume this rate to
be approximately constant, for two reasons. Firstly, from integrated colours Gallagher,
Hunter, & Tutukov (1984) suggest that the rate in NGC 4214 has been constant within
a factor of 3 for the last 109 yr. Secondly, since in most galaxies the star formation rate
has been declining over the last few billion years, adopting a constant star formation rate
will produce an upper limit on the number of holes. In Oey & Clarke’s formulation, if one
assumes a constant star formation rate the number of holes of radius R then depends on
R1−2β for R < Rc and R4−5β for larger R, where β is the slope of a power law describing
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Figure 2.27 Structure in the velocity field of NGC 4214 produced some position-velocity diagrams
with structure (left) similar to that expected for expanding HI holes (right). Although the feature
in the centre of the right panel looks like an expanding hole, it is not a contiguous structure in the
channel maps.

the mechanical luminosity input (φ(L) ∝ L−β ) and Re the ‘characteristic radius’, which
is the radius of a typical shell at the time is comes into pressure equilibrium with its
surroundings and stalls.
The characteristic radius they adopt is 1300 pc,
5
Re = √
7µmH



P0
n

1/2

te

where the mean weight of atoms in the ISM is µmH = 1.25mH , the number density
n = 0.5 cm−3 , the pressure P0 = 3.0 × 10−12 dyne.cm−2 and the characteristic time
te = 40 Myr.
Oey & Clarke argue that the slope of the mechanical luminosity function can be obtained
from that of the HII region Hα luminosity function, under certain conditions. Firstly one
must assume the brightness of an HII region is a function of the number of stars it contains,
and that there are enough stars in total that all the mass bins of the IMF are populated.
For a Salpeter IMF, the mechanical luminosity and UV luminosity can be calculated with
scaling laws derived from stellar population models, and thus the Hα luminosity and
mechanical energy input rates can be related. The slope of the HII region luminosity
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function will then control the slope β for the distribution of mechanical luminosities.
One caveat relates to the fading of the HII regions over time — does the slope of the
luminosity function (and thus the rate of mechanical energy input) change? Oey & Clarke
argue that it does not, if the initial distribution of luminosities is sufficiently steep. Assume
the regions form continuously, with some initial distribution of luninosities. It is mathematically possible (but physically unlikely) that this distribution of initial HII-region
luminosities could be flat. In that case it is easy to see that the slope of the luminosity
function will steepen over time, as the clusters fade and move into lower luminosity bins.
A more plausible distribution would be one with many low-luminosity objects and a few
of high luminosity. A steep initial distribution will not change its slope as the clusters
fade, because any given bin will be dominated by recently-formed objects — when an HII
region has aged and faded enough to move to the neighbouring bin, the population there
is already large and the new addition will add little to the total. Somewhere between
these extremes, there is a critical slope; for slopes greater than this, one may ignore the
steepening effect. That value depends on how the HII regions fade over time, which is a
function of stellar evolution, and the precision to which the luminosity function slope can
be measured. Oey & Clarke argue that for HII LFs with slopes ∼ 2, the steepening with
age is negligible.
My measurement of the HII region luminosity function (Chapter 3) yielded 158 regions
and a slope of 1.5 ± 0.1. Youngblood & Hunter (1999) detect 204 regions and find a slope
of 1.48 ± 0.04. I assume this is close enough to 2 for the steepening question to be ignored.
The form of the equations for N (R) depend on the assumed star formation history. For a
continuous star formation rate and broad spectrum of mechanical input rates they are
9 − 6β
Le1−β R 1−2β
× 2(te + ts ) +
te
Re
Re
3β − 2




te
Le1−β R 4−5β
N (R, R > Re ) = 5Aψ
× ts +
Re
Re
3β − 2
N (R, R < Re ) =

Aψ









R
Re



(2.12)
(2.13)

Here, ts is the time a shell survives after stalling. A stalled shell will be acted upon by
Rayleigh-Taylor instabilities and probably fragment in short order — Oey & Clarke take
ts = 5 Myr. The bubble formation rate ψ = Ntot/(ts + te ) requires an estimate of how
many HI shells have been missed due to sensitivity or resolution limits. Oey & Clarke give
a prescription based on the number of HII regions (for which the incompleteness is fairly
well understood), and calibrated with the survey of the Small Magellanic Cloud. This
prescription gives Ntot = 4284 and a normalisation constant log A = 17.66. β is taken
equal to the HII region luminosity function slope, 1.5.
The hole distribution calculated under these assumptions, with Ntot = 4284, log A = 17.66
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and /3 = 1.5, is shown in Figure 2.28. Clearly one should not read too much into the
comparison, but the rough agreement is interesting.

Figure 2.28 Predictions for the number of HI holes in NGC 4214, using the models of Oey &
Clarke (1997). (left:) The detected holes are shown as a histogram, and the solid line is the model,
using the parameters noted in the text. The dashed line at left is the resolution limit, Re is defined
in the text, (right:) The same data, binned logarithmically and plotted on a log scale to show the
power-law slope more clearly. The functional form of the model changes at Re.

2.7.2

Rotational shearing of holes

An important process that influences the hole population is rotational shearing. Differen
tial rotation within a galactic disk should distort (initially spherical) holes in the ISM into
ellipsoids that become progressively more tangential to the circular motion (e.g. Palous,
Franco, & Tenorio-Tagle 1990). In NGC 4214 there is a clear rotational shear. Using
the formulae o f Palous et al., and assuming the rotation curve to be flat beyond 160" (=
3.2 kpc) the time to reach an axis ratio o f 0.5 in NGC 4214 is approximately 3 x 108 yr.
For comparison, a hole at 4 kpc radius in the Milky Way would reach an axis ratio of 0.5
in 1.2 x 108 yr, roughly 2.5 times faster. If the outer rotation curve is really declining the
distortion timescale would be shorter, by approximately the ratio in differential rotation
rate between a flat and declining rotation curve.
The hole orientations in Figure 2.22 are difficult to fit into this simple picture. The holes in
the western half o f the galaxy are quite rounded, while the column density depressions in
the eastern half have the appearance o f inter-arm regions; if they are holes, or complexes
of holes, they are strongly sheared.

In even greater contrast, Hole 13 (located in the

eastern half of the disc) is elongated perpendicular to the direction expected for rotational
shearing. This could be explained by the holes being noncircular initially, by the merging
° f neighouring holes, or by the existence of some other forces shaping the holes as they
expand.
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HI structures and tracers of star formation

The expanding shells and holes in the HI disks of galaxies are thought to be the products
of, and possibly agents for, massive star formation (Chapter 1). In this section I compare
the features of the HI distribution with different tracers of star formation, in the context
of such models.

2.8.1

HI distribution and the HII regions

In supershell-driven star formation models, it is expected that HII regions will be found
centred within small (i.e. young) holes and on the edges of larger (older) holes, having
formed out of gas swept up in the shell walls.
Examination of Figure 2.29 found 6 of the 13 HI holes (2,3,5,7,10,11) listed in Table 2.7
had Hα emission within their borders. The low intensity and diffuse morphology of the
emission within hole 10 does not meet the criteria used in Section 3.3.4 for defining HII
regions. Of the 5 remaining associations, only hole 11 appears to be filled with Hα emission
by a central HII region. Hole 3 is associated with an Hα bubble structure, in which the
emission from the borders dominates. The high-resolution HI cube shows an asymmetric
line profile at this position, with the components separated by ∼ 20 km.s−1 , comparable
to the HI line FWHM. Comparisons with the HI spectra of neighbouring regions confirm
it is a local difference in line profile, correlated with the Hα bubble.
Around the edges of the catalogued holes, 15 HII regions overlap an elliptical annulus
having an outer major axis 25% larger than the hole. Approximately 16 more regions lie
close to the borders of uncatalogued HI depressions, most of which are in the outer parts
of the disk. There is also some diffuse Hα emission that appears associated with the rims
of HI depressions. This is discussed further in Section 2.9.
I made some simple simulations of how many HII regions one would expect to appear by
chance in the neighbourhood of the catalogued holes. The results appear in Table 2.7.
In the simulations I generated a list of holes (centre, semidiameters and orientation) and
defined an annulus around each, with the outer major axis being 25, 50, 75 and 100% larger
than the hole. I then computed how many of the HII regions in Table 3.7 overlapped the
annuli, making allowance for the HII region diameters. This calculation was repeated
1000 times with randomly-chosen parameters. I introduced randomness in four different
ways. First, I randomised the positions of the HII regions and used the observed hole
parameters. The second method was to randomise the positions of the holes, but keep
their size and orientation. Thirdly, I randomised the orientations while holding the other
parameters constant. Lastly I randomized the hole positions, orientations, and sizes, with
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the constraint that the total area of the annuli be the same as for the observed holes. No
attempt was made to correct for holes overlapping each other. For the last three methods,
the HII region parameters were taken as observed. In all the simulations, the number
of holes and HII regions was the same as the number I have catalogued, and the spatial
extent of the randomization was an area of 60000×60000 centred on the rotation centre.
The first simulation method produces significantly lower counts than observed, but this
is because the HII regions are highly spatially correlated; allowing them to spread over
the plane reduces the chance of multiple HII regions coinciding with an annulus. This
spatial correlation could come from some other cause than the one we are testing, so I
put little weight on the difference in the count rate. Randomising the holes instead of
the HII regions is a better test, because it tests whether the particular distribution of HI
holes we observe (where the theory says bubbles have evolved and perturbed the ISM) has
any more HII regions nearby than a randomly-chosen (presumably unperturbed) region.
The first two ‘random hole’ simulations produced the largest coincidence rates, but not
significantly different from the last, so I will not discuss them further.
The last simulation method is the most realistic, and the best suited to comparison with
the observed coincidence rate. It gives a rate slightly lower than that observed, but the
difference is not statistically significant. This holds true for all the annular widths I tested.
The obvious inference is that the observed number of HII regions located at the borders of
the HI holes is no more (and no less) than would be expected from random coincidence.
A factor affecting this conclusion is the number of holes that I have not catalogued, for
example those smaller than the resolution limit. However there is little evidence for this
from observational signatures that probe below the resolution limit of the HI data, to
which I now turn.
Sim. Type.
Observed
HII reg.
Hole pos.
Hole orient.
Hole pos., orient., size

25%
15
6.5 ± 3
14 ± 6
14 ± 6
13 ± 5

Annulus width
50%
75%
100%
18
24
29
10 ± 3 14 ± 4 20 ± 4
21 ± 9 31 ± 12 41 ± 15
22 ± 8 31 ± 12 41 ± 15
21 ± 8 29 ± 10 38 ± 13

Table 2.7 Counts of the number of HII regions occuring at the borders of HI holes in NGC 4214.
The border is defined in terms of an annulus, starting at the hole edge and extending outward by
some fraction of the hole semidiameter. The simulation types are described in the main text, on
page 72. The tabulated values are the mean (± the r.m.s. variation) across 1000 simulations.

Most of the HII regions in NGC 4214 are associated with regions of high column density,
and show no other particular spatial relationship with the features of the column density
map. If these HII regions are presently creating expanding bubbles in the ISM, or have
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Figure 2.29 Distribution of HII regions compared with HI surface density. The HII regions
listed by Hodge and Kennicutt are shown by black crosses, while the regions defined in this work
appear as green circles. The HI holes listed in Table 2.7 are shown as elliptical annuli. The inner
edge shows the tabulated size, while the outer edge is 25% larger. The greyscale is HI column
density in atom.cm−2.

formed in the walls of bubbles, the bubbles must be smaller than the HI resolution limit
of 150 pc. One way to test for unresolved holes is to adopt the Hα luminosity as a
measure of the energy input to the ISM, and look for corresponding enhancement of the
HI linewidth. The bubble expansion rate is expected to be greatest while it is small,
so this signature should be quite clear for bubbles covering a reasonable fraction of the
beam, say 50 pc. Figure 2.30 shows the distribution of the second moment relative to that
of Hα surface brightness, where the Hα image has been smoothed and rebinned as for
Figure 2.21. No correlation is apparent. The apparent bimodality of the distribution is
real in that some of the bright HII regions are associated with narrower HI emission than
equally bright counterparts. Comparison with the low-resolution data reveals widespread
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Figure 2.30
Hα surface brightness distribution relative to the second moment of the
high-resolution data cube. As in Figure 2.21, the greyscale represents number of pixels; the contour
levels are the same.

broad or multiply-peaked emission in the centre of the galaxy (where the brightest HII
regions lie), but one group of HII regions (near +1700,−3000) is associated with HI gas of
lower dispersion.

2.8.2

Young clusters in blown-out holes

Another prediction of SSPSF is that if star clusters do not disperse quickly into the
background population (as is likely for galaxies with rising rotation curves), then relatively
young, blue clusters should be found within the larger HI holes. This is observed in most,
but not all of the holes.
Four holes have no detectable offset velocity components. I take these to be blown out.
The largest hole (no. 1) has no clear young population, while hole 2 contains a clump
of stars with weak Hα emission. Hole 4 is surrounded by bright star clusters but the
interior is devoid of similarly bright objects. Hole 10 contains a bright stellar population
and faint Hα emission, and hole 12 is empty. There is also a group of bright stars sitting
near the uncatalogued depression at −150, −4000; this may be a blown-out hole, but if so
it has been rendered unrecognisable by the large-scale velocity field. I will not consider
it further. Three holes have only 1 velocity component, which can be taken to indicate a
relatively recent blow-out. Of these, hole 5 has a clear young population, hole 6 appears
empty and hole 8 contains several young objects, some with Hα emission. The remaining
five holes have two velocity components, and thus are not expected to be blown out yet.
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All have star clusters within the hole boundary. Four also show Hα emission, and (as
might be expected) small expansion ages.
To determine if the holes could have been powered by the stellar population within them, I
attempt to estimate the mechanical energy output from them. Owing to crowding and the
strongly varying background I was unable to obtain reliable magnitudes or colours for the
objects noted above. The spatial resolution of the images is not adequate to distinguish
single stars from clusters. Nevertheless, some limits can be set.
My observations should detect objects down to apparent magnitude V∼22.5. At 4 Mpc
this corresponds to MV = −5.6, about the magnitude of a single massive O star or red
supergiant star. This raises the possibility of misidentifying single stars as faint clusters,
and vice versa. However a reasonably clean separation can be obtained by taking the limiting magnitude to be 22.0, which at 4 Mpc this corresponds to MV = −6. The luminosity
of young clusters declines strongly with time, so an age constraint is needed if we are to
infer a cluster mass. All but one of the holes catalogued in Section 2.7 have expansion ages
< 20 Myr. I adopt this as an upper age limit. The Starburst99 collaboration (Leitherer
et al. 1999) provide convenient tables of the optical and mechanical luminosity of a 106 M
single-age stellar population, including the mechanical input from both stellar winds and
supernovae. For the appropriate metallicity (z = 0.008), a cluster with MV = −6 at
20 Myr corresponds to an initial cluster mass of ∼730 M . Integrating the mechanical
energy output for such a cluster over the time range 0–20 Myr yields 1.4 × 1052 erg. If
the clusters are younger than 20 Myr, their implied masses and mechanical energy yields
will be lower. Raising the age limit to 50 Myr allows clusters as massive as 1300 M and
energies up to 3 × 1052 erg. Beyond this age, the mechanical luminosity of the population
falls dramatically.
I find the holes in Table 2.7 have expansion energies of the order of 1051 erg, so the
holes without an obvious star cluster are unlikely to have been powered by clusters now
fainter than the detection limits of my optical data, unless the hole age is significantly too
low. This could be the case, for example, if I have underestimated the hole diameters.
Conversely, any hole within which I detect young clusters could easily have been powered
by them. This raises a potential problem, because in the B-band image of NGC 4214
(e.g. Figure 2.8) there is a wealth of objects with B∼ 21, i.e. bright enough to be star
clusters. Although accurate colours are required to confirm them as young, there are
enough to make one wonder why the galaxy has any ISM left at all. This can be resolved
if the distance is closer than I have assumed, making it possible for most of the B∼ 21
population to be individual stars — blue and red supergiants — rather than clusters.
Another point to consider is that the hole expansion speeds I see are small compared to
the escape speed ( > 100 km.s−1 at R < 5 kpc ), so shell material may cool and fall back
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relatively quickly.

NGC 4214 #1
One young cluster deserves special mention in this context — NGC4214#1, the brightest
in the galaxy. It sits within a ring of Hα emission, but rather little Hα comes from the
position of the cluster itself. Leitherer et al. (1996) present a 2200Å HST image which
reveals a tight cluster similar to R136a in 30 Doradus, containing approximately 380 OB
stars. Another 200 or so OB stars are distributed across the cluster within a diameter
of ∼500. The Hα loop measures ∼ 9.7 × 8.000, and the cluster is offset from the centre
(MacKenty et al. 2000). Leitherer et al. find the ionising flux estimated from their UV
spectra of the central cluster is 4–8 times larger than can be accounted for by the local Hα
emission, the difference depending on the evolutionary history they adopt for the cluster.
They also find the equivalent width of the Hβ line (which is a robust estimator of UV
flux), is below predictions at the position of NGC4214#1. Taking this evidence together,
they consider the Hα emission is density-bounded, rather than ionisation-bounded, and
speculate that these conditions could have been created by winds from the Wolf-Rayet
stars in the cluster sweeping out the neutral gas. The HI data are consistent with this
picture, but any swept-out region must be small or incompletely cleared. The mean local
surface density of HI gas is 2 × 1021 cm−2 . Assuming a gaussian disk density profile with
σ=100 pc this corresponds to a mean density of 2.6 cm−3 . From the Hα flux within a
500 radius of the cluster, Leitherer et al. deduce an emission rate of ∼ 5 × 1050 ionising
photon.s−1 , which implies the local density of ionised gas is at least 2–3 cm−3 . However
not all the gas in the region is ionised — an HI hole as large as the Hα loop (1000 diameter)
would be easily visible in the high-resolution data cube as a depression of about 50%, while
Figure 2.31 shows there is only a small depression, if any. The Hα morphology suggests
the swept-out region is within the inner circumference of the Hα loop, a diameter of 500.
Such a small region devoid of HI would be rendered undetectable by beamsmearing, but
if this is the case, there must be a mixture of ionised and neutral gas in the Hα loop.
The existence of neutral gas so close to NGC4214#1 gives a clue to its density structure.
In a uniform density of 2.5 cm−3 an ionising flux of ∼ 5 × 1050 s−1 would produce a
Strömgren sphere of ∼260 pc (1300) diameter. This estimate is robust, as it depends on
the cube root of NU V , and the two-thirds power of nH . Since the Strömgren radius is
comparable to the scale height of the galactic disk, the volume that can be ionised (and
so cleared of HI) can be estimated numerically (Miller & Cox 1993; Dove & Shull 1994,
Appendix F) and these calculations reveal that the ionised region will be even larger than
the uniform-density case.
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Figure 2.31 top: HI spectra in the vicinity of NGC4214#1, taken from the high-resolution data
cube. Each spectrum is the sum of a 200×200 patch, and has been Hanning-smoothed over 5 velocity
channels. The offsets (arcsec) from the cluster position are shown in the top left corner of each
panel. above: The extraction positions, plotted on B and Hα images.
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My observations show HI exists well within a radius of 260 pc from NGC4214#1. There
are at least two possible interpretations of this result. The first is that the gas is distributed
in filaments or clumps dense enough to shield substantial HI from ionising radiation. This
is consistent with the presence of CO emission in the immediate vicinity (Becker et al.
1995; Walter et al. 2001). It is also consistent with recent observations of 30 Doradus in
the LMC. Images of the LMC HI emission at ∼8 pc resolution (Kim et al. 1998) show the
gas contains much filamentary structure, and that there are large concentrations within
100 pc of the centre of 30 Dor. Further, absorption studies (Dickey et al. 1994) find
clouds of cold gas in several parts of the LMC, the greatest concentration being around
30 Doradus.
Alternatively, the coincidence could be caused by the viewing geometry. In observations
of 30 Dor with similar spatial resolution to those presented here, Luks & Rohlfs (1992)
found scant evidence of a hole in the HI around the central cluster. They speculated that
the cluster lies in front of or behind the main HI disk of the galaxy. A similar model
for NGC4214#1 cannot be ruled out. It would be helpful in explaining Leitherer et al.’s
claim that 80–90% of the ionising photons are escaping the galaxy; even for the extreme
luminosity involved, calculations of the Reynolds layer ionisation in the Milky Way (Miller
& Cox 1993; Dove & Shull 1994) predict no more than 60% should escape the Galaxy,
with typical fractions of around 30%. Lowering the observed fraction to 60% requires an
error of more than a factor of two in the UV flux deduced by Leitherer et al.. However if
the cluster were displaced from the galaxy midplane, many more ionising photons would
escape (Appendix F). In addition, some fraction of the gas column (on the other side of
the midplane from the cluster) would remain neutral. On the other hand, a swept-out
region region around the cluster would significantly raise the loss fraction, which makes
the case for an offset from the midplane less compelling.
Overall, the HI data provide some weak evidence that the gas around NGC4214#1 is
filamentary/clumped, similarly to the neutral gas in 30 Dor.

2.8.3

CO emission

Several groups have searched for CO emission in NGC 4214, with varying degrees of success
(Tacconi & Young 1985; Thronson et al. 1988; Ohta, Tomita, & Saito 1993; Becker et al.
1995). Walter et al. (2000)e have observed the central regions with resolution comparable
to this study (800). They detect CO in three connected regions in the area they mapped.
The regions are large, indicating they are associations rather than gravitationally-bound
complexes analogous to the GMCs in the Milky Way. A comparison with my data (Fige

I am a co-author on this paper.
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ure 2.32) shows the two strong CO peaks lie in regions of (relatively) low HI column
density. Walter et al. find this is consistent with the gas mass being mostly molecular,
and calculate there is 1.4 × 107 M present, in clumps of a few times 106 M .
There appears to be star formation associated with all three regions. The northwestern
complex is much fainter in Hα and has a large velocity dispersion compared to the other
two. The velocity dispersion matches that seen in HI, and is probably caused by substructure in the complex. A further indication of substructure is the radial velocity of
the associated HII region (Hartmann, Geller, & Huchra 1986), for which the centre of the
emission line is offset by ∼ 15 km.s−1 .
The other two complexes are associated with the brightest clusters and HII regions in the
galaxy. These regions are the only ones bright enough to be detected in radio continuum
emission: multifrequency measurements (Beck, Turner, & Kovo 2000; MacKenty et al.
2000) show a high-frequency turnover indicative of high density gas, ∼ 7 cm−3 . The CO
has smaller velocity dispersion than the HI, σ ∼ 3 km.s−1. In the southeastern association,
where the molecular gas fraction is largest, the HI velocity dispersion is σ < 8 km.s−1,
compared with 10–12 km.s−1 for the other complexes. The CO emission in this region
also shows an interesting velocity offset from the neighbouring HI clouds, of ∼ 10 km.s−1.
In supershell-driven star formation scenarios, it is proposed that molecular clouds could
form in the walls of HI shells. In the CO images by Walter et al. the evidence for this
is limited, at best. The southeastern CO complex lies on the edge of hole 7, while the
northwestern complex is not associated with a catalogued hole. The central complex
overlaps the Hα loop around NGC4214#1, but it probably existed before the cluster, and
the ionised loop, was formed.
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Figure 2.32 CO complexes found by Walter et al. (2000), superposed on the high-resolution
map of Ha emission (top and HI column density (above).
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HI structures and Diffuse Hα emission

Over the last decade a new component has been recognised in the interstellar gas of external galaxies; extensive ionised-gas emission not associated with HII regions (Monnet
1971; Hunter & Gallagher 1990; Hunter, Hawley, & Gallagher 1993; Walterbos & Braun
1994; Rand 1996; Ferguson et al. 1996; Wang, Heckman, & Lehnert 1998). This emission is distributed in loops and filamentary structures, and in a separate component that
apppears smooth at all available resolutions. Collectively, this gas is known as the ‘diffuse
ionised gas’ (DIG). The source of ionisation appears to be predominantly photoionisation,
although for gas well above the midplane, photoionisation alone is ruled out (Otte, Gallagher, & Reynolds 2002). In some galaxies a case can be made for a contribution from
shock-ionisation (Martin 1997).
As noted in Chapter 1 some models of the ISM suggest that stellar feedback processes
are the dominant force structuring the ISM (e.g. the chimney model of Norman & Ikeuchi
1989). From such models one expects to see filamentary Hα emission (such as the DIG), associated with the edges of cavities in the HI. Apart from the LMC, there are few published
comparisons of the HI and extended Hα emission within Irregular galaxies, at comparable
resolution. One well-studied exception is Holmberg II, which shows numerous clear holes
in its HI distribution (Puche et al. 1992). However neither Puche et al. nor Hunter,
Hawley, & Gallagher (1993) (who had deeper Hα images of the galaxy) were able to find
corresponding large ionised structures. Hunter & Gallagher (1990) found a single diffuse Hα feature in NGC 4214; my observations show more, some of which are correlated
with HI features. In this section I examine the correspondences of Hα and HI features
in NGC 4214, to explore how well they conform to a picture in which they are the photoionised rims of HI holes, the HI holes being shells or chimneys created by massive-star
feedback.
There is no clean method of separating the diffuse emission from that of the HII regions;
taking the approach (advocated by Ferguson et al. 1996) of setting a surface brightness
limit of 2.0 × 10−16 erg.s−1 .cm−2 .arcsec−2. This excludes many of the discrete HII regions,
but a handful of faint regions remain. I find the total flux below the ‘diffuse’ cutoff to be
6.5 × 10−12erg.s−1 .cm−2 .arcsec−2 after correcting for 0.06 mag of foreground extinction.
This is approximately 15% of the total Hα flux from the galaxy. This fraction is in good
agreement with the estimate of Hunter & Gallagher but (as expected) significantly lower
than the 35% derived by Kennicutt, Edgar, & Hodge (1989), who employed a morphological criterion for defining diffuse features. I also examined several filamentary structures
brighter than the 2.0 × 10−16 erg.s−1 .cm−2.arcsec−2 limit, since they fall into the ‘diffuse’
category on morphological grounds. Table 2.8 lists the locations and approximate sizes of
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Figure 2.33 Superposition of Hα image (green) and high-resolution HI column density map
(purple) of NGC 4214, scaled to show the diffuse Hα features. Regions where the two distributions
overlap appear as white.
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all the Hα features I studied. For each object, I examined its location in the high-resolution
HI map to determine if it lay near a depression in the HI hole (within two synthesised
beamwidths), estimated the range of HI velocities at the position (with kpvslice), and
checked a B-band image for star clusters within a 1500 radius that could conceivably supply
ionising photons.
Figure 2.35 shows a clear and close association of a diffuse Hα emission feature with the
edge of an HI hole at the southern extreme of the disk. The elongated Hα feature at
(+7000,−16500) coincides with the edge of the HI emission and is displaced from the nearest
visible stars, which lie within the HI hole. It is unclear whether the bright object at
(+7000,−20000) is a foreground star, or associated with the galaxy; however it is fainter than
the Hα-emitting object that fills hole no. 11, and considerably fainter than NGC 4214#1.
To the west, there lies a curiously-shaped Hα structure. The B-band image reveals this
to be chain of faint HII regions, embedded in a steep HI surface density gradient.
The other low surface brightness feature of note is what looks like an arc or filaments in
the northwest (∼ +1000,+8000, Figure 2.36). There may even be a neighbouring filament,
but I have not included it in Table 2.8. These have not been remarked upon before. The
larger arc is extended, stretching over ∼1.5 kpc. There are no chains of stars directly
coincident with the Hα filament, in fact one the brightest parts of the filament lies almost
in the centre of a relatively dark patch, surronded by bright clusters. The nearest of these
is 400 pc away. The colour maps in Chapter 3 show the local background population
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Table 2.8 ‘Diffuse’ Hα and HI structures in NGC 4214. The diameters and PA refer to the major
& minor axes of an ellipse enclosing the feature. ∆V refers to the range of radial velocities of the
associated HI gas. ‘Bright’ implies Hα emission brighter than 2.0 × 10−16 erg.s−1 .cm−2 .arcsec−2 .
‘Grad’ implies the region lies on the edge of an HI underdensity. ‘Ion’ implies a potential source
of ionising photons is visible in the B band image of the galaxy.
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has (U−B, B−V) colours of ∼ (−0.2, +0.3) and the brightest of the neighbouring clusters
is (−0.7, +0.2). The former’s colours correspond to (single-burst population) ages less
than ∼ 108 yr and the latter’s to ages near 107 yr (but see Chapter 3 for a detailed
discussion of the age-colour correspondence). The channel map contours show the Hα
arcs are associated with the edges of a large HI structure (v =301–309 km.s−1), but it is
not completely clear this is a supernova-driven supershell — there are no signs of expansion
or other unusual features in the velocity field.
Turning now to the brighter structures, in Figure 2.37 I show the association of the HI and
one of the most unusual Hα loops, in the southeastern part of the galaxy (60, −8000). The
Hα emission is U-shaped, and comparison with the B image shows a star cluster near the
bottom of the U. There are perceptible knots in the Hα emission, but only one corresponds
to an object in the B image. An interpretation of this structure is an HI chimney, with
the Hα produced by ionising photons coming from the cluster at the base. The length of
the eastern half is ∼ 400 pc, the brighter western side is 260 pc.

Figure 2.34 Diffuse Hα emission in NGC 4214. The features noted in Table 2.8 are marked,
with crosses the same size as the tabulated major- and minor-axis diameters. HI holes are shown
as ellipses.

Another association, with simpler geometry, occurs around the Hα shell shown in Fig-
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ure 2.38. Here the connection is clearer, with the Hα ring lying within the HI shell. A
similar example lies at the opposite end of the galaxy (+10000,−12500): faint Hα outlines
a similar shell with an HII region in the wall, but the HI data are not sensitive enough to
determine whether or not there is a hole or expanding bubble in the HI.
Lastly, there are three groups of filaments extending away from the central starburst region
that deserve brief attention.
The first of these was brought to notice by Hunter & Gallagher (1990). Martin (1998)
also studied this region and identifies an expanding Hα-emitting bubble at this location
(“bubble B”, −1000,+3500 in Figure 2.39). I did not identify an HI hole there because the
hole edges were not clearly visible in the channel maps. However Figure 2.39 shows a
velocity split in the HI, so it is possible there is an HI bubble here. The velocity split is
approximately ±15 km.s−1 , significantly lower than the 30 km.s−1 maximum reported by
Martin.
Close to Martin’s complexes ‘C’ and ‘F’ (near +500,+3500 in Figure 2.34), a number of
filaments stretch away to the northeast of the main body of Hα emission, extending into
a region of low HI column density. These are reported to show isolated regions where the
Hα line is split, with a faint redshifted component moving as fast as 100 km.s−1. I could
see no line splitting in the neutral-gas data that was likely to be correlated with these
structures.
Just to the southeast, another broad filament of Hα emission extends from near +2300,+1100in
Figure 2.34 toward the HII region HK61. This was not discussed by Martin but is clearly
visible in her Hα image. It appears associated with an HI bridge. The HII region and
neutral gas bridge are not moving with the bulk of the galaxy (Section 2.10). The nature
of this structure, and the cause of the ionization in the Hα filament, is unclear.
To summarise, all but one of the Hα features below the diffuse cutoff I adopted are
associated with steep gradients of HI column density in the high-resolution map; the
column densities lie within a range of 0.3–2.0 × 1021 atom.cm−2, and most of them in the
range (1 ± 0.5) × 1021. However what produces the HI structures, and what ionises the
gas, is unclear — only two of the HI structures are associated with catalogued shells. In
most cases there is a potential source of ionising photons within 1500 (∼300 pc), however
it remains to be seen whether the stars are producing enough ionising photons to account
for the observed emission measure. None of the three brighter Hα filaments discussed are
clearly matched to the edges of HI structures.
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Figure 2.35 Diffuse Hα (top) and B light (above) associated with the rim of an HI structure.
The Hα emission at offset (+2000, -18000) is clearly associated with young HII regions and a peak
in column density (Figure 2.7). The origin of the eastern loop of emission (+7000,-16500) is less
obvious.
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Figure 2.36 HI in the vicinity of a large Hα filament. The contours are from the high-resolution
HI cube, the lowest being ∼2 sigma (3 mJy.beam−1), and the increment 1 sigma. The beam
FWHM and heliocentric radial velocity is shown at the top left of each frame.

2.9. HI structures and Diffuse Hα emission

89

Figure 2.37 HI in the vicinity of the “south-east loop” of Hα emission. The contours are from the
high-resolution HI cube, the lowest being ∼2 sigma (3 mJy.beam−1), and the increment 1 sigma.
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Figure 2.38 An Hα bubble inside an HI bubble. (top:) Position-velocity slice through the
high-resolution cube, centered on hole 3. The greyscale runs from -0.5 to 10 mJy.bm −1. The lower
panels show the location of the slices plotted on the total column density, and Hα optical images.

2.9. HI structures and Diffuse Hα emission

91

Figure 2.39 top: Position-velocity slices through the high-resolution cube, centered on Martin’s
“bubble B”. The greyscale runs from -0.5 to 10 mJy.bm−1. above: The slices superposed on
high-resolution HI and Hα images.
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Peculiar gas motions and star formation

To close this chapter, I look at the relationship of star formation regions and regions with
significant peculiar motions; departures from circular rotation. To what extent do peculiar
motions drive new star formation?
In their study of NGC 4214, Hartmann, Geller, & Huchra (1986) used the presence of
sharp gradients (∼ 40 km.s−1 .kpc−1 ) in the Hα radial velocities to argue that some kind
of bulk turbulent motions were occurring in NGC 4214, and this, not energy input from
young stars, was responsible for the star formation in NGC 4214. My HI and Hα data
have sufficient resolution to explore this claim further.
The first question that arises is whether the HI and Hα datasets are tracing the same
velocity field. I checked this by comparing the radial velocities of the line centroids at
each position for which an Hα spectrum existed. In general the velocities agreef . Where
there were significant differences, I overplotted the HI line profile from the high-resolution
cube and the Hα spectrum. The centroids of the Hα spectral lines coincided with the
HI emission (to within 10 km.s−1) for all but 11 of the 59 échelle spectra available. Of
these eleven, there were three cases where the Hα radial velocity agreed with that of the
HI in the surrounding area, consistent with the offset being caused by local expansion
of the HI, even though the HI emission was not double-peaked. In three other cases the
Hα line profile was offset from the local HI, but was broad and had multiple components,
possibly indicating expansion in the ionised gas that has not yet accelerated the neutral
gas. Two of these (spectra 17066 and 17099) show a strongly-redshifted component in the
Hα emission, weaker than the main peak. This appears to the same component of the
diffuse interstellar gas identified by Wilcots & Thurow (2001) as a single-sided outflow.
The third case (17073) lies 1200 due West, just outside the region measured by Wilcots &
Thurow. Curiously, the brighter component is blueshifted with respect to the HI while
the fainter is at the same velocity as the HI. For the remaining four spectra, the radial
velocity of the neutral and ionised emission peaks agreed, but were displaced from the
main body of neutral gas. I shall return to these shortly.
The HI velocity field shows little evidence for a large degree of chaotic motion. Figure 2.40
shows the first and second moments of the high-resolution cube (beam diameter ∼ 160 pc).
The first moment map appears to be a resonable representation of the velocity field, but
how well the second-moment map represents the degree of turbulent motion is less clear —
there are clear differences in moment maps made over different scale lengths (Figure 2.11,
page 42). Within the area of a synthesised beam there will be a number of gas clouds, each
f
Wilcots & Thurow (2001) comparing an independent set of Hα spectra with my HI maps, also find
general agreement.
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with an intrinsic linewidth, and all moving relative to one another. The second moment
within any synthesised beam is computed from a line profile that is the superposition
of all these components. If one chooses a larger synthesised beam size, a larger fraction
of the second moment will be due to the cloud-cloud velocity differences, (assuming the
individual clouds have similar internal dispersions). But those velocity differences may be
due to random motions or to the clouds’ movement as part of the overall velocity field. In
the high-resolution map of Figure 2.40, there are a handful of regions with large second
moments, and aside from these the central regions are only slightly more turbulent than
the rest of the disk. Inspection of the HI spectra in the ‘hotspots’ showed that these are
usually produced by two or more velocity components along the line of sight, rather than
broad intrinsic linewidth. Thus on scales of a single beam diameter, the turbulent motions
are small (<10 km.s−1) compared to the 20 km.s−1 dispersion inferred by Hartmann et al..
On larger scales, however, it may be that there is a large cloud-cloud dispersion. This
should manifest itself as discontinuities and chaotic structure in the velocity field, but this
is not seen. While the central velocity field of NGC 4214 is complex, most of the features
are part of a systematic flow patterng. The scale size of these features is small enough
that the orbital motion could artificially boost the second moments computed from the
low-resolution cube.
Hartmann et al. base their claim of large velocity dispersion upon a plot of the HII
region radial velocities as a function of distance along the optical major axis of the galaxy.
Normally, such a plot would show a velocity gradient produced by rotation of the galaxy.
In NGC 4214, the local gradient of the velocity field happens to be perpendicular to the
axis they chose (Figure 2.40). The HII regions, with which they sampled the velocity
field, are scattered at random distances on either side of the chosen axis and so will have
radial velocities offset by seemingly random amounts from one another in a plot of velocity
against optical major axis coordinate. A plot of the data vs distance along the optical
minor axis, on the other hand, should show a clear gradient. Hartmann et al. actually
detected this gradient, but ascribed no importance to it.
Given the evidence above, I suggest Hartmann et al.’s claim that the star formation in
NGC 4214 is driven by chaotic motions is overstated, because a significant fraction of
the velocity field variations they see arises from systemic motions. Nevertheless, there is
clear evidence for significant peculiar motions associated with some of the HII regions; this
occurs near the two HII regions noted in Figure 2.41, and the bright HII-region complex
near (+600, +2000).
The first HII region (HK 38) is surrounded with HI that has a component with peculiar
velocities of ∼10 km.s−1 with respect to the bulk of the disk HI; c.f. velocities around
g

The sharp steps in the colour table amplify small differences
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Figure 2.40 First-moment (left) and second-moment (right) images of the high-resolution HI cubes, with optical B-band contours overlaid. The
positions of the HII regions measured by Hartmann et. al. are shown as green crosses.
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Figure 2.41
Peculiar-velocity HI emission around the HII regions HK38 and HK61. The
HII regions are marked with crosses in the top left panel, HK38 is to the southwest. The
greyscale shows emission from 1 to 15 mJy.bm−1; the Hα contours increase by factors of 2 from
9 × 10−17 erg.s−1 .cm−2.arcsec−2 .
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265 km.s−1 in Figure 2.41. The morphology of the Hα emission is unusual — there is a faint
extension pointing toward the main body of the galaxy, giving the emission a ‘cometary’
shape at low surface brightness levels. Could this be the ionised walls of a chimney in the
disk? HST images (MacKenty et al. 2000) resolve the extension into filamentary structure
that resembles a bubble with the ionizing stars at the base, and a faint circular Hα bubble
(denoted VI-An) centred on a handful of blue stars. Presumably, the latter is a separate
cluster somewhere along the line of sight. The one-sided structure of the former could be
an artifact of strongly variable extinction, however in my optical colour maps (Chapter 3)
the neighbouring pixels do not appear heavily reddened compared with the average in this
part of the galaxy. The region appears superposed on, and may be embedded in, the wall
of HI hole no. 9.
The high-velocity HI near the second HII region (HK 61) has a velocity gradient opposite
to that of the general rotation. This gradient is visible in Figure 2.41; the gas rotating in
the disk sweeps from the NE to the SW, but in the velocity range 277–292 km.s−1 the HI
associated with HK 61 has an opposing gradient, increasing along PA∼50◦ . Figure 2.25
(page 66) shows position-velocity slices through the central regions of the galaxy, centred
on this cloud. The reverse gradient is also visible here. What is the origin of this structure?
An illuminated chimney model is untenable in this case; both the velocity offset and the
few details visible in the HST imageh argue against it. An alternative explanation is that
this HII region lies within an infalling or ejected cloud, and has been formed in situ. It
is clear the neutral and ionised gas clumps are moving together; the HI and Hα velocities
agree within 5 km.s−1. Models of high-velocity clouds around our own Galaxy show that
all the material in an infalling cloud experiences a shock within a few Myr, and the falling
time is some tens of Myr, so there is ample time to form massive stars before impacting
the disk (and in the weaker gravity field of NGC 4214, the infall timescale will necessarily
be longer). On the other hand, the cloud sits within a local deficit of HI; if this is not just
a chance superposition, the coincidence suggests either that the cloud has passed through
the disk already, punching a hole in the process, or that it has been ejected as part of a
(now fragmented) supershell. It seems unlikely the cloud could pass entirely through the
disk unless it was extremely dense.
The mass of the cloud is difficult to estimate accurately, because of confusion with surrounding gas. From the high-resolution column density map I was able to set a lower limit
of > 2.2 × 106 M (H+He) and I estimate the gas displaced from the region around it to
be ∼ 9 × 106 M . The Hα flux of the HII region (7.4 × 10−14 erg.s−1 .cm−2 ) corresponds to
h

The region was also imaged by MacKenty et al., but it falls on the Planetary Camera chip where surface
brightness sensitivity is lower; the extensions are barely detected, and no finer details can be discerned.
The bright part of the HII region is clearly imaged however, and the Hα emission appears symmetric and
centred upon the exciting stars.
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a handful of O5 stars — assuming a Salpeter slope of the IMF, one can extrapolate this
to a total mass in new stars of a few hundred solar masses. This implies rather inefficient
star formation (below 0.1%), so it may be that the HII region is density-bounded, and
most of the UV photons are escaping. Taking the Hα flux at face value, the star formation
rate it implies is ∼ 10−3 M .yr−1 .
The last region of interest in this section is the complex of HII regions located near
(−6000,+2000) in Figure 2.41. Although the channel maps show them to be moving with
the bulk of the HI, the velocity field is significantly distorted in this region. Figure 2.42
shows this; the rotation model is a fit to both sides of the first-moment map in which
the inclination was fixed but the position angle of the kinematic axis was allowed to vary
(the rotation curve is plotted in the left panel of Figure 2.12). Although this does not
exclude the possibility that the orbital motions are all circular but the orbital inclination
is changing, the figure does emphasise the rapid changes occurring about an arcminute
from the centre of the slices. It seems certain that there will be some cloud-cloud collisions
in this zone.
It is unclear how to explain the velocities in this zone. A model with gas moving on
elliptical orbits, but only within about two arcminutes of the rotation centre, may be the
most reasonable — in this case the excess velocity would be due to the gas moving faster
near the minor axis of the ellipse. Trying to model the velocities as a flow along the bar
produces a conundrum. The direction of the flow depends on the orientation of the galaxy
in space; whether the northern or southern side of the galaxy is the closer. The conundrum
is that constraining the flow with different parts of the velocity field appears to lead to
oppositely-directed flows.
The gas in Figure 2.42 is moving toward us faster than expected from the simple circularrotation model. If the northern side of the disk is the nearer, this implies a component of
motion outward along the bar. If the southern side is nearer, the extra velocity towards us
corresponds to an inward flow. In Section 2.5.2 the same question arose in regard to the
outer disk. Allsopp (1979) was trying to explain the peak and rapid decline of the radial
velocities, at and beyond about three arcmin from the rotation centre. He assumed the
stubby stellar arms at the bar ends were trailing, took the southern side of the disk to be
closer and fitted a model to the outer-disk velocity field in which the bar flow was outward.
The higher-resolution data presented here show spiral features in the neutral gas that curve
in the opposite direction, and it seems more likely that these are trailing features. Thus,
the northern side of the galaxy is tipped toward us. Under that assumption, Allsopp’s
modelling implies inflowing gas. The conundrum arises because if the northern side of
the disk is tipped toward us, the high velocities observed in Figure 2.42 correspond to
outflow along the bar. Perhaps both are occurring, and we are seeing star formation at
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Figure 2.42 Noncircular motion in NGC 4214. The position-velocity cuts are taken along
PA=266◦ , centred on α =12:16:09.48 and offset from δ = +36:13:10 by the amounts indicated
on each panel. The cuts are taken through the low-resolution cube. The white traces are slices
through a model of the velocity field which assumes circular rotation and a changing PA of the
kinematic major axis. In the zero offset panel, the high-velocity HI cloud e is visible. Note that
the velocity axis is inverted.

the confluence.
Clearly, careful modelling will be required to understand all the features in the data
cube. One immediate question is the apparent asymmetry — there is no comparable HII
region complex to the southeast of the central zone. That may just a question of the
time we are viewing the galaxy; if some dynamical process is the dominant force, then
it is probably unreasonable to insist on complete symmetry at all epochs. Or it may be
related to the offset between the rotation centre and the optical centre of the bar. Despite
the questions, it does seem likely that in the northwestern HII complex at least, star
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formation is being triggered by large-scale gas dynamics other than a Quirk/Toomre-type
gravitational instability.

2.11

Summary

My observations of the neutral Hydrogen emission from NGC 4214 show an extended,
highly structured disk. Single-dish observations show that the galaxy contains a significant
diffuse component (∼30%), to which the VLA interferometer was not sensitive. The maps
from the interferometer observations show a disk with curving arm-like features, and
numerous large holes in the disk. Assuming the arm-like features to be trailing, the
northern side of the disk is the nearer to us.
Most of the gaseous disk is rotating smoothly. The disk may be warped, becoming more
face-on towards the edge. There is no signature in the velocity field corresponding to the
arm-like features noted above; they are unlikely to be classical spiral density waves. The
optical and kinematic major axes are misaligned, with an angle of ∼60◦ between them. The
velocity field near the centre of the galaxy shows strong twists of the isovelocity contours.
This appears to be due to a non-circular component of rotation, possibly induced by the
bar-shaped stellar distribution.
The location of star-forming regions in the disk is not well matched to the predictions of
disk-instability models (e.g. Kennicutt 1989). My Hα and HI data are consistent with
the absolute column-density threshold posited for NGC 4214 by Skillman (1987); few Hαbright pixels are located where the HI column density is below 1×1021 atom.cm−2. The HI
distribution is strongly concentrated towards the centre of the disk, with a central surface
density close to the values found in starbursting blue compact dwarf galaxies.
The origin of many of the low-density regions in the disk is unclear. After careful examination of the channel maps, I found few could be identified as expanding or burst shells.
The number identified (13) is roughly consistent with expectations based on the number
of currently visible HII regions, and a model in which the holes are formed by “stellar feedback” — winds from young stars, and supernovae. Half of the holes classified as blown
or blowing out (4 of 8) appear to contain clusters massive enough to have powered the
expansion. Most (4 of 5) holes classified as still expanding appear to contain a bright,
Hα-emitting cluster. However it is less clear that subsequent star formation is usually
driven by the shell population. All three CO complexes in the galaxy are associated with
high HI column densities. At least one is clearly associated with a region of swept-up gas,
but there are too few known to test whether they form preferentially near or in the walls
of supershells. Not many of the HII regions of the galaxy lie near the edges of the HI holes
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I catalogued. The number that do is consistent with that expected by chance.
Across the face of the galaxy there are a few ‘diffuse’ Hα features. Nearly all of these
regions seem to be associated with the rims of depressions in the HI distribution, but in
only two cases are they clearly associated with catalogued shells.
I have shown that the suggestion that the star formation in NGC 4214 is driven entirely
by chaotic motions on sub-kpc scales is unlikely to be correct. However there are some
HII regions which are associated with gas not moving in simple circular orbits. Two HII
regions are associated with HI clouds moving at velocities different to the main body of
gas. I was able to determine a lower mass limit for one of them, some 106 M . Finally,
one complex of HII regions appears to be associated with non-circular flow near the ends
of the bright stellar bar.

Chapter 3

Stellar Populations in NGC 4214
3.1

Introduction

This chapter investigates the optical structures and stellar populations in NGC 4214.
First, I study the smoothed light distribution in order to quantify the degree of asymmetry, photometric axis ratios and disk scale length, all of which are important when
considering the disk dynamics. From images of the Hα emission across the galaxy, I construct a luminosity function for the HII regions. Using longslit spectra, I estimate [O/H]
abundances in the ionised gas and search for Wolf-Rayet stars. The galaxy is resolved
into numerous star clusters and HII-regions. I study the colours of these via colour maps
and the colour-colour space distribution of the pixels. Finally I compare the colour-space
distributions to various stellar population models and develop a method for combining
simple population models to constrain the recent star formation history in galaxies, from
such data.
Because of its angular size, brightness and unusual morphology, there have been several
previous optical studies of NGC 4214. Its structure was described in general terms by
Sandage (1961), working from photographs taken with the Palomar 5m telescope. Schild
(1984) observed the galaxy with a CCD imager and found an old, exponential disk underlying the bright young clusters, with a scale length of 3300. Fanelli et al. (1997) presented
an uncalibrated I-band image which showed the disk was much more extended than found
by Schild, with a longer scale length. A similar result was obtained (with an R band image) by Swaters (1999)a. In the last year or so new optical imaging studies have focused
on the resolved stellar population (Maı́z-Apellániz, Cieza, & MacKenty 2002; Drozdovsky
et al. 2002). The HII region population was first catalogued by Kennicutt, Edgar, &
a

See also Swaters & Balcells (2002).
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Hodge (1989), from Hα photographs. Youngblood & Hunter (1999) extended this work to
much lower flux levels with CCD observations, and provide revised distribution functions
for the HII regions’ luminosity and diameter. Several workers have studied the chemical abundances in NGC 4214. Burg (1987) presented [Oiii]/Hβ and [Nii]/Hα emission
line ratios, noting the similarity to those of HII regions. Kobulnicky & Skillman (1996)
searched for abundance variations in the ionized gas, induced by supernova explosions;
they found [O/H] abundance variations over scales of 200 pc consistent with pollution
within young starburst regions. Maíz-Apellániz et al. (1998) also explored the spatial
variation in emission-line ratios over the central regions of the galaxy. They discovered
that the extinctions derived from Hydgrogen Balmer line ratios vary on subarcsecond
scales. This work has since been extended to higher spatial resolution with Hα and [O iii]
emission-line imaging from HST (MacKenty et al. 2000), with additional lines (Hβ, [Sii])
by (Calzetti et al. 2002). Wolf-Rayet stars in NGC 4214 have received significant attention because they contribute significantly to the integrated spectrum at the galaxy’s
centre, and this “Wolf-Rayet galaxy” phenomenon is rare (Conti 1993). Sargent & Filippenko (1991) found two clusters containing WR stars, and suggested that in these clusters
WR stars were highly overabundant compared to O stars, which implied either an intense
but short-lived burst of starformation there, or slower formation with a flattened IMF.
Later observations from HST (Leitherer et al. 1996; Maíz-Apellániz et al. 1998; MaízApellániz et al. 1999) revealed that the number of WR stars is not as large as claimed
by Sargent & Filippenko. Kobulnicky & Skillman (1996) searched for, but did not find,
abundance ratio (O/N and He/H) variations associated with the Wolf-Rayet stars they
detected.

3.2
3.2.1

Observations
Infrared Imaging

Infrared images of NGC 4214 were obtained from the Two-Micron All Sky Survey (2MASS)
archiveb. The images were the compressed Atlas Images, which makes them unsuitable
for point source or isophotal photometry; the lossy compression method used removes the
low-order bits, thus reducing the precision with which the data values in the pixels are
represented. However they may be used for aperture photometry of extended objects. I
adopted the calibration given in the image headers; mag = MAGZERO − 2.5 log(counts)
The net exposure time of Atlas images is ' 6 × 1.3 sec (Jarrett et al. 2000); the precise
exposure time is taken into account when calculating the value of the MAGZERO header
b

http://irsa.ipac.caltech.edu/applications/2MASS/PubGalPS/
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card.

3.2.2

Broadband Optical Imaging

I obtained deep optical images of NGC 4214 on 1992 April 28 and 29 using the FLWOc
1.2m telescope at Mt. Hopkins, Arizona. The night of the 28th was photometric, but
during the 29th some thin clouds appeared toward the end of the night. As a check on
the photometric calibration, short-exposure frames were obtained by I. Dell’Antonio on
1994 June 4 and B. McLean on 1994 June 7. From the scatter of the standard stars, these
nights appear to have been clear. The following describes the processing of the 1992 data;
a short section on the 1994 images is given afterward.
The filters employed for all the observations were made from glass mixtures recommended
by (Bessell 1990) as appropriate for Johnson/Cousins photometry with a CCD. The detector was a Loral/Ford Aerospace 2048×2048 CCD (the ‘Lick-2’ chip). To reduce read noise
the chip was binned to 1024 × 1024 pixels, giving an image scale of 0.651 arcsec.pixel−1.
The read noise of the 1992 data was measured to be 5.6 electrons, and the gain 1.3 e.adu−1 .
To minimise the effects of the atmosphere on the U−B colours, the U and B data were
taken at transit (χ < 1.1).
The images were processed using iraf; overscan regions were used to subtract the bias
pedestal (which varied from frame to frame) and dome flats were used to flatfield the B, V,
R and I images. Twilight sky exposures (‘sky flats’) were taken to correct for differences
in the illumination of the chip by the flat patch in the dome and by the sky. Excepting
the U band, these differences turned out to be negligibly small and were not applied.
The U images were flatfielded with sky flats only, because the dome flat lamps were not
bright enough at this wavelength to produce high s/n flatfields, and because there was
a light leak in the ‘top-box’ assembly between the telescope mirror cell and the shutter
— light was reaching the CCD through another path than via the filter. This was only
noticeable when the ambient light level in the dome was high, and did not greatly affect
the reduced data (see Appendix E).
For each passband, the reduced images were sky-subtracted, registered using field stars
and stacked into a single deep image. The sky subtraction was performed with a specialpurpose task (skysub) in the galphot package of W. Freudling, which fits a surface to
user-selected areas of a frame, cleans out any stars or other highly discrepant pixels, and
fits a parabola to the histogram of the remainder.
The image scale and rotation of the registered images were determined from five Guide Star
c

Fred Lawrence Whipple Observatory
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Catalog stars in the field of view, and the posit program originally written by K. Long.
This program assumes the image is a gnomonic projectiond of the sky.

Calibration
The combined frames were produced from data on two different nights, only one of which
was photometric. This complicated the calibration.
Firstly, I determined airmass, colour-dependence and zeropoint coefficients for each filter,
using a well-tested program written by B. Schmidt, and the observations of standard stars
on 1992 April 28. In view of the systematic uncertainties in exposure time when making
short exposures, I defocused during measurements of the brighter standard stars. This
required a measurement aperture of 20 pixels (1300) radius. The coefficients obtained from
the raw magnitudes are given in Table 3.1. These convert instrumental magnitudes, where
a count rate of 1 count.s−1 is taken to correspond to 26.0 mag., to the UBRVI system of
Landolt (1992). The residuals of the photometric solutions are displayed in Figure 3.2.
The extinction coefficients are large compared to “normal” values at the FLWO 1.2m
(Jansen et al. 2000) and with standard curves for e.g. Cerro Tololo (Massey et al. 1989),
probably due to the Mt. Pinatubo eruption (1991 June 12). Dust reflectivity measurements
done from space peaked in September 1991, and declined back to normal by March 1993,
though the extra extinction measured from the ground lasted several months longer. At
La Silla in Chile the mean coefficients were increased by roughly 0.1 mag in U, B and
V but with peak values of 0.6, 0.45 and 0.3 mag per airmass, respectively (Grothues
& Gocherman 1992; Gochermann et al. 1993; Burki et al. 1995). A similar increase
of extinction was measured as far north as the Canary Islands (Morrison & Buontempo
1993). Thus the data were taken at the height of Pinatubo’s effect, so one expects the
extinction coefficients to be large. Burki et al. report that volcanic aerosols can increase
extinction at the red end of the optical band, which could account for the rather large
R and I coefficients. In addition the daily variation of extinction from other sources of
aerosols (Morrison & Buontempo 1993; Burki et al. 1995), superposed on the enhanced
extinction, could easily have produced the large values I obtain.
Although the measurement aperture was large compared to the size of an in-focus star
image (∼ 4 pixels FWHM), because some stars were defocused it seemed prudent to check
for light excluded by the finite aperture. I measured several isolated stars in the standardstar images, through apertures of 10,20,30,40 & 50 pixels and computed the magnitude
differences with respect to the 20-pixel aperture. The aperture correction for each filter
d
In the language of the proposed world coordinate system for FITS images (Calabretta & Greisen 2002),
the projection is a perspective zenithal projection (AZP) with µ = 0.
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was determined graphically, by plotting these magnitude differences as a function of radius
and finding the value that best represented the distribution (Figure 3.1). These values are
shown in the last column of Table 3.1; in applying the calibration they were added to the
tabulated zeropoints. As can be seen from the table, the corrections are small.
The calibration was transferred to the combined frames as follows. When the registered,
sky-subtracted images from the two nights were combined, they were scaled to a common
mean in the area of the frame dominated by the galaxy. This has the effect of removing
any differences in atmospheric extinction between the component frames. However if one
wants to obtain extra-atmospheric magnitudes from the combined frame, an additional
correction is required, which I shall refer to as the correction to zero airmass. I determined
this by measuring about 10 field stars in each of the component frames from 28 April and

Filter
U
B
V
R
I
U
B
V
R
I
U
B
V
R
I
U
B
V
R
I

Zeropoint

Airmass

Colour term
1992 April 28
−4.88 ± 0.03 −0.78 ± 0.02 (+0.14 ± 0.02) (U-B)
−3.53 ± 0.01 −0.43 ± 0.02 (+0.07 ± 0.02) (B-V)
−3.31 ± 0.01 −0.30 ± 0.01 (−0.02 ± 0.01) (B-V)
−3.14 ± 0.01 −0.18 ± 0.01 (−0.07 ± 0.01) (V-I)
−3.43 ± 0.01 −0.20 ± 0.02 (+0.02 ± 0.01) (V-I)
1992 April 28 — combined images
−5.74 ± 0.01
−4.00 ± 0.01
−3.64 ± 0.01
−3.33 ± 0.01
−3.52 ± 0.01
1994 June 04
−5.84 ± 0.03 −0.48 ± 0.02 (+0.07 ± 0.02) (U-B)
−4.15 ± 0.01 −0.33 ± 0.02 (+0.09 ± 0.02) (B-V)
−4.01 ± 0.01 −0.17 ± 0.01 (−0.02 ± 0.01) (B-V)
−3.63 ± 0.01 −0.24 ± 0.02 (−0.03 ± 0.01) (V-I)
−4.17 ± 0.01 −0.18 ± 0.02 (+0.01 ± 0.01) (V-I)
1994 June 07
−5.97 ± 0.03 −0.41 ± 0.02 (+0.06 ± 0.02) (U-B)
−4.21 ± 0.01 −0.43 ± 0.02 (+0.07 ± 0.02) (B-V)
−4.02 ± 0.01 −0.18 ± 0.01 (−0.02 ± 0.01) (B-V)
−3.78 ± 0.01 −0.14 ± 0.01 (−0.06 ± 0.01) (V-I)
−4.32 ± 0.01 −0.11 ± 0.02 (+0.05 ± 0.01) (V-I)

r.m.s.

Ap. corr.

0.02
0.02
0.01
0.01
0.03

−0.035 ± 0.003
−0.025 ± 0.010
−0.015 ± 0.005
−0.012 ± 0.005
−0.010 ± 0.010

0.03
0.02
0.01
0.02
0.01
0.04
0.03
0.02
0.02
0.02

Table 3.1 Photometric calibration coefficients. The r.m.s. values shown are the formal r.m.s.
scatter around the fit, but since there are rather few stars, they should be taken only as a guide.
The uncertainties on the coefficents were estimated from their variation when solving with different
subsets of stars. The shift in zeropoints between 1992-1994 arises from detector changes. The
second set of coefficients for the 1992 data were applied only to the combined images — see text.
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Figure 3.1 Check of aperture corrections for the U filter observations of standard stars observed
on 28 April 1992.

correcting their magnitudes for airmass. For each filter, the same stars were measured in
the combined frame and the mean difference computed for each component frame. The
offsets were quite consistent from frame to frame (differences of < ±0.01 mag). The final
step was finding the transformation of raw to calibrated colours. This was done by applying
the airmass, aperture and zeropoint corrections to the standard-star data, forming ‘raw’
colours and fitting a linear relation between them and the calibrated colours. The resulting
coefficients are given in Table 3.2. The data were not precise or numerous enough to justify
fitting a higher-order transformation equation; in any case the departures from a linear
relation were comparable to the uncertainties in the raw magnitudes. These equations
are used to convert magnitudes measured from the combined frames to standard system
colours.

Colour
U–B
B–V
V–R
V–I

slope
0.948 ± 0.005
0.900 ± 0.001
0.866 ± 0.002
1.036 ± 0.005

offset
0.077 ± 0.03
–0.021 ± 0.03
0.005 ± 0.03
–0.005 ± 0.04

Table 3.2 Fits of instrumental colour against true colour, after zeropoints and extinction have
been applied. The fits are done in the sense (u-b) = (U-B)*slope + offset. Uncertainties were
estimated by refitting with individual stars edited out and noting the variation in the fitted parameters.
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Figure 3.2

Residuals in the photometric solutions derived for the standard stars observed on 28 April 1992.
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1994 Observations: reduction and calibration
The 1994 data were much more straightforward to process, as many of the small operational problems noted above (shutter timing, flatfield lamps, etc) had been corrected.
A different CCD was used, but the filter set was the same. The images were processed
in iraf, using overscan strips to remove the bias pedestal and dome flats for the BVRI
filters, sky flats for U. The light leak was measured from specially taken exposures (see
Appendix E) and satisfactorily removed from the flatfield exposures. The standard star
fields were all imaged with the telescope in focus. A 15-pixel aperture was sufficiently
large that no aperture corrections were needed. The photometric calibration was derived
with the same program as before; the results appear in Table 3.1.
I checked the calibration of the 1992 data by aperture photometry of NGC 4214, and
the unsaturated field stars. The two 1994 nights agree closely — the mean offset was
< 0.03 mag in all filters — but there were noticeable and consistent offsets between 1992
and 1994. I therefore adjusted the size of the correction to zero airmass, to give agreement
with the 1994 results. These are the values that appear in Table 3.1.

3.2.3

Hα Imaging

Hα images of the galaxy were obtained by J. Huchra on 1993 May 20 using the Mt.
Hopkins 1.2 m telescope and filters kindly provided by Prof. R. Kirshner. The ‘on-line’
filter bandpass was 7 nm wide, centred at 657.3 nm, and the ‘off-line’ filter was 30 nm
wide, centred at 610.0 nm. Four on-line and four off-line images were taken, totalling 3600
and 2700 sec respectively. The Hα standard source HZ44 and a field in Selected Area
SA107 were observed for flux calibration purposes.
These images required special processing as there was a white-light leak in the camera.
Details of the leak and processing to remove its effects are provided in Appendix E. After
processing the effect of the remaining light on the final images is negligible; a 900-sec
exposure appears to have a contamination of ∼1 count.pixel−1.
After flatfielding and correction for the light leak, the on-line and off-line images were
shifted to a common pixel grid and median-combined. The median combination effectively
removed most of the cosmic rays and dead columns in the component images. I convolved
each image with a gaussian to match their FWHMs; the off-line image with a gaussian of 1
pixel FWHM, the on-line image with a gaussian of 2.23 pixels FWHM. The final common
resolution was 4.7 pixels FWHM.
Finally, I scaled and subtracted the ‘off-line’ image from the ‘on-line’ to generate a ‘pure’
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image of the Hα line emission. The relative throughput of the filters, determined from field
stars, was 1:6.3. After allowing for differences in total exposure I estimated the required
scaling to be 1:4.5. This estimate is uncertain due to random errors in measuring the
stellar magnitudes in both frames. To check the scaling value, I defined boxes of 20 × 20
pixels around 13 unsaturated stars in the field and computed the r.m.s. in the boxes of the
continuum-subtracted image, for several different scaling values. The scaling value which
minimised the r.m.s. for the majority of the stars was 1:4.7±0.1. This was adopted as the
correct value. The pixel-to-pixel noise in the final image is 0.7–0.8 count.pixel−1 .
I determined the angular scale and orientation of the final continuum image with the
koordse tool, using a Digital Sky Survey image of the field as reference. With these
parameters I rotated the pure-line image to the conventional orientation, and added the
coordinate system to the image headers, to ease comparisons with radio images (Chapter 2).
The Hα data were taken during non-photometric conditions, so I did not attempt an
independent calibration using standards observed on the night. Instead, I used the data
of MacKenty et al. (2000) who provide fluxes within well-defined circular apertures for
a number of the bright, central HII regions. Using the same aperture centres and sizes,
I measured the counts in the final Hα image for their regions IA, IB, ICn, ID, II, VIIn,
VIIIn, and IXn, using the iraf aperture photometry task phot. This yeilded a conversion
of (1.25 ± 0.04) × 10−17 erg.s−1 .cm−2 .count−1. The final, calibrated image appears in
Figure 3.11.

3.2.4

Long Slit Spectra

I obtained long slit spectra of NGC 4214 with the Multiple Mirror Telescope (MMT)
Red Channel spectrograph on 1991 June 06. The weather was clear. A slit measuring
1.500×18000was used, in seeing ∼100. The detector was a Texas Instruments 800×800 CCD,
rebinned to 400×400 for lower read noise. For improved sensitivity, an ultraviolet preflash
of 150 adu was used. A 600-line grating was used, in first order. An ultraviolet blocking
filter was employed to stop second-order light. To obtain spectral coverage from 3700
to 5100 Å, the dewar was rotated so that the dispersion direction ran from corner to
corner, rather than parallel to the rows or columns. In the final spectra the dispersion
was 1.97 Å.pixel−1, with a spectral resolution of 6.8 Å. The image scale along the slit
direction was 0.59±0.01 arcsec.pixel−1. For wavelength calibration I used a HeAr lamp,
with exposures made after every large movement of the telescope, and occasionally during
sequences of exposures on the same object. I observed spectrophotometric standard stars
e

Part of the karma suite, see http://www.atnf.csiro.au/karma

110

Chapter 3. Stellar Populations in NGC 4214

(with a 1000 slit) to determine the wavelength- and airmass-dependence of atmospheric
extinction, and the wavelength-dependendent flux scale. Spectra of NGC 4214 were taken
at ten different positions, listed in Table 3.3. Figure 3.14 shows the location of the slits
relative to the bright HII regions and star clusters.
The data were processed in iraf, following standard procedures (Massey, Valdes, & Barnes
1992). First, the bias level was estimated from overscan regions and subtracted. The
preflash lamp leaves a significant structural pattern across the chip, so several frames
containing only preflash exposures were averaged together and the result was subtracted
from all data frames. The images were rotated by 45◦ and cut down to give a rectangular
illuminated area. Flatfields and illumination corrections were created, and applied. These
flattened the intensity variation along the slit direction to ∼2%. Because there is significant distortion in the spectrograph camera optics several bright stars were observed at
different displacements along the slit, to model the distortion in the spatial direction. The
emission lines from the wavelength calibration lamp were used to model distortion in the
spectral dimension. These two sets of information were used with the task fitcoords
to obtain a geometric transformation that simultaneously corrected spatial distortions
and applied the dispersion solution (task transform). The spectra were corrected for
atmospheric extinction and flux-calibrated. Checks using flux-calibrated spectra of the
spectophotometric standards revealed random greyshifts at the level of 10% that could
not be calibrated out, but the relative fluxes at well-separated wavelengths appear accurate to ∼ 5%.
Two points affected the reductions. Firstly, the reduction package coped poorly with
spectra with the dispersion at a large angle to the chip axes. The images had to be rotated
and cropped to be rectangular to allow further reduction. This reduced the spatial coverage
so that almost all of the remaining slit length was covered by high-surface brightness
emission from the galaxy. This made sky subtraction difficult, and limited the coverage to
the brightest HII regions. A spectrum of a blank field was taken to obtain an independent
measure the night sky spectrum, but unfortunately the relative intensities of the night
lines, in particular the 4358 Å line (from the lights of Tuscon), changed during the night.
The second point is that the observations of NGC 4214 were taken with the slits all oriented
parallel to one another, not parallel to the parallactic angle. Light from a particular
structure in the galaxy may have been lost to differential refraction (Filipenko 1982; Fluks
& The 1992). I checked for this by observing the same objects (NGC4214#1, and the bright
field star used for position referencing) at different airmasses, with the same position angle.
The spectra are compared in Figure 3.3. At χ = 1.5, the bluest wavelength is reduced in
flux by ∼20% relative to the reddest, at χ = 2.4 the losses have increased to nearly 50%.
Spectra of individual objects were extracted from the two-dimensional spectra with the
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Frame

Object
Aperture

40
41
44

45

46

47

48

49

51
52
55
56

57

58

(ref. star)
N4214#1
1
N4214-1
4
3
1
2
N4214-2
4
3
2
1
N4214-3
5
4
2
1
3
N4214-4
6
1
2
3
4
5
N4214-5
3
2
1
N4214-6
2
1
(clear sky)
(ref. star)
N4214#1
1
N4214-7
3
2
1
N4214-8
4
2
1
3
N4214-9
1
3
2

RA
DEC
(J2000.0)
Low
High
(arcsec)
(arcsec)
12:15:37.74 35:49:47.4
12:15:39.49 36:19:31.3
1.17
9.75
12:15:39.92 36:19:28.0
-5.28
-0.88
0.07
4.47
8.86
13.26
13.52
17.92
12:15:40.22 36:19:25.0
-8.81
-2.75
0.15
2.88
3.83
11.22
7.46
14.85
12:15:40.68 36:19:19.8
-25.58
-22.13
-11.29
-6.82
-0.27
7.42
9.45
13.33
21.63
26.18
12:15:41.12 36:19:14.9
-18.53
-15.47
-15.23
-12.01
-11.02
-7.80
-7.71
-2.68
0.97
5.81
8.72
12.07
12:15:41.55 36:19:10.5
-21.43
-14.97
-15.22
-9.27
-1.16
10.36
12:15:42.54 36:19:04.7
-27.76
-15.47
-9.50
-0.66
12:15:14.53 36:16:22.2
12:15:32.74 35:49:47.5
12:15:39.45 36:19:31.1
-2.17
12.39
12:15:38.69 36:19:37.0
-9.38
12.78
17.52
24.79
17.03
24.54
12:15:37.25 36:19:52.2
-21.40
-8.86
-3.73
-2.22
3.01
8.33
12.73
17.01
12:15:35.77 36:20:05.2
-30.37
-22.20
-25.38
-17.21
-17.73
-11.38

Eff.
Airmass
Peak
(arcsec)
1.0363
1.0457
5.91
1.0820
-3.03
2.32
11.11
15.77
1.1222
-6.14
1.27
8.49
12.13
1.1684
-24.07
-8.69
3.72
11.47
23.87
1.2304
-16.98
-13.68
-9.47
-6.16
2.51
10.39
1.2922
-17.25
-12.30
4.57
1.3790
-20.03
-4.66
1.4917
1.5938
1.6055
5.00
1.6936
4.80
19.89
23.09
1.8994
-14.69
-2.66
5.70
14.80
2.1649
-25.12
-20.14
-14.30

PA
(◦ )

ζ
(◦ )

Exp
(s)

UT
(start)

34
34

99.9
99.2

30
600

03:48:18
03:52:12

34

93.2

1200

04:14:30

34

89.7

900

04:39:30

34

86.8

1200

04:57:42

34

84.1

900

05:22:24

34

81.9

900

05:40:42

34

79.6

1200

05:59:18

34
34
34

76.9
75.1
75.7

600
30
30

06:26:00
06:41:42
06:49:24

34

73.8

1200

06:51:36

34

71.4

1200

07:14:30

34

69.0

1200

07:36:54

Table 3.3 Coordinate and extraction parameters for each data frame. The RA and DEC are the
coordinates of the centre pixel along the slit, in the final transformed images. The extraction
apertures are given in the following lines, as offsets (arcsec) from that pixel.
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Figure 3.3 Comparison of spectra taken at different airmasses, as a test for light lost out of the
slit by differential refraction. The losses correspond to a 20–25% reduction in flux at the bluest
wavelengths. (left:) N4214#1, at two different airmasses on the same night. (right:) A field star.
In this figure the ratio is scaled up by a factor of 10 to make the ratio clearer; the losses are ∼50%.

task apall. Apertures were defined by eye, and background subtraction was performed
by fitting a low-order polynomial to selected regions either side of each object aperture.
The diffuse [Oiii] and Balmer line emission complicated the background removal, and
limited extraction to the brightest objects. In some cases the background starlight varied
strongly along the slit direction, and could not be completely removed. In these spectra
the emission-line equivalent widths will be uncertain.

3.3
3.3.1

Results
Optical structure and colour distribution

Integrated circular-aperture measurements
I used a series of fixed circular apertures to integrate the light of the galaxy. The apertures
were centred on the cluster NGC 4214#1, (α =12:15:39.39, δ =36:19:35, J2000). The
results appear in Figure 3.4.
As an external check on the calibration of the deep optical images, I compared the magnitudes and colours with the values tabulated in the RC3 catalogue (de Vaucouleurs et al.
1992). The agreement in V magnitude and B–V colour is good, but there is a discrepancy
between the U–B colours. The RC3 U–B data come from two sources; the bluest point is
from Pacholczyk & Tarenghi (1975), the other three from de Vaucouleurs (1959b). The
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galaxy is clearly bluer in the central regions; this occurs in all the optical colours. This is
probably caused by the light from NGC 4214#1, and the other blue clusters, which make
a significant contribution to the smaller apertures. The RC3 point from Pacholczyk &
Tarenghi agrees with my colours; therefore the innermost RC3 datum may be discrepant,
possibly due to aperture centering differences. The differences between the outer two
points (∼0.1 mag) are harder to explain. The RC3 data are given in the Johnson UBV
system (indeed, they were measured with Johnson’s original photometer and filters), but
the differences (for stars) between the Landolt and Johnson-system U−B colour are such
that Landolt-system magnitudes are only 0.02 mag bluer than the Johnson system at
(U−B)Ldt = −0.4 (Bessell 1995).
The infrared colours differ slightly from the results of Hunter & Gallagher (1985), particularly H−K, but agree with the data of Aaronson (1977). Since Hunter & Gallagher employ
a small aperture (1600), the discrepancies may arise from centering differences. J−H and
H−K are roughly constant for r < 10000, but J−K becomes steadily bluer over this range.
Near 10000, J−H appears to become bluer. The latter may be due to the field stars and
HII regions included in the aperture (Figure 3.5), but r ∼ 10000 also corresponds to the
break in the surface brightness profile (see below), so the change in colour may signal a
change in the stellar population. Clearly, more than 7.8 seconds of exposure time (the
typical 2MASS exposure time, Jarrett et al. 2000) is required!

3.3.2

Surface Photometry

Ellipse fitting
Most algorithms for surface photometry assume galaxies to be ellipsoids or inclined circular
disks, with enough regularity of the projected brightness distribution’s isophotes that
elliptical annuli can be fitted to a sequence of contours drawn at different brightness
levels. Irregulars, however, contain many HII regions and disconnected bright patches;
this uneven light distribution makes ellipse-fitting more difficult. Nevertheless, there does
appear to be a smooth underlying component in their brightness distribution, which can
be fitted well if the bright clusters and patches are masked out (Bothun 1986; Bothun &
Thompson 1988) or otherwise rejected (e.g. Patterson & Thuan 1996).
For this work I used the iraf task stsdas.analysis.isophote.ellipse, which implements
the fitting procedure described by Jedrzejewski (1987). I masked the field stars and some
of the more extended bright patches, using the same mask for all passsbands. I allowed the
fitting routine to reject up to 10% of the brightest pixels in an annulus, if they were more
than 3σ brighter than the mean intensity within the annulus. This efficiently rejected the
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Figure 3.4 (left:) Multiaperture optical photometry of NGC 4214, compared with data points
from the RC3 (triangles). (right:) Multiaperture photometry of the 2MASS Atlas images of
NGC 4214.

Figure 3.5 Photometry apertures drawn on top of the 2MASS J image. Apertures are drawn for
r = 1000 and 10000, the outer two (200, 22000) show the annulus used to estimate the sky brightness.
The greyscale runs from 126 to 150 counts, with a square-root transfer function.
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remaining small HII regions and clusters: the intensities fitted to frames that had been
exhaustively masked were only ∼ 0.05 mag fainter at mostf radii. Good fits were obtained
to r ∼20000. Beyond this radius the s/n is insufficient for reliable fits, and the residual
structure in the sky starts to become important.
Two sets of fits were made, one a ‘free’ fit for which the centre position, ellipticity and
position angle were allowed to vary, and another where the mean surface brightness was
estimated in concentric annuli fixed to the mean position and ellipticity of the outer freelyfitted ellipses. The appearance of these profiles differed significantly if they were plotted
as (semimajor-axis distance, surface brightness) points, but were almost indistinguishable
√
if the equivalent radius Req = ab was used as the abscissa. For the profile fits below, I
adopted Req as the radial distance coordinate, since it removes any coupling of errors in
ellipticity and intensity (Franx, Illingworth, & Heckman 1989).
The fitted brightness, ellipticity and position angle for all five filters are shown in Figure 3.6. The position angle changes rapidly near Req = 10000, at the point where the
ellipticity declines to zero. The outer disk appears to be slightly oval, the ellipticity ' 0.1
corresponds to a thin circular disk inclined at 25◦ . If the intrinsic axis ratio is of Irregular
disks is ∼ 0.38 (Fouque et al. 1990), the implied inclination (Hubble 1926)
cos2(i) =

(b/a) − q02
1 − q02

(3.1)

is 20◦ . The axis ratio is similar to that of the HI distribution shown in Chapter 2 but the
position angle differs by 90◦.
The shape parameters fitted by ellipse (Figure 3.9) also provide evidence of a bar in
NGC 4214. As described by Jedrzejewski (1987), the departure of an isophote can be
described by perturbations of the form
I = I0 + An sin(nE) + Bn cos(nE)

(3.2)

where n=3 or 4, and E is the eccentric anomaly. The B4 term describes the degree
of ‘boxiness’ in the isophote. Large negative values of this term correspond to nearrectangular isophotes, and thus to box-shaped orbits characteristic of bars (Binney &
Tremaine 1987; Franx, Illingworth, & Heckman 1989; Bender et al. 1989). Conversely,
large positive values imply the isophote is more pointed at the end than an ellipse, usually
described as ‘disky’. The A3 and B3 coefficients quantify the degree of ‘egg-shaped’ and
‘heart-shaped’ distortions. Peletier et al. (1990) provide a useful figure comparing the
f

The exceptions to this were the central 2000 , where the lumpy light distribution made convergence of
the ellipse fitting impossible, even after masking; and the region from 6000 to 8000 , where the differences
grow to 0.2 mag. This is due to a diffuse young population at the NW and SE ends of the ‘bar’ region.
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shapes.

Figure 3.6 Surface photometry of NGC 4214, for ‘free’ ellipse fits. The error bars are formal
√
errors given by the fitting program. Abscissa is Req = ab. The other fitted parameters are shown
in Figure 3.9.

NGC 4214 shows a clear and consistent degree of boxiness in all filters, which peaks at
B4 = −0.1 near Req = 80–9000. The effect is readily visible in contour plots or greylevel
images. Inside this radius, particularly for Req < 5000, there are nonzero contributions
from the ‘egg-shape’ term (strongest in U, weakest in I). There also is a tendency for
the B4 term to have a positive (‘disky’) amplitude, due to a bright ridge of emission in
the centre of the galaxy. This is most clearly seen in the I-band image. Both the U
and B filters show a significant ‘heart-shape’ amplitude, and nonzero A4 amplitudes for
Req < 9000. These are related to the clumpy isophotes produced of the bright HII regions
— such regions could not be completely excluded by the ellipse pixel-rejection scheme.
Outside Req = 80–9000, the departures from pure-elliptical isophotes show small deviation
from zero and are not consistent across all wavelengths. The ellipticity reaches zero at
Req ' 11500. The boxyness term is large. Jedrzejewski finds typical values ∼ 50−100 times
smaller for two well-known elliptical galaxies, NGC 3379 and NGC 4486. In their sample
of 39 ellipticals Peletier et al. find some ‘boxy’ systems, but none with B4 < −0.02.
From the two sets of brightness profiles (unconstrained fits and fits with e = 0, PA=0) I
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Figure 3.7 (left:) V-band surface brightness and the corresponding colours for unconstrained
ellipse fits. The surface brightness of the other filters have been interpolated to the V-band R eq
values before computing the colour. (right:) The V-band profile shows the mean surface brightness
around circular annuli centred on NGC 4214#1. The colour profiles are computed for the same
annuli. The large error bars arise from the variation of intensity within the annuli, which is due
to the structure of the galaxy.

computed colour profiles, which appear in Figure 3.7. There is little difference between
them. There are differences from the multiaperture colour profile (Figure 3.4), which
shows a blue central component and bluer colours overall. This arises because the choice
of innermost isophote and pixel rejection criterion both exclude objects like the bright blue
star cluster NGC 4214#1, giving a clearer idea of the colours in the underlying population.
Near the radius at which the position angle changes (Req ∼ 10000), the colours in Figure 3.7
show no appreciable change except perhaps for V−I, which seems to become slightly bluer.
This point is discussed futher below (page 122).

Profile Fitting
Five functional forms were tested to fit to the brightness profiles obtained from the ellipse
fitting. The profiles are poorly fit by an exponential. They are fit somewhat better with
a de Vaucouleurs (R1/4 ) law at large radii, but the fit of R1/4 profiles in the inner 6000 is
not good. Disk+bulge models (i.e. exponential and R1/4 components) are poor fits.
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The profile shapes cannot be explained as a single exponential plus a residual sky term;
while it was possible to obtain good fits with such a model, the values obtained for
the constant-background component implied unreasonably large sky-subtraction errors
(≥ 10σ).
Acceptable fits, with r.m.s. residuals a factor of two smaller than any other tested parameterisations, were obtained using two exponential components of different scale length
and different central surface brightness:
r
µ(r) = −2.5 log I0,1 exp −
h1






r
+ I0,2 exp −
h2




(3.3)

where h1 , h2 are the scale lengths and the I0 the brightness of the two components at
r = 0. The results are tabulated in Table 3.4, and the fits are displayed in Figure 3.8. The
compact component corresponds to that fitted by Schild (1984); he found h = 33 ± 300, my
results correspond to scale lengths between 1900 (U) and 3500 (I).
With its four parameters, the two-component model is degenerate. There are several
combinations of exponential slope and brightness that give adequate fits to the data. To
reduce the degeneracy, the fit was done in stages. First the outer disk (Req > 9000) was
fit with a single exponential. Then the inner portion (Req < 10000) of the disk was fit
with two exponentials, while the outer-disk parameters were held constant. The final step
was to refit the twin-exponential model over the whole radius range, using the parameters
from the previous fit as input parameters. This produced only small changes of the fitted
parameters.
The uncertainty in the profile parameters was estimated by fitting to profiles for which
the adopted sky level was ± 1σ either side of the mean value, and taking the error to be
the mean of the absolute differences. Scale lengths became shorter if the sky component
was overestimated, and longer if the sky was underestimated. The relative contribution
of the longer scale length component becomes less important when brighter estimates of
the sky were adopted.
Given that the model fit to the brightness profile is degenerate, how can the results be
interpreted — what is the physical nature of the two components? The phenomena which
need explanation are as follows. The ratio of the two components’ integrated brightnesses
is almost constant at (0.40±0.05):1, with the short-scale component being fainter. The
ratio at I is different however. At the disk centre, the short-scale component has higher
surface brightness, by ∼1.5 mag. The difference in central surface brightness of the two
components becomes steadily less from U (1.8) to I (1.2). The scale length of the shortscale component grows steadily from U to I. The long-scale component has roughly the
same scale length in all filters, with the possible exception of the I-band.
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One obvious identification is that the short-scale component corresponds to a bar, and
the long-scale component to an underlying disk. However the assignment is not clear-cut,
because the short-scale component contributes only a small fraction of the light at the radii
where the bar signatures are strong. The signature of high ellipticity exists at all radii
Req < 5000. It begins to fade away at Req ∼ 6000 and has vanished at Req > 10000. The signal
in the B4 parameter is strongest in the range 5000< Req <10000, and the radius where it is
strongest increases with wavelength. From Figure 3.8 the point at which both components
contribute 50% of the light is at Req = 3000 in the U filter, 3500 at B, 3700 at V, 4000 at R and
4900 for the I filter. The short-scale contribution falls to 25% by Req = 4100, 5200, 5600, 6100
and 7100, respectively. Thus at the radii where the B4 signal is strongest, the putative bar
component is contributing less than 25% of the light. It is possible that my procedure of
fitting the long-scale component first may have overestimated its contribution, and thus
underestimated the ‘bar’. More sophisticated decomposition methods (de Jong 1996) are
needed for further progress.
Another approach to understanding the two components of the brightness profile is to
examine the colours of each. Because of the degeneracy in the model, and the nearconstant scale of the extended component, I made a further series of fits with the scale
length of the extended component fixed at a suitable value (1 kpc). This reduced the
degeneracy of the model, and also forced the colour of the extended component to be the
same at all radii. The results are shown in Table 3.4. For the U, B, V and R images, a
disk of scale length 1 kpc was a reasonable description of the intensity profile in the outer
disk. For the I-filter image, however, it was a poor approximation. This is unlikely to be
due to a sky subtraction error distorting the profile. A fit to the data with an additional
parameter representing such an error implied the error would need to be ∼400 counts, or
10 times the sky r.m.s. To obtain a satisfactory fit with the scale length of the underlying
component fixed to 1 kpc, I allowed this component to become fainter, and the short-scale
component to brighten and extend further than in the other filters.
Given these decompositions of the observed brightness profile, I calculated the colours
of the two components at a few radii. These appear in Table 3.5. In the unconstrained
profile fit, the colours of the long-scale component change relatively slowly with radius.
Over the range of radius where it dominates the light, the colours change by < 0.3 mag.
The range of colour overlaps with the colour obtained for the long-scale component when
its scale length is fixed. The short-scale component reddens rapidly with increasing radius,
whether the long-scale component is fixed or not.
These differences in behaviour suggest the two components are different stellar populations,
and that the long-scale component is relatively homogenous. The extreme red colours of
the short-scale component are likely to be artifacts of the decomposition, but the colour
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Figure 3.8 Fits of a two-exponential model to the surface brightness profile. Each of the components is shown as a dashed or dotted line; the
combined profile is drawn as a solid line. Data points are in light gray. See also Table 3.4. (top:) The profile derived from free ellipse fits. (above:)
The profile derived from ellipses with fixed centre and position angle.
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Figure 3.9 Higher-order isophotal shape parameters. The ‘B4’ term is the most consistent across the filters; it describes the degree of boxiness
in the isophotes. The lowest four panels are on the same scale; a dotted line marks the zero level. ‘X0’ and ‘Y0’ are the fitted centre, and ‘eps’ the
ellipticity.
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differences at radii where the short-scale component contributes more than half the light
are probably real. Therefore the stars making up this component must be a mixture of
distinct generations. I shall return to the question of the stellar populations later sections.
scale length (pc)
scale ratio
CSB (mag.arcsec−2 )
central intensity ratio
Integrated Mag
intensity ratio
(range)

short-scale h
short-scale CSB
long-scale CSB
central intensity ratio
intensity ratio

U
246±85
978±643
0.25±0.1
19.23±0.04
21.10±0.30
5.6±2
11.72±1.0
0.7
10.59±2.7
1.4
0.35
(0.038–8.1)

B
323±61
1095±284
0.29±0.1
19.93±0.10
21.54±0.25
4.4±1
11.82±0.5
0.5
10.79±0.9
0.8
0.39
(0.12–1.4)

V
359±81
1056±346
0.33±0.15
19.73±0.25
21.13±0.25
3.6±2
11.40±0.8
0.7
10.45±1.0
0.8
0.42
(0.095–2.0)

Fixed underlying disk, scale = 1 kpc
268
298
348
19.30
19.90
19.73
21.23
21.38
21.05
5.9
3.9
3.4
0.40
0.32
0.38

R
383±52
1074±312
0.36±0.15
19.46±0.25
20.85±0.25
3.6±2
10.98±0.6
0.5
10.13±1.0
0.8
0.44
(0.12–1.82)

I
437±104
939±1870
0.47±0.30
19.21±0.40
20.45±0.80
3.1±3
10.45±1.0
0.9
10.03±0.8
0.8
0.68
(0.13–3.3)

365
19.47
20.72
3.2
0.40

467
19.14
20.81
4.7
0.95

Table 3.4 Scale lengths and surface brightness of the two exponential components fitted to
the brightness profile of NGC 4214, measured in different filters. The errors on the fitted values
indicate the spread resulting when fits are made to brightness profiles measured using different
sky levels (±10% variation). Also shown are the results of fitting a fixed-colour underlying disk of
scale length 1 kpc, and a variable overlying component.

The V−I colour displays different behaviour in almost all the trends noted above. Is this
to be believed, or an artifact in the I-band data? For example, in Figure 3.7 V−I becomes
slightly bluer at radii beyond ∼10000. I could find no V−I colours in the literature to crosscheck against. While aperture magnitudes could be obtained from the 1994 data, they
are not deep enough for a reliable check of the I-band surface brightness beyond about
r = 10000. The colour maps (next section) also show increasing blueness. However the
blueing is asymmetric, and it is impossible to rule out an artifact of residual flatfielding
errors: at r = 20000, the I-band surface brightness corresponds to ∼0.3% of the sky level,
while in the other bands at this radius, the galaxy is brighter than 2% of sky.

3.3.3

Colour Maps

To examine the two-dimensional distribution of the stellar population in more detail, I
aligned the deep images and computed colours in every pixel. The alignment was done
with iraf’s imshift task, using bilinear interpolation. Blink comparison of the images
shows no shift, and the centroids of stars in the frames match to ∼ 0.1 pixel. For each
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image I computed the s/n ratio at every pixel, the noise being composed of poisson noise
in the object plus the r.m.s. variation of the sky pixels at the edge of the image. Pixels
fainter than three times this noise level were masked out; this translates to the pixels in
the colour map having a maximum uncertainty of ∼0.5 mag. Over most of the image the
uncertainty is much lower than this, and dominated by systematic calibration uncertainties
(≤ 0.1 mag).
The colour maps are presented in Figure 3.10. The U−B image shows three UV-bright
regions distinct from the central star forming complexes. Two lie at the NW and SE
corners of the optical bar. The NW complex is a rough circle of blue clumps, ∼6000 in
diameter. The SW complex (−40, −5000) is more compact, and also roughly circular. Its
shape is reminiscent of a structure seen in the Hα image. Another complex of similar
size lies well to the west, near −130, −4000. At large galactocentric radii there are several
regions of very blue emission (U−B < −1.5), these are faint HII regions.
The B−V image shows an S-shaped distribution of blue populations. The same roughly
circular groupings at the bar ends, noted in the U−B image, can alsoe be made out in
B−V.
The V−I image shows similar large-scale features. Though they do not appear clearly in
Figure 3.10, there is a new population visible in the V−I image, consisting of numerous
rather red clumps, V−I>1.0. Several are located near −40, −2000. A similar bright red
object lies in the centre of the blue population to the NW of the bar. The HII region HK 38
(−15, −3000) has a curious cometary structure associated with it. This is also visible in
the light of Hα.
There is a shift to bluer colours at the edge of the distribution, at the radius where the
isophotes start to become more rounded. It is strongest in V−I, but also visible in B−V.
The effect is also seen in the colours obtained from isophotal ellipse fitting (Figure 3.7,
r = 100–15000); in these fits, HII regions are rejected during the fitting process.
In all colours, there is a change in colour between the north-western and south-eastern
ends of the bright bar. The north-western end shows smaller colour variations and differs
by ∼0.15 from the ‘background’ population beyond the bar region.

Colours of individual clusters
When characterising the stellar populations of a galaxy, one ideally wants the colours of
individual star clusters and associations, separated from the general galactic background
light. In NGC 4214 the background disk light fluctuates rapidly, which makes estimation
of the appropriate sky level to subtract an uncertain business. I attempted to remove
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Figure 3.10 V-band and colour images of NGC 4214. Pixels with s/n less than 3 have been masked out. Owing to limited choices of colour
table, the bluer colours are shown as red. (top left:) V, in magnitude.arcsec−2 . (top right:) U–B, in magnitudes. (above left:) B–V. (above right:)
V–I.
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most of the background by median-filtering each image with a 21×21 median box and
subtracting this smoothed image from the original. I measured magnitudes of objects in
the background-subtracted image with a r = 6 pixel aperture, and determined the sky
within an annulus of r = 10 to 12 pixels. Since the background determination dominates
the errors, I tried changing the algorithm by which apphot determines the sky value. The
magnitudes changed slightly, but none changed by more than the estimated uncertainty.
Table 3.6 presents colours of four of the bright objects in the bar, the three brightest
objects in the ‘SW complex’ revealed by the U−B colour map, and one of the red objects
noted in the V−I image. The final object, which might be a field star, is included as it
lies within the boundary of one of the largest HI holes in the galaxy (see Figure 2.35 on
page 87). The red object ‘cl-a’ is so red that it is not detected at U or B, and barely
at V. The colours of the others are all consistent with single-age stellar populations; see
Section 3.4. Adopting a distance of 4 Mpc, the V magnitudes correspond to objects with
MV =−8.0 to −11.5.

3.3.4

HII region luminosity function

The HII region population is an important source of energy in the ISM of NGC 4214. The
slope of the HII region luminosity function slope provides a convenient parameterisation
of the population’s properties, e.g. Oey & Clarke 1997. It has been measured before in
NGC 4214 (Kennicutt, Edgar, & Hodge 1989; Youngblood & Hunter 1999) but I was
unaware of the latter measurement until the work below was completed.
I picked out the HII regions by visual examination of the final Hα image, using in an iteractive tool to define circular apertures that included each region. Following the common
convention (Kennicutt, Edgar, & Hodge 1989; Rand 1992; Knapen 1998) I split complex
regions into subregions, positioning and sizing the apertures for minimal overlap, but with
a minimum aperture radius equal to the FWHM of the point spread function (4 pixels).
Because of background variations arising from the residual light leak and diffuse emission
in the galaxy, I determined a background level for each individual region in a two-step
process. The intial determination was automatic, using an annulus with an inner raidus
1 pixel larger than the photometry aperture and outer radius 50% larger than the inner.
The sky was taken to be the modal value of the pixel distribution in this annulus. This
sufficed for the majority of regions.
The second step was to interactively check the aperture positioning and sizing, and the
adequacy of the background estimate. The tool I built for this purpose (Figure 3.12) plots
the aperture and sky annulus on top of the image, and draws contours set at the sky level
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Req (00)
0
50
100
150
200
Req (00)
0
50
100
150
200

Two
U−B
−0.70
0.31
(1.32)
(2.33)
(3.34)
U−B
(−0.44)
(−0.33)
−0.21
−0.10
0.16

exponential disks
B−V
V−R
0.20
0.27
0.52
0.45
(0.85) (0.63)
(1.17) (0.82)
(1.49) (1.00)
B−V
V−R
(0.41) (0.28)
(0.38) (0.30)
0.34
0.31
0.31
0.33
0.27
0.35

V−I
0.52
1.04
(1.56)
(2.08)
(2.59)
V−I
(0.68)
(0.56)
0.43
0.31
0.19

Fixed underlying disk, scale = 1 kpc
Req (00)
U−B
B−V
V−R
V−I
0
−0.60
0.17
0.26
0.59
50
−0.21
0.67
0.40
1.35
100
(0.18) (1.18) (0.54) (2.12)
150
(0.58) (1.68) (0.68) (2.88)
200
(0.97) (2.18) (0.82) (3.64)
Req (00)
U−B
B−V
V−R
V−I
All radii
−0.15
0.33
0.33
0.24

ratio
3.63
0.62
0.11
0.02
0.00

ratio
3.37
0.56
0.09
0.02
0.00

Table 3.5 Colours computed for two different decompositions of the brightness profiles. The
upper part of each table shows the colours of the short-scale component, and the lower part the
colours of the long-scale component. The rightmost column shows the surface brightness ratio of
the short- and long-scale components, in the V filter. Values in parenthesis indicate a contribution
of less than 20% to the total light.

RA
12:15:37.40
12:15:38.34
12:15:39.60
12:15:40.54
12:15:27.94
12:15:28.16
12:15:29.64
12:15:29.70
12:15:35.42
12:15:45.92

DEC
36:19:55.0
36:19:43.1
36:19:33.1
36:19:29.8
36:18:35.9
36:18:42.5
36:18:35.2
36:18:47.2
36:18:39.1
36:15:46.3

V
17.44±0.05
16.51±0.05
15.20±0.04
16.30±0.05
19.96±0.06
18.89±0.05
18.65±0.04
19.16±0.06
20.06±0.07
16.56±0.03

(U−B)
-0.20±0.12
0.01±0.12
-0.92±0.07
-1.04±0.09
-0.61±0.13
-0.60±0.11
-0.51±0.07
-0.15±0.12
...
-0.25±0.07

(B−V)
0.25±0.11
0.54±0.10
-0.01±0.07
0.06±0.09
-0.05±0.12
0.17±0.10
0.14±0.09
0.37±0.10
...
0.50±0.07

(V−R)
0.31±0.10
0.46±0.09
0.06±0.08
0.33±0.09
-0.03±0.15
0.43±0.09
0.19±0.09
0.33±0.10
1.08±0.09
0.40±0.07

(V−I)
0.70±0.10
0.87±0.09
-0.01±0.08
0.25±0.10
-0.40±0.31
0.67±0.12
0.34±0.10
0.74±0.11
1.66±0.09
0.69±0.07

ID
IVs
III
I-As
I-Bs
SW-a
SW-b
SW-c
SW-d
cl-a
star7

Table 3.6 Colours of individual objects in NGC 4214. The errors include poisson noise and
systematic calibration uncertainties. Coordinates are (J2000.0), quoted accurate to one pixel
(0.6600).

3.3. Results
Figure 3.11 Continuum-subtracted Hα image of NGC 4214. (left:) Wide-angle view, using a square-root greyscale function. The units on
the intensity scale are erg.s−1 .cm−2. Field stars are marked with crosses. (right:) Close-up of the central region, using a logarithmic greyscale.
NGC4214#1 sits within the central loop of bright emission.
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and sky+2.5, sky+5 times the r.m.s. in the annulus. The contour levels are especially
helpful in visualising whether the sky level is adequate in a region with rapidly fluctuating
background. Where the background was bright or highly variable, the sky tended to be
underestimated by the automated method. In these cases the sky level was interactively
adjusted until the bottom contour more approximately matched the edges of the integration aperture. The flux was determined as flux = sum(aperture) − area(aperture)×sky,
not as an ’isophotal’ summation of only the pixels above the sky level within the aperture.
The set of HII regions was combed for spurious regions, following Knapen et al. (1993).
Knapen et al. suggest a criterion for distinguishing HII regions from fluctuations in the
background noise based upon a contigous area above a given signal to noise ratio. For
an approximately gaussian psf, if the peak pixel is more than 5 σ above the background
level, all the pixels within a circle defined by the FWHM will be more than 2.5σ above
the background level. This is the criterion I adopted — the number of connected pixels
more than 2.5σ above sky should beg 25 or more. The σ was taken to be the sky annulus
r.m.s. unless this was strongly affected by sources in the annulus, in which case I adopted
a value calculated from a few empty regions of the image, σ=0.8 counts.
The final catalogue (Table 3.7) contains 158 regions. The faintest regions, by the criterion
given above, have integrated fluxes of 2.4 × 10−16 erg.s−1 .cm−2 , or assuming a distance
of 4 Mpc (Section 2.1.1), an Hα luminosity of 4.5 × 1035 erg.s−1. The distribution of
luminosities is shown in Figure 3.13.
HII region luminosity functions are usually modelled as simple power laws, with the number
of regions increasing monotonically as regions of lower and lower luminosity are considered.
In the regime of regions powered by a single star, the distribution is expected to flatten
out (McKee & Williams 1997; Oey & Clarke 1998). In NGC 4214, Figure 3.13 shows a
turnover of the distribution at low luminosities, suggesting a lower limit to the luminosity
of HII regions in this galaxy. Youngblood & Hunter detect the turnover also. Their
observations show a plateau rather than a decline, consistent with their deeper integration
enabling detection of more faint objects (they find 204).
The power-law index of the luminosity function was estimated in two ways. The first was
to use a plot of the differential counts in logarithmic bins — Figure 3.13. For a power-law
luminosity function,
n(L) = CLa
the number of objects with luminosity L in a bin of width ∆L can be written as
log(N (L, ∆L)) = log(D) + (1 + a) log(L)
g

1.133 × (4.700 FWHM / 0.665 arcsec.pixel−1 )2 .
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Figure 3.12
Interactive checking of the photometry aperture and sky determination. The
histograms at lower right show the distribution of pixels in the aperture (red) and annulus (yellow),
and the contour levels (blue. The numbers next to each contour level indicator show how many
pixels within the measurement aperture are above the contour level.

where D is a constant related to C, a and the step size. Thus if one bins the data in log L
and plost the logarithm of the number in each bin against log L, a power-law distribution
function with index a will appear as a straight line of slope 1 + a.
√
A least-squares fit (with the bins weighted by N, but excluding the bins below log(L) =
36.6 where the distribution begins to decline) gives a a slope of −0.51, and thus a luminosity
function power-law index of −1.51.
The slope a and its formal uncertainty σ can also be estimated without binning, using a
Maximum Likelihood technique (R.W. Hunstead, priv. comm.)
a = 1 + Pn

1

ln Li
i
n

σ =

(3.4)
+ ln L0

a−1
√
n

(3.5)

where L0 is the lowest-luminosity region and n the number of regions. Excluding the HII
regions below log(L0 ) = 36.6, the luminosity function slope is −1.58 ± 0.05.
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Youngblood & Hunter (1999) find a slope of −1.48±0.04, using a linear fit to logarithmicallybinned data, in agreement with my estimate by the same method. For the final value I
adopt a slope of −1.5 ± 0.1.

Figure 3.13 HII-region luminosity function for NGC 4214. The turnover at low luminosities is
√
discussed on page 128. The solid line is a least-squares fit, with the points weighted by N . The
√
error bars denote N errors. The lower three bins, and the brightest bin, were excluded from the
fit. The distance is assumed to be 4 Mpc.

DEC
J2000.0
12:16:04.726 36:14:19.86
12:15:35.838 36:18:05.34
12:15:35.811 36:17:40.71
12:15:35.753 36:21:01.73
12:15:35.537 36:16:03.86
12:15:35.421 36:22:52.23
12:15:35.368 36:20:53.75
12:15:35.120 36:20:29.78
12:15:34.956 36:19:54.17
12:15:34.901 36:19:43.85
12:15:34.787 36:22:46.24
12:15:34.734 36:21:30.35
12:15:34.625 36:20:16.47
12:15:34.568 36:21:24.36
12:15:34.570 36:20:01.49
12:15:34.432 36:19:45.18
12:15:34.299 36:15:39.23
12:15:34.212 36:19:57.50
12:15:33.935 36:21:28.02
12:15:33.878 36:22:47.23
12:15:53.047 36:18:43.90
12:15:33.583 36:16:03.86
12:15:33.520 36:22:07.96
12:15:33.495 36:20:47.75
12:15:33.468 36:19:42.85
12:15:33.359 36:19:24.88
12:15:33.277 36:18:32.29
12:15:33.245 36:21:56.31
12:15:33.219 36:21:01.06
12:15:33.034 36:15:30.24
12:15:52.637 36:19:34.49
12:15:32.997 36:22:06.63
12:15:32.831 36:22:12.28
12:15:32.308 36:22:19.60
12:15:32.306 36:23:08.20
12:15:32.011 36:18:28.29
12:15:31.702 36:22:14.94
12:15:31.620 36:21:31.68
12:15:31.427 36:21:53.97
12:15:30.736 36:22:39.57

Radius
(00 )
3.66
3.00
8.65
3.99
3.66
4.33
3.99
5.33
4.33
2.66
3.99
3.00
8.32
5.33
3.66
3.66
4.33
3.00
4.33
5.33
2.66
4.33
4.33
3.99
4.66
3.66
4.33
3.66
7.32
3.00
5.66
3.66
3.00
3.00
3.33
5.33
5.33
7.65
5.33
4.33

DEC
J2000.0
12:15:30.187 36:21:53.64
12:15:51.445 36:16:34.45
12:15:30.169 36:16:51.10
12:15:29.857 36:21:33.33
12:15:29.691 36:21:53.97
12:15:29.607 36:22:26.25
12:15:29.370 36:17:20.05
12:15:29.151 36:16:55.76
12:15:28.329 36:15:06.59
12:15:27.154 36:22:35.22
12:15:24.668 36:24:18.71
12:15:23.633 36:20:36.05
12:15:50.867 36:16:34.78
12:15:16.251 36:20:30.98
12:15:13.546 36:16:36.31
12:15:40.657 36:19:03.25
12:15:40.271 36:19:01.92
12:15:33.332 36:19:01.25
12:15:46.438 36:17:51.35
12:15:33.139 36:19:03.91
12:15:46.740 36:17:47.02
12:15:47.648 36:17:35.37
12:15:48.034 36:17:36.70
12:15:50.806 36:14:12.67
12:15:42.364 36:18:49.94
12:15:40.712 36:18:49.28
12:15:35.587 36:22:08.96
12:15:35.532 36:22:21.61
12:15:35.091 36:22:14.95
12:15:50.517 36:19:47.82
12:15:50.454 36:16:40.11
12:15:48.830 36:16:45.11
12:16:01.305 36:18:09.55
12:15:48.759 36:22:20.59
12:15:47.761 36:19:00.24
12:15:46.934 36:18:20.64
12:15:46.380 36:15:55.86
12:15:46.298 36:16:11.84
12:15:46.273 36:18:21.64
12:15:46.190 36:17:39.70

Radius
(00 )
3.66
4.99
6.32
6.66
3.33
4.66
4.66
4.33
5.99
4.66
3.66
6.32
3.66
4.33
4.66
2.66
2.66
2.66
3.33
2.66
3.00
3.66
3.00
3.99
3.99
2.66
3.99
3.33
4.66
3.00
4.66
4.33
4.33
4.99
6.99
4.66
3.66
3.66
4.66
3.66

RA

DEC
J2000.0
12:15:46.025 36:17:56.01
12:15:59.804 36:21:04.96
12:15:45.614 36:19:41.19
12:15:44.678 36:20:07.15
12:15:44.567 36:18:52.60
12:15:43.687 36:20:46.42
12:15:43.603 36:18:59.92
12:15:43.574 36:16:50.12
12:15:43.465 36:18:41.28
12:15:43.301 36:20:42.43
12:15:43.355 36:18:33.63
12:15:43.300 36:18:20.32
12:15:59.136 36:19:28.78
12:15:43.272 36:18:52.60
12:15:42.997 36:18:35.63
12:15:43.023 36:16:50.46
12:15:42.721 36:18:13.00
12:15:42.748 36:16:58.78
12:15:42.751 36:21:24.03
12:15:42.721 36:18:25.98
12:15:42.721 36:18:33.30
12:15:42.638 36:16:47.79
12:15:42.419 36:19:47.52
12:15:58.355 36:23:58.37
12:15:42.390 36:16:51.46
12:15:42.282 36:20:45.10
12:15:42.226 36:19:02.25
12:15:41.756 36:14:51.64
12:15:41.730 36:18:22.32
12:15:41.235 36:20:29.12
12:15:41.015 36:19:29.21
12:15:41.015 36:19:03.59
12:15:40.848 36:15:54.21
12:15:40.657 36:19:09.24
12:15:58.073 36:15:15.85
12:15:40.519 36:19:13.57
12:15:40.491 36:19:31.21
12:15:40.188 36:16:00.87
12:15:40.161 36:18:40.29
12:15:40.106 36:19:30.21

Radius
(00 )
4.33
4.33
6.99
4.66
2.66
3.33
3.99
4.66
3.99
3.66
2.66
3.66
3.33
3.66
2.66
3.33
4.99
3.33
3.33
3.00
2.66
2.66
7.65
3.33
2.66
3.99
4.99
3.99
3.33
4.33
2.66
3.33
5.66
3.00
5.33
2.66
3.66
3.66
5.33
3.00

RA

DEC
J2000.0
12:15:39.941 36:20:13.48
12:15:39.885 36:16:36.81
12:15:39.500 36:21:16.72
12:15:39.335 36:17:40.38
12:15:39.307 36:19:32.54
12:15:57.288 36:18:47.86
12:15:39.087 36:19:48.52
12:15:38.729 36:19:30.88
12:15:38.729 36:20:02.83
12:15:38.674 36:16:19.51
12:15:38.564 36:15:30.25
12:15:38.536 36:19:58.84
12:15:38.454 36:18:45.28
12:15:38.453 36:20:03.49
12:15:38.261 36:19:24.55
12:15:38.233 36:20:38.44
12:15:55.484 36:22:45.84
12:15:38.178 36:18:39.96
12:15:37.876 36:16:04.86
12:15:37.847 36:19:54.18
12:15:37.819 36:22:16.29
12:15:37.737 36:21:20.71
12:15:37.711 36:16:12.85
12:15:37.627 36:20:33.11
12:15:37.545 36:19:00.59
12:15:37.184 36:24:14.11
12:15:37.158 36:22:18.29
12:15:54.506 36:18:39.57
12:15:36.938 36:20:02.16
12:15:36.635 36:20:55.08
12:15:36.524 36:22:25.27
12:15:36.496 36:22:43.58
12:15:36.470 36:20:05.49
12:15:36.414 36:21:05.73
12:15:36.357 36:24:10.11
12:15:36.333 36:19:57.17
12:15:36.140 36:20:01.83
12:15:36.000 36:23:10.87

HII regions in NGC 4214, catalogued from the Hα image obtained as part of this work.

Radius
(00 ) !
3.33
8.32
4.99
4.33
4.66
4.99
3.66
3.99
3.33
3.99
5.33
3.33
5.66
3.00
4.66
5.66
8.65
3.00
4.66
4.66
3.99
5.33
3.99
3.66
3.66
3.99
3.99
3.99
3.33
3.99
6.99
6.32
3.33
3.99
3.99
2.33
3.66
3.33
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Spectroscopic Results

I obtained spectra for 32 separate regions in NGC 4214. The characteristics of these are
summarised in Table 3.3. I computed abundances from the spectra, and examined them
for age indicators such as Wolf-Rayet emission features and Balmer absorption lines.

Figure 3.14 Observed slit positions in NGC 4214, superposed on a B-band image. The full slit
was 30 long, shown here is the extent (62.600) after the spectra were cut down to the rectangular
illuminated area. The slit width was 1.500, perceptibly wider than shown here. The extraction
apertures are shown running parallel to each slit.

HII-region abundances
I measured line fluxes from 21 spectra, those taken at high enough elevation (χ < 1.5)
that differential refraction should not strongly affect the [O ii] flux. This limits the spatial
coverage of my abundance estimates to the south-east and central star forming complexes,
which have been studied by previous authors (Kobulnicky & Skillman 1996; Maíz-Apellániz
et al. 1998). I used the iraf task splot to measure fluxes, by fitting a gaussian and sloping
continuum. Errors were estimated by refitting with different choices for the continuum
points. I used the indirect ‘R23’ abundance method described in Section 5.5 and adopted
the high-abundance branch values. Few spectra have sufficient signal in the [O iii] 4363Å
line to warrant determining the excitation temperature of the nebula.

3.3. Results
Figure 3.15 (left:) Excitation diagram comparing NGC 4214 with Galactic HII regions (dashed line), other irregular galaxies (open symbols) and
shock-heated models (dotted line). See Figure 5.14 for a full description of the symbols. (centre:) Abundances derived assuming the high-abundance
branch. (right:) [O iii] / [O ii] ratio, vs R23.
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Three spectra produced peculiar abundance values:
46.0002 The low abundance derived from this spectrum reflects the large R23 parameter,
which lies outside the range expected from the models.
47.0006 R23 is large for this spectrum also. The Hγ/Hβ ratio in this spectrum is low,
resulting in a high extinction estimate and a large extinction-corrected [O ii] flux.
The Hγ flux may be underestimated as a result of bright Hγ in the neighbouring
regions along the slit.
48.0003 This spectrum has line ratios consistent with a higher density of ionizing photons
than the other spectra. It is also distinguished by strongly curved emission lines
consistent with a velocity difference of 170 ± 50 km.s−1 (Figure 3.16). I measured
velocities with the [O ii] 3727Å line. The [Ne iii] 3967Å line shows a similar, perhaps
larger, shift.
Excluding these three spectra, I obtain a mean abundance of log(O/H)=−3.69 ± 0.09, in
good agreement with the analysis of Kobulnicky & Skillman (1996). The distribution of
abundance values is shown in in Figure 3.15.
Spect.
41.0001
44.0001
44.0002
44.0003
44.0004
45.0001
45.0003
45.0004
46.0001
46.0002
46.0004
46.0005
47.0001
47.0002
47.0003
47.0004
47.0005
47.0006
48.0001
48.0002
48.0003
49.0001

Hγ/Hβ

E(B−V )

0.366±0.015
0.431±0.019
0.443±0.013
0.422±0.012
0.401±0.029
0.397±0.006
0.937±0.205
0.432±0.019
0.389±0.019
0.376±0.029
0.459±0.036
0.044±0.014
0.441±0.011
0.412±0.006
0.523±0.008
0.384±0.036
0.518±0.028
0.322±0.026
0.433±0.018
0.393±0.005
0.495±0.008
0.368±0.010

0.678±0.107
0.236±0.117
0.165±0.076
0.295±0.073
0.430±0.194
0.459±0.040
0.000±0.000
0.234±0.121
0.514±0.128
0.603±0.208
0.000±0.000
6.330±0.899
0.174±0.069
0.360±0.039
0.000±0.000
0.547±0.252
0.000±0.000
1.017±0.219
0.223±0.109
0.485±0.034
0.000±0.000
0.660±0.071

Table 3.8

[O ii]
Hβ
4.61±0.10
6.24±0.08
6.14±0.08
4.19±0.10
6.51±0.22
5.53±0.09
5.00±0.89
5.39±0.18
7.83±0.23
10.18±0.26
6.65±0.43
...
5.89±0.05
4.72±0.03
...
4.87±0.24
5.94±0.24
9.90±0.52
6.39±0.16
3.23±0.22
0.54±0.00
4.73±0.08

[O iii]
Hβ
4.67±0.05
2.56±0.03
2.11±0.03
3.08±0.03
3.33±0.05
3.55±0.05
7.74±1.33
4.73±0.09
3.01±0.09
3.13±0.09
3.13±0.16
...
3.12±0.02
3.60±0.01
...
3.97±0.14
3.11±0.11
4.59±0.24
1.84±0.02
5.12±0.01
3.81±0.02
4.20±0.03

[O ii]
)
[O iii]
-0.01±0.01
0.39±0.00
0.46±0.00
0.13±0.01
0.29±0.01
0.19±0.00
-0.19±0.03
0.06±0.01
0.42±0.01
0.51±0.00
0.33±0.01
...
0.28±0.00
0.12±0.00
...
0.09±0.01
0.28±0.01
0.33±0.02
0.54±0.01
-0.20±0.03
-0.85±0.00
0.05±0.01

log(

Fluxes and diagnostic line ratios for NGC 4214.

log(R23)
0.97±0.01
0.94±0.01
0.92±0.01
0.86±0.01
0.99±0.01
0.96±0.01
1.10±0.07
1.01±0.01
1.03±0.01
1.12±0.01
0.99±0.03
...
0.95±0.00
0.92±0.00
...
0.95±0.02
0.96±0.02
1.16±0.02
0.92±0.01
0.92±0.01
0.64±0.00
0.95±0.01

log( O )
H
-3.65
-3.69
-3.65
-3.52
-3.76
-3.68
-3.85
-3.73
-3.86
-4.08
-3.76
...
-3.69
-3.60
...
-3.64
-3.69
-4.12
-3.67
-3.55
-3.19
-3.64
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Figure 3.16 (top:) Two-dimensional view of spectrum 45, sky-subtracted using the median of
of 20 pixels near the bottom of the image as a ‘sky’. Note the WR features near 4686 Å. The
greyscale ranges from -0.5 to 1.0×10−16 erg.s−1 .cm−2. The y-axis coordinate is pixel number (1
pixel subtends 0.5900). (above:) Two-dimensional view of spectrum 48. Note the curvature of the
emission lines in the object near row 330; it is most apparent in the [Ne iii] 3967 and neighbouring
lines. The greyscale ranges from -0.5 to 2.0×10−16 erg.s−1 .cm−2.

Wolf-Rayet Stars
Several of the spectra show lines of He i and other features associated with Wolf-Rayet stars
(Figure 3.17). Most of the regions in which I found these features have been previously
noted (Sargent & Filippenko 1991; Kobulnicky & Skillman 1996; Maíz-Apellániz et al.
1998). Below, I employ the notation of Maíz-Apellániz et al.. The regions with detections
are:
Knot A (NGC4214#1) was observed in spectra 41.001 and 55.0001. The spectra show
a strong WR bump feature, which is broad compared to the other detections. None
of the other (much fainter) clusters along the slit show a detectable He ii feature.
Knot B This was sampled by spectrum 45.0001. The bump feature is quite clear. There
are two other interesting clusters along the slit; see Figure 3.16. The first (spectrum
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Figure 3.17 Wolf-Rayet stars in NGC 4214. The spectra have been arbitrarily scaled and shifted
along the y-axis to emphasise the features near 4686Å; the scaling factor is shown.
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45.0003, lying about 1000 (∼195 pc) SW of knot B) shows a similar WR bump. The
second region (45.0004) lies 700 SW (∼ 140 pc) of the first. It has a similar but
much narrower WR feature which peaks at the same wavelength. These two objects
are new detections of WR emission in NGC 4214. In these latter two spectra the
other emission lines ([O iii] Balmer series) appear rather weakly compared to their
apparent strength in Figure 3.16. This is an artifact of the extraction process which
arises as follows. Both objects are embedded in (or viewed superposed upon) an HII
region. The brightnesses of the emission lines varies rapidly along the slit, which
makes it difficult to obtain an accurate estimate of the background at the position
of each object. In this case the background estimate is too high at the wavelengths
of the emission lines. At the wavelength of the WR bump however, the background
varies more slowly and has been accurately removed.
Knots D & E Spectrum 47 slices between knots D and E, and collects some light
from both. The slit also passes close to knot H. The extracted spectrum 47.0001
corresponds to knot D, and shows a clear WR bump. Spectrum 47.0002 corresponds
to knot E. It shows ’nebular’ 4686 emission. Maíz-Apellániz et al. claim the opposite
is true, i.e. knot E has a WR bump while D has nebular emission. My spectra
reinforce their point that there are likely very young WR stars in this region of
NGC 4214. None of the other spectra in this exposure show WR features.
Knot K Spectrum 48.0002 shows a bump at the right wavelength for He ii 4686 but
there is a cold pixel nearby which corrupts the summed spectrum, complicating
interpretation. The spectrum shows other lines of He i that are seen in conjunction
with nebular He ii 4686, but not (in my spectra) with the WR bump. Nevertheless
Kobulnicky & Skillman show spectra with nebular He i lines and a WR bump, so
this region probably contains (previously unknown) Wolf-Rayet stars.

Cluster NGC4214-IVs
The object denoted NGC 4214-IVs by MacKenty et al. (2000) has an interesting spectrum,
with strong Balmer absorption lines at a redshift of 271±50 km.s−1 (Figure 3.18). In the
HST images of MacKenty et al. it appears as a cluster of stars, with Hα emission within
their measurement aperture.
The integrated magnitude is V=17.4 (Table 3.6), corresponding to an absolute magnitude
of MV = −10.6 at a distance of 4 Mpc. The cluster colours (corrected for the Milky
Way foreground) indicate a cluster with an age ∼100 Myr. Consistent with that age I
see net absorption — i.e. (line)−(continuum) < 0 — at in the Hα image at the cluster
position, though there is emission in the immediate surroundings. The same is visible in
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Figure 3.18 (top:) Two-dimensional spectrum of NGC4214-IVs, sky-subtracted using 20 pixels at
the top of the image as a ‘sky’. The cluster is the brightest object. A background stellar continuum
with Balmer absorptions is clearly visible, along with faint [O ii], [O iii] and Hβ emission. The
diagonal streak near 3900Å is a bad data column. (centre:) Extracted spectrum of the cluster,
the surrounding stellar continuum and the subtracted backround. All spectra have been scaled to
account for the difference in aperture sizes. (above:) Background fitting for these spectra. left:
cluster NGC4214-IVs. The x-axis runs along the length of the slit; the intensity profile shown is an
average of 50 rows from the spectrum centred at Hδ. right: background region for the surrounding
stellar continuum (−15 to +25).
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the image of Martin (1998). This is produced by strong Balmer absorption lines in the
cluster spectrum.
I have estimated the age of the cluster from the equivalent widths of the Balmer lines,
following the method detailed in Section 5.6.2 (page 256). The measured widths are
consistent with an age between 30 and 100Myr, the value depending on metallicity. The
Hβ, Hγ and Hδ widths are consistent with one another and indicate 25–40 Myr for a
solar metallicity cluster, and 50–90 Myr if the cluster metallicity is as low as 1/20 the
solar value. The higher lines in the Balmer series are consistent with 50–90 Myr for solar
metallicity and 70–100 Myr at 1/20 solar. The high-order lines suffer less dilution from
nebular continuum, which should produce a more accurate age.
The cluster age derived from the spectrum is younger than implied by the optical colours.
The discrepancy may be due to dust reddening the optical colours; AV ∼ 0.5 mag would be
sufficient. Several of the HII regions I measured have extinctions of this order (Table 3.8).
The age depends on the accuracy with which the spectrum can be extracted; if the background population is not accurately removed the equivalent widths could be systematically
in error. The cluster lies on a blue background population, which also has strong Balmer
absorption lines. Figure 3.18 shows how the background was fitted for the cluster, and
for a neighbouring region. The latter spectrum and the sky subtracted from it are also
shown. Though noisy, the equivalent widths are consistent with a still older population,
∼ 200–500 Myr. This age estimate is uncertain because the spectrum samples the field
population; there will be a significant contribution to the spectrum from non-coeval stars.
This object was also noted by Fanelli et al. (1997), who suggested it might be the galaxy
nucleus on the basis that they did not detect it in their FUV images. They also considered
whether it was a star cluster, and on the basis of the FUV nondetection suggested an age
∼ 200 Myr.
The magnitude, colours and the age deduced from the Balmer lines are consistent with
NGC 4214-IVs being part of the class of young massive clusters studied by e.g. Larsen
& Richtler (1999). It has been speculated that these are young analogues of the globular
clusters in the Milky Way. NGC 4214-IVs is highly luminous, but with the data at hand
I cannot confirm it as a globular cluster. Adopting an age of 70 Myr, the luminosity is
consistent with a cluster mass of ∼ 105M . This is at the low end of the range for globulars
(Harris 2000). If the age is really 200 Myr, the implied mass is a few times higher. The
cluster is resolved in my images, with FWHM ∼ 300, or 60 pc. This is consistent with
the size of known globulars (Harris 1991). It may be possible to determine the cluster
brightness profile from MacKenty et al. (2000)’s HST images, and estimate the mass via
velocity dispersion, from high-resolution spectra. Taken together, these data would allow
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a determination of whether or not the cluster is gravitationally bound, and able to survive
for billions of years. Until this can be done, the nature of the cluster remains ambiguous.

Please see print copy for Table 3.9
Table 3.9 Equivalent widths (Å) for the Balmer absorptions in N4214-IVs, measured in the
system of Gonzalez-Delgado et al.
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Mapping mean population age

In this section I consider the variation in age of the stellar population across the face of
the galaxy. I rely mainly on the population of colour-colour space by the individual pixels
of the galaxy images. Individual objects for which colours are available will be discussed
as well.

3.4.1

Colour-colour distributions

In images of galaxies each pixel contains a sample of the population: a mixture of stars
of different luminosities, ages and metallicities. The colour of the light is a luminosityweighted mean of the colours intrinsic to the subpopulations. In pixels which fall in a bright
HII region, the massive stars will dominate the light and the colours will correspond to
those of a single-burst stellar population, at an age corresponding to the evolutionary
state of the population. For fainter HII regions, or when the pixels sample areas larger
than the size scale of HII regions (∼ 10 pc), the light will contain a contribution from the
background population. The smearing from the point spread function acts in a similar
way.
A plot of the colour-colour space will thus provide a window into the distribution of
stellar populations. An old, quiescently evolving elliptical galaxy will have most of its
pixels clumped around a single location in the red part of the diagram. A disk galaxy
with vigorous star formation will have a complex distribution, the HII regions lying in
the bluest part of the diagram, and the old disk population near the same red colours as
the elliptical. This is not to say the light in every pixel is dominated by a population of
a particular age. Over time the stars of unbound clusters diffuse into the general field
population. But the extreme blue and red ends of the colourspace distribution will be
composed of pixels in which the light is dominated by the youngest and oldest stars,
respectively. The distribution in between is an integrated star formation history of the
galaxy, somewhat blurred by the degree to which the observer’s spatial resolution and
diffusive processes in the galaxy mix the light of populations that are temporally distinct.
One compares the pixel colours to models by plotting the evolutionary paths of model
populations. Apart from the youngest populations, the population parameters are only
weakly constrained by such comparisons; there may be a wide range of models which
match the colours within the errors. The most likely model can be chosen from a grid
(Abraham et al. 1999; Reichardt, Jiminez, & Heavens 2001).
The major limitation on the usefulness of such diagrams is the random errors, which
scatter the points in three different directions. To take the U−B, B−V plane as a concrete
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example — an error in U disperses the data parallel to the U−B axis; similarly an error in V
produces dispersion parallel to the B-V axis. An error in B has an equal but opposite effect
on both colours; this disperses the data along the direction of the line U−B = −(B−V).
The top panel of Figure 3.19 shows the effect of tightening the s/n selection criteria from
pixels with errors of 0.5 mag to 0.2 mag; the distribution narrows markedly, but the
ridgeline picked out by the majority of pixels is unchanged. However this confines the
plot to pixels nearer the centre of the galaxy, and thus perhaps to a particular population,
which has a smaller spread in B−V.
To improve signal to noise, and ensure a reasonable fraction of the galaxy is sampled,
binning or smoothing is required. This mixes the light to a higher degree than has occured
in the instrument, but if the averaging is limited to a region comparable to the size of
the point spread function, the net increase in mixing should be small. The lower panel of
Figure 3.19 shows the effects of two possible smoothing approaches; a simple 4×4 rebinning
and a heavy gaussian smoothing. In the rebinned example, the error criterion was not
tightened, so the plot should strictly be compared to the unbinned example above it, where
the error cut was 0.5 mag and a larger fraction of the galaxy is sampled. The gaussiansmoothing approach produces a decrease in the scatter about the ridgeline. Interestingly,
the bluest pixels are not significantly reddened by mixing with the background population.
This arises because the bluest parts of HII regions are brightest, and if they are far above
the background then mixing in the background light will have little effect on the colours
at the peak brightness.
The colour-colour distributions cannot be viewed in isolation however — it is also of
interest to examine the spatial distribution of the clumps in the colour-colour diagrams.
Such a dissection appears in Figure 3.20. Because the spread in U−B is much larger than
B−V, the spatial distribution approximates that of the U−B colour map. The effect of
limiting the plot to high s/n regions is apparent; the extended disk is not sampled at all,
apart from one of the outer HII regions, lying between two field stars. Making the same
cuts on the rebinned image samples further into the disk and detects more HII regions at
large radius. Similar, but independently defined, cuts in the B−V, V−R and B−V, V−I
planes show a consistent picture (Figure 3.21).
The picture which emerges is of an older background disk population, also present in
the bar, and an S-shaped distribution containing intermediate-colour and very blue populations. The questions to be answered now are: what are their relative ages? Is the
intermediate population truly that, or a mixture of the two extreme populations? How
old is the ‘old’ disk population?
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Figure 3.19 Effects of error limits and spatial averaging upon the pixel colour-colour distribution.
The greyscale and contours indicate number of pixels in each colour bin. Contours are drawn for
n = 1, 2, 5 × 10x; they are black for (x < 0) and white for x > 0. The uncertainty in colour is
shown by the cross at lower left. At upper right, the tick mark on the reddening vector shows the
amount amount of Galactic foreground reddening, taken from Schlegel et al. (1998). (top left:) All
points with a colour error < 0.5 mag, no binning. (top right:) no binning, colour error < 0.2 mag.
(above left:) binned 4 × 4, colour error < 0.2 mag. (above right:) instead of binning, the images
have been gaussian-smoothed to 1000 resolution, colour error < 0.2 mag. The extra pixels at red
U−B colours are from field stars; see Figure 3.20.
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Figure 3.20 Spatial distribution of colour subsets. Figure annotations as in Figure 3.19. (top
left:) Colour-distribution where the images have been gaussian-smoothed 1000 resolution. (top
right:) Spatial distribution of the colour-selected pixels: a=blue, b=green, c=yellow, d=red, x =
black. The black circular regions are mostly field stars which have not been masked out. (above
right:) The same plot as the top row, but for the 4 × 4 rebinned image.

Comparison to fiducial populations
The background population in NGC 4214 is blue, compared to many other galaxies. Figure 3.22 demonstrates this. The pixel distribution lies in the bluest part of the locus
defined by field galaxies in general, and the HII regions extend beyond it. The colours
are normal when compared to other Irregular galaxies (asterisks). The colours of galaxies
are normally calculated from aperture magnitudes — i.e. they are luminosity-weighted
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Figure 3.21 Spatial distribution of colour subsets, for the B−V, V−R (top) and B−V, V−I
colour-colour planes. Figure annotations are as in Figure 3.20, but the subsets are chosen independently for each colour-colour plane. The colour coding of the lettered regions is the same as
for Figure 3.20.

averages across the whole galaxy, while the pixels refer to a much smaller and more homogenous population of stars. When considering the colours of the galaxy as a whole,
one could adopt the highest contour in Figure 3.22 which is an area-weighted mean value.
In the absence of colour gradients, this should be the same as the aperture-photometry
colours. In NGC 4214 there is a small offset in (U−B)0 (aperture colour −0.4, peak
contour near −0.2) and a rather smaller difference in (B−V)0.
Two useful fiducial populations are the young massive clusters of the LMC, and globular
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clusters in the halo of the Milky Way. Both are single-age stellar populations, the LMC
globulars spanning a variety of ages under 1–2 Gyr (Girardi et al. 1995), while the MW
globulars are close to 10 Gyr old. The LMC sequence parallels the distribution of pixel
colours in NGC 4214, but is consistently ∼ 0.3 mag bluer in B−V. Compared to the Milky
Way globulars (the sample shown runs from [Fe/H]= −2.3 to −0.1, with the majority near
−1.5), the B−V colours overlap with the most metal-deficient clusters. In U−B however,
the galaxy colours are significantly bluer than any truly old, metal-poor population, even
in the outer disk (Fig 3.7). In the redder colours, the distributions overlap to a greater
degree.
Young populations can be separated by selecting pixels according to the strength of Hα
emission at that location (Figure 3.24). This provides two age groupings, divided at an age
corresponding to the main-sequence lifetime of the lowest-mass stars capable of producing
HII regions (∼ 20 Myr). These regions will contain older stars from the underlying disk, but
where Hα is bright the colours should be dominated by the light of the young population.
Figure 3.24 provides just such a comparison. The pixels containing Hα emission follow a
narrow locus along the ridgeline of the full distribution. The brightest HII regions still lie
within this locus, at the blue extremum.
In the UBV plane, the colours do not overlap with the LMC cluster distribution and are
poorly matched by continuous starformation models (see page 3.4.1). Yet backgroundsubtracted colours of individual bright clumps (Table 3.6, Figure 3.23) do match the LMC
clusters. This indicates all the pixels lying within HII regions, even the brightest, have a
significant component of light from an underlying population, at least in their U−B colours.
In the redder colours, the background-subtracted clump colours and the Hα-bright pixels
coincide more closely.

Comparison to model populations
In this section I compare the data with two standard star formation histories — instantaneous bursts and continuous star formation. As might be expected from the previous
section, these models fail to match the data but the comparison provides a useful reference
point for the next section, where I discuss composite models and what constraints they
place upon the population.
Figure 3.25 compares the data with two recent sets of models appropriate to single-age
populations; those of Kurth, Fritze-von Alvensleben, & Fricke (1999)h and the ‘Starburst99’ models of Leitherer et al. (1999). The principal differences between these models
are the library of stellar evolution tracks (SB99 use the ‘Geneva’ stellar evolution modh

Hereafter, abbreviated to ‘KFF’
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Figure 3.22 UBV colour distribution ( 4 x 4 binning) in NGC 4214, compared to some fidu
cial populations, left: The locus of galaxy colours defined by Huchra (1977) (dashed line) and
the colours of other Irregular galaxies, taken from Hunter, Gallagher and Rautenkrantz (1982)
(asterisks). right: The solid line marks the locus of main sequence stars, while the dotted line
marks the giant-branch stars. The star symbols mark the colours of LMC globular clusters taken
from van den Bergh (1981), and the asterisks are the Milky-Way globular cluster data compiled
by Harris (1996).

els), the timesteps (the SB99 models are computed at linear steps in time while the KFF
models use logarithmic time) and the integration scheme (KFF use a Monte-Carlo inte
gration method which produces smoother colour evolution than the isochrone synthesis
technique). An additional difference has a significant effect on the colours at early times;
the KFF models omit ionized-gas emission while the SB99 models include it. It should
also be borne in mind that most population models that include nebular emission com
pute only the continuum, which has significantly different colours than a real emission-line
spectrum (Huchra 1977b). This short-cut is unavoidable because the colours o f any neb
ular spectrum depend on the specifics o f the ionizing population, metal abundance and
neutral gas distribution, but it does complicate comparisons. Neither set o f models match
the galaxy pixel colours particularly well, although the red loops o f the SB99 model pass
(briefly) over the distribution.
Figure 3.26 compares the data with two sets of continuous star formation models. The
SB99 model is only followed up to 109 yr, and does not become as red as the pixel
colours within that time. The other model is calculated by the

pegase

code, which uses
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Figure 3.23 UBV, BVR and BVI colour distributions (4 × 4 binning) in NGC 4214, compared
to the colours of individual bright clusters. Clusters located in the bar are shown as red squares,
and members of the ‘SW association’ as blue diamonds. The stars and asterisks mark LMC and
MW globular clusters, as in Figure 3.22.
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Figure 3.24 Colour distribution of the Hα-emitting regions in NGC 4214. From left to right,
the pixels have been selected on the basis of Hα emission below, above and ten times above the
adopted limiting surface brightness for HII regions. The spatial extent of the last ‘slice’ is confined
to the two central HII-region complexes, while the middle one encompasses almost all the emission
visible in Figure 3.11. The two coloured traces are pegase stellar population models, described
on page 149 and the caption of Figure 3.26.

a self-consistent chemical and spectrophotometric evolution of whole galaxies (Fioc &
Rocca-Volmerange 1997). In these models the output spectrum is formed by integrating
over populations with a range in metallicity and dust content. In any given pixel within
NGC 4214 the range of these properties will be smaller, but comparisons are still useful
in the context of exploring the limits which models can place on the evolution. The
run shown here used a very high star formation rate, (1.5 × 10−10 M .yr−1 per M of
galaxy mass), such that the model ran out of gas at 9 × 109 yr. This high rate ensured
that the model colours saturated at late times; the balance of stellar birth and death
resulted in colours that remained approximately constant in time. The model was run in
the closed-box approximation, but not with instantaneous recycling. The metallicity was
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Figure 3.25 UBV colour distribution ( 4 x 4 binning) in NGC 4214, compared to instantaneous
burst population models, left: KFF models, for solar metallicity (red trace) and Z=0.0001 (cyan),
t = 1.25 x 107 to 10 x 109 yr, in logarithmic steps, right: Starburst99 models,for solar metallicity
(red trace) and their lowest-metallicity model, Z=0.001 (cyan), t = l x 106 to 1 x 109 yr in linear
steps. The stars symbols denote LMC clusters from van den Bergh (1981) and the asterisks the
Milky-Way globular cluster population, from Harris (1996).

initially zero and built up to twice the solar value by the end o f the run. The sudden
halt o f star formation shows how passive aging reddens the model towards the endpoint
of burst-population evolution. Because o f the high final metallicity, the effect shown here
is extreme; in lower-metallicity populations the population would not travel so far in the
colour-colour plane. The green trace in the figure shows the combined effect o f line and
continuum nebular emission; the evolution is rather different from the low-metallicity SB99
models, and more in agreement with the colours o f the HII regions of the galaxy.
Comparisons with the redder colours are more difficult, partly due to uncertainties in the
models. The KFF models rely on the B —V colour calibration o f Worthey (1994) which
is about 0.07 too red at late times (Barmby et al. 2000; Worthey 1994). Taking this
into account the low-metallicity single-burst model matches the outer-disk population.
The SB99 burst model is bluer than the KFF results, and bluer than the bulk o f the
pixels in NGC 42141. The constant star formation

pegase

model, as might be expected,

'I have transformed their V —I colour from the Johnson to the Cousins system using relations from
Fernie (1983). Curiously, the untransformed colours are a good match to the data and to the results of
the other simulations, which compute Cousins colours directly.
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Figure 3.26 UBV colour distribution ( 4 x 4 binning) in NGC 4214, compared to continuously
star-forming population models, left: SB99 models, for solar metallicity (red trace) and Z=0.001
(cyan), t = 1 x 106 to 1 x 109 yr in linear steps, right:, PEGASE model showing the stars only (red
trace) and stars + nebular emission (green trace), from t = 0 to 15 x 109 yr, in logarithmic steps.
The break in the tracks is caused by the cessation of star formation at t = 9 x 109 yr, the next
time step is at t = 9.5 x 109 yr. The star symbols denote LMC clusters from van den Bergh (1981)
and the asterisks the Milky-Way globular cluster population, from Harris (1996).

follows a locus bluer than the burst models in B —V. It is redder in V —I, probably due to
higher metallicity in the brightest giant stars. The inclusion o f emission line flux makes
a significant difference (green trace) at early times, and provides a natural explanation
for the blue tail o f pixels (region ‘a ’ in Figure 3.21). The

pegase

model also provides

the best match to the Ha-bright regions o f the galaxy, see Figure 3.24. The track o f the
constant-formation SB99 model is also blue in B —V, skirting the edge o f the observed
colours in Figure 3.26. This model track terminates after 1 x 109 yr, too early to allow
useful comparisons in the B —V, V —I plane.
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Mixed-population models of extended galaxies

One can model the integrated colours of a galaxy as a mixture of an old background population and a young burst (e.g. Krüger & Fritze-v. Alvensleben 1994; Krüger, Fritze-v.
Alvensleben, & Loose 1995). The principal free parameters are the strength of the burst
(expressed as a fraction of the background population’s mass) and its age. Metallicity and
IMF play some role, but in this discussion I will assume them to be constant within a
particular galaxy. Because the luminosity of a burst population varies strongly over the
first 1 Gyr of evolution (4 to 5 magnitudes at least in the optical V band) the youthful
fraction of the combined light varies considerably, and so does the net colour. The brightness evolution significantly changes the shape of the evolutionary track; the mixture is not
just a scaled version of the pure-burst model,as shown in Figure 3.27. Note that in scaling
by ‘mass ratio’ I make the assumption that, at late times (1 Gyr), the burst population
and the background population have the same M/L ratio. For a 10% mass ratio, the
light from the burst is scaled to contribute 10% of the total light at 1 Gyr. The burst’s
contribution to the integrated light at any other epoch can then be calculated from its
luminosity relative to the value at 1 Gyr.
With an image of a galaxy, one is not dealing with a single point in the colour-colour space,
but a density distribution; many image pixels can map to the same point in the colourcolour plane. At first glance the colour-colour space seems almost completely degenerate;
nearly any combination of parameters could be used to match the data. But some progress
is possible, by making a few reasonable assumptions and using the observed colourspace
densities to advantage.
First consider the appearance of an old disk population in the colour-colour diagram —
in the absence of a colour gradient one will see a blob peaked at the mean colour of
the population, with the width determined by the observational scatter. The brightness
may vary from place to place (a reasonable assumption is an exponential disk) but this is
invisible in the colour-colour space. If there is a metallicity gradient, there will be some
stretching of this blob. The outer parts of galaxy disks are usually metal-poorer and they
comprise more of the area of the disk, so the peak of the distribution will shift toward
metal-poorer colours. Such gradients are usually not large in Irregulars, so they will be
ignored in what follows.
Now insert a newly formed cluster of stars at a single location in the disk. The pixels at
this location will have a different colour than the background, the exact value depending
on the luminosity ratio of the two components. In the UBV diagram, a few pixels above
and to the left of the old-disk region would be populated. As time goes on the burst fades
(the luminosity ratio changes) and the group of pixels moves along a path similar to those
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Figure 3.27 Comparison of a simple mixture vs. one taking account of luminosity evolution.
(left:) Overall colours for young-population contributions of 100% (cyan), 50, 10 and 0.2% (the
single dot) of the light. The dots mark the times 1, 5, 10, 50, 100 and 500 Myr. (right:) A mixture
where the luminosity evolution of the young component is taken into account. The (magenta)
tracks correspond to young-population contributions to the mass of 10, 1 and 0.2%.

in Figure 3.28, just as in the unresolved galaxy case.
When one comes to consider multiple regions of new star formation, things are slightly
more complex. The mass of stars formed will vary from place to place (depending on
variables like the mass of gas available); the brightness of the background also varies; at
any one observation epoch there will be multiple regions of different ages; and for any
particular region, the star formation may continue for some measurably long time.
The first two items have identical effects in colour-colour space; they vary the fraction
of the total light contributed by the young population. For bursts of the same mass
appearing at different locations within an exponential disk of background stars, regions
near the edge of the disk will have their burst colours less diluted by the background
population. Similarly, at a given background brightness, more massive young clusters will
have colours closer to those of a pure burst. Think of several star formation regions that
form simultaneously; at any point in time they will have a distribution in colourspace
that is smeared along a mixing locus, according to how much of the combined light comes
from the young or old population at each location. The distribution is constrained to
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Figure 3.28 UBV colour distribution (no binning) in NGC 4214, compared to burst+background
models. top: Luminosity evolution of the burst models. Only the first 100 Myr is shown. above left:
The pure-burst model (cyan) is a SB99 burst population with metallicity Z=0.001, evolving for
1000 Myr. The old metal-poor population is taken to have colours ( (B−V ) 0 =0.9, (U−B)0 =0.4),
and the mixtures (magenta) are drawn for models where the mass of new stars is 10%, 1% and
0.2% of the mass in the background population. above right: Z=0.008 SB99 burst population
(green) mixed with the same background population. The black dots mark times: 1, 5, 10, 50,
100 and 500 Myr. For clarity, only two mixtures are shown (magenta), corresponding to 10% and
0.2% of the background.
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lie between the pure burst evolutionary track, and the track described by the pure burst
mixed with the brightest part of the background.
Where there are multiple burst regions with different ages, the distribution is a simple
superposition of all the bursts considered separately.
In the last case, where star formation continues for some time within an unresolved region, the pixel colours will start evolving along different evolutionary tracks, defined by
continuous star formation. I will return to this point shortly.
These effects can be put together into a realistic model of the colour space. The first step
is quantifying the range of possible values for the mixing ratio expressed in mass units.
The next is choosing the star formation history and testing it for consistency with the
observed distribution. The final step is revisiting the choice of history after a change of
model tracks for the evolving population.
To establish the range for the mixing ratio, begin with the variation introduced by the
background population. Consider the case of an exponential disk with a number of coeval
bursts that all form the same mass of stars per pixel. At the galaxy centre, the background
light contribution is greatest. Further out in the disk, the composite colours are always
nearer a pure-burst model — i.e. the smearing is in one direction only. The colourspace
distribution can be calculated by using the exponential scale length and central surface
brightness of the background population to get the background contribution in each spatial
pixel. Figure 3.29 provides a concrete example. The scale length can be taken to be that
measured for the composite disk, since this is likely to be a reasonable estimate of the
true value. The central surface brightness of the background disk can be normalised,
because the location of a given spatial pixel in the colour-colour space is governed by the
burst/background mass ratio in that pixel, i.e. the ratio of mass surface densities. The
total mass of the background disk is proportional to the central mass surface density, and
the mass of new stars in the central pixel is also proportional to the total mass of new
stars. By casting the mass ratio for the model in terms of the background disk’s central
surface density, the model is calibrated in terms of total mass ratio, which is the quantity
of interest for global star-formation histories. It also enables one to interpret the contours
in Figure 3.29 in a useful way: they show the entire range of colours the mixture model
can possibly have at that epoch and mixing ratio, given the range of background light in
the galaxy.
If the mass of stars formed in each pixel in each “event” is variable, obviously this will
have a multiplicative effect on the range of mass ratios. What is a realistic model for the
variation? The physics involved will depend on the size scale over which a pixel integrates
the light. At one end of the scale the sum could be taken over the entire galaxy, with
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Figure 3.29 Background smearing of a burst population. (green) The burst alone, a SB99 track
with Z=0.008. The dots are drawn at 1, 5, 10, 50, 100 and 500 Myr. (magenta) mixed population
colours where the burst forms a mass equivalent to 2% of the background disk population at the
centre of the disk. The same times are marked. The pale contours mark the distribution for
NGC 4214, drawn at 5, 10, 50 and 90% of the peak density. The darker contours and greyscale
show the effect of ‘background smearing’ when the burst is 2 Myr old. This is the distribution
that would result if the burst corresponded to 2% of the total background disk, and the new stars
were formed in many regions, spread over the face of the galaxy. The region is constrained to be
the same as the pixels forming the pale contours. See the text on page 155 for details.
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contributions from many clusters of different ages and many different background levels.
At the other end, the sum would be over a single stellar image. The case of interest here
is where one pixel covers an area of the same order of magnitude as a star cluster or HII
region — the physical model is of a constant background with one to a few coeval clusters
superposed. Stars usually form in clusters, which follow some distribution in mass. So if
the pixels are all the same size and the cluster mass function (CMF) is the same at all
locations in the diskj then the distribution of masses will be driven by the underlying CMF.
The cluster mass function is not well known but it appears to be roughly a power law,
strongly favouring lower masses. Each spatial pixel is an unweighted sum of independentk
samples from this distribution, so the distribution of the sums will also be a power law.
The power law will be truncated, the minimum being the sum over the pixel with the
smallest mass of new stars. The mode of the distribution will be close to the minimum.
Overall then, allowing for the mass of stars formed to vary from location to location has
the effect of multiplying the burst/background ratio for the pixel by a random variable
which has a distribution strongly biased toward low values (low cluster masses). The bias
will act to reduce the smearing by background variations. Put another way, high-mass
clusters will smear the net colours further toward a pure burst — the same direction as
a decreasing background contribution. But since the mass function makes these objects
rare, there will be rather few pixels with large offsets (along the mixing locus) towards
pure-burst colours. This implies that the colourspace distribution should cluster strongly
around the background values. This will not be true if clusters bright enough to produce
large colour offsets are widespread, as might occur during a starburst.
If the star formation events are not instantaneous, but continue for a period within a small
region that would correspond to a single pixel in colour space. As long as the formation
period is short (a few Myr), the undiluted colours of these extended bursts show only
small differences from the instantaneous models, though some excursions such as the red
supergiant loop are smoothed out. However the accumulating luminosity changes the
track of the mixed population models significantly. Figure 3.30 shows the main points.
Firstly, the luminosity keeps increasing until star formation stops; the population then
begins to fade almost at once. The colour of the combined light becomes rapidly bluer
in the rising phase with the bluest epoch at 1-5 Myr, later for longer formation episodes.
Secondly, the fading is slower and less pronounced in models with longer events. For a
given young/old mass ratio, this makes the blueward excursion smaller for longer events;
equivalently, a longer burst requires a larger young/old mass ratio to achieve the same
blueward excursion. Finally, at late times the colour differences between stars born at the
j

There is evidence from HII region luminosity functions — which indirectly sample the CMF — that
any change is small, e.g. Knapen (1998).
k
Ignoring for the moment considerations like propagating star formation, etc.
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start and at the end of the formation period become smaller and beyond a certain age the
colours become indistinguishable from an instantaneous burst.
In addition to the intrinsic effects, there is an important observational bias that influences
the shape of the colour-colour distribution — the surface brightness sensitivity limit. To
understand this point, consider a hypothetical history in which new clusters appear every
1 Myr at random locations across the disk, and at each location the young/old mass
fraction is the same. This will populate cells in the colour-colour plane lying along the
path of one of the mixture models shown on the preceding pages. The cells near the end
of the track, where the colours are changing slowly, will have many more occupants and
thus dominate the density contours. But these are also the faintest pixels, and they may
fall below the detection limit of the observations. In contrast, the less numerous pixels
containing young massive stars are almost certain to be included in the colour-colour
diagram. The effects on the observed density distribution can be dramatic. Figure 3.32
illustrates this, for the star formation history just described.

NGC 4214
At this point we have all the ingredients for considering how the colour-colour diagrams
such as Figure 3.20 are related to the star formation history in NGC 4214. The colour
of each spatial pixel is determined by the mixture of young and old stars, which is rather
indeterminate. But by looking at the density distribution in the colour-colour plane, one
may be able to find a rather small number of contributions are sufficient to explain the
ensemble. Of course, it may also be that no model of this kind will fit the data.
The interpretation is made uncertain on two counts; the accuracy of the U−B colour
calibration and the intrinsic colour of the outer disk. In what follows I will assume the
calibration is accurate and the intrinsic colours are those of a Milky Way globular with
metallicity comparable to that observed currently, Z∼0.008. Afterward, I shall broaden
the interpretation to cases where either assumption is relaxed.
The bluest part of the distribution ((U−B)0 < −0.6) can be explained as mixtures comprising 1–10% new stars. From the colours and the evolutionary tracks, these regions
are constrained to have ages less than about 5 Myr if the formation events are instantaneous, perhaps as long as 15 Myr in the case of regions that continue forming stars for
up to 20 Myr. This part of the population covers 16% of the area of the galaxy. Better
age constraints could be set by considering the brightness of Hα emission relative to the
burst+background continuum.
The density peak and the associated ridgeline are more difficult to explain. The ridgeline
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Figure 3.30 top: Luminosity evolution of extended burst models. The faintest track shows an ‘instantaneous’ (0.1Myr) burst taken from SB99.
The metallicity is Z=0.008 and total mass 106 M . The other tracks show that equivalent star formation rate (10 M .yr−1 ) continuing for 1, 5,
10 and 20 My. For clarity, the plot has been truncated at 108 yr. above: Colour-colour plane evolution of a similar set of models. The same burst
lengths are shown (1 Myr at left), but normalized so that each burst forms the same total mass. (green) The burst alone. The dots are drawn
at 1, 5, 10, 50, 100 and 500 Myr. (magenta) bursts that form total masses equivalent to 10% and 0.2% of the local background population. The
same times are marked.

160

Chapter 3. Stellar Populations in NGC 4214

Figure 3.31 Evolution of a population which continued star formation for 5 Myr. The panels
are drawn at intervals of 5 Myr, the last corresponding to 30 Myr after the burst ends. (green)
The burst alone, a SB99 track with Z=0.008. The dots are drawn at 1, 5, 10, 50, 100 and
500 Myr. (magenta) mixed population colours where the burst forms a mass equivalent to 2% of
the background disk population at the centre of the disk. The same times are marked. The pale
contours mark the distribution for NGC 4214, drawn at 5, 10, 50 and 90% of the peak density. The
darker contours and greyscale show the region where the pixel containing the model population
could exist at each epoch, given the distribution of background light in the galaxy.

can be reproduced by a sprinkling (0.5–1%) of instantaneously formed young stars with an
age range of 1–5 Myr or less; or a population between 15 & 20 Myr old, where the typical
formation episode lasted 5 Myr and contributed about 2–5% in new stars (Figure 3.31).
The latter could also explain the density peak. One curious point about the distribution is
that the ridge line (running from the density peak, up towards the upper left of Figure 3.33)
lies further from the model tracks than the density peak. In the model tracks, the latetime evolutionary track passes on the ‘near’ side of the peak, so one would expect the
ridge line there unless the young component is so young it is still in the rising phase (see
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Figure 3.32 above: Colour-colour density contours for the Starburst99 (Z=0.008) burst model track (green trace). The colour-colour plane is
divided into cells (0.03×0.03 mag) and the number of timesteps the model spends in each cell is counted. To simulate observational errors the
result is smoothed with a gaussian (the FWHM is shown at lower right). At later epochs the colour evolution slows, and the densities in the cells
near the end of the track grows large. Each panel shows the segment of the population visible when different brightness cuts are applied. From
left to right, the cuts are 1, 2, 3, 4, and 5 magnitudes below the peak B-band luminosity of the burst population. The peak densities in each panel
(normalised to the no-cutoff case) are 0.0073, 0.014, 0.11, 0.37 and 0.86; the contours are 10, 50 and 90% of the peak. top: Luminosity evolution
of the burst model, with total mass 106 M . For clarity, the plot has been truncated at 108 yr.
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Figure 3.33 The effects of adjusting some basic assumptions. (left:) The data set with the
observed U−B colours reddened by +0.2 magnitudes. The pale contours are drawn at 5, 10, 50
and 90% of the peak density. The model traces a burst+background population which continued
starformation for 5 Myr. (green:) The burst alone, a SB99 track with Z=0.008. The dots are
drawn at 1, 5, 10, 50, 100 and 500 Myr. (magenta:) mixed population colours where the burst
forms a mass equivalent to 0.2 and 10% of the background disk population at the centre of the disk.
The same times are marked. The background population colours are (B−V)0 =0.9, (U−B)0 =0.4.
(right:) In addition to the U−B adjustment, the background population colour has been changed
to the bluest values seen among Milky Way globular clusters; (B−V)0 =0.6, (U−B)0 =0.0. The
model tracks are as for the left panel.

Figure 3.20). There are some pixels in this phase (Figure 3.24, centre panels) but not the
majority (Figure 3.24, left panels).
The colourspace distribution has no spatial pixels with colours comparable to those adopted
for the background population, i.e. an evolved, moderately metal-poor population. The
pixels in the density peak and ridge come from the outer parts of the detectable disk (Figure 3.20), and background pixels may lie at larger radius and have surface brightnesses
below the limit of the observations. The extent of this effect can be explored with the
help of Figure 3.19. The upper panels with (fainter surface brightness cutoffs) clearly find
a few pixels with (U−B)0 > 0 but these are mainly from field stars; in any case, below
that dividing line the basic structure of the distribution does not change significantly. In
addition the annular surface photometry (Figure 3.7) reaches a little further out into the
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HI disk (to r ∼18000) but shows no sign of a reddening; if anything, the colours become
slightly bluer.
The important point is that once star formation ceases, even if it has been constant up to
that time, the population colours rapidly evolve to the region populated by the Milky Way
globulars (e.g. Figure 3.34). The metallicity of the population controls the endpoint (see
below) but the lack of pixels with those colours means that the entire disk of NGC 4214
must have undergone star formation in the relatively recent past. Just how recent is
strongly dependent upon the intrinsic colours of the oldest stars and the fraction of young
stars that formed. Taking 10% as a maximal fraction, the maximum age appears to be
about 20–50 Myr.
Some doubt is cast on this conclusion by Figure 3.4, which suggests a systematic error of
−0.1 to −0.2 in the calibration of (U−B). The effect of applying a shift of +0.2 to the
U−B colours is shown in the left panel of Figure 3.33. This would bring the colours of the
outer disk closer to those of extremely metal-poor globulars ([Fe/H] < −2), and would
improve the match between the data and the late-time evolution in the models. After
making the correction, the colour distribution in NGC 4214 could be modelled as follows.
For an instantaneous burst, regions with (U−B)0 < −0.4 require a mass contribution
> 0.5%. For a 10% mass contribution, that stars must be younger than ∼10 Myr. For a
burst lasting 20 Myr, the mass contribution must be >2%. For a 10% mass contribution
(instantaneous) the stars must be younger than ∼10 Myr. If the burst lasts 20 Myr,
the U−B colour is redder than −0.4 for the first 1–2 Myr but stays bluer than −0.4 for
∼30 Myr. But a calibration error is almost certainly not the whole story. Such an error
would affect the (background-subtracted) colours of the few bright star clusters I was able
to measure. These can be directly compared to the LMC cluster population, which has
similar metallicity. If the NGC 4214 clusters follow the same evolutionary paths, then
∼ −0.2 is the largest the error could be. The cluster colours are also consistent with no
calibration error.
The amount of recent star formation required to match the data depends upon the values
adopted for the background colours. Adopting the bluest plausible old population ([Fe/H]
< −2; (B−V)0 =0.6, (U−B)0 =0.0) the lower limit on the mass fraction shrinks to > 0.3%
(in order to achieve U−B< −0.4 during some fraction of the evolution). The tracks of
instantaneous-burst contributions > 10% are too blue in both colours for the first few
Myr, but tracks assuming 2–3% match the data at all epochs. For extended bursts, larger
contributions are allowed. The right panel of Figure 3.33 shows some of these points
graphically. The agreement is quite good, but notice that it requires the (U−B)+0.2
correction as well. Without that correction, a match is difficult to achieve.
Even with a blue old population, other aspects of the data set constrain some of the star
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Figure 3.34 BVI colour distribution (4 × 4 binning) in NGC 4214, compared to burst (top)
and continuously star-forming (above) population models. top left: KFF burst model for solar
metallicity (red trace) and Z=0.0001 (cyan), t = 1.25 × 107 to 10 × 109 yr, in logarithmic steps.
above left: pegase model showing the stars only (red trace) and stars + nebular emission (green
trace), from t = 0 to 15 × 109 yr, in logarithmic steps. The break in the tracks is caused by the
cessation of star formation at t = 9 × 109 yr, the next time step is at t = 9.5 × 109 yr. right panels:
SB99 models, for solar metallicity (red trace) and Z=0.001 (cyan), t = 1 × 10 6 to 1 × 109 yr in
linear steps.
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formation to be both ubiquitous and recent. The group of pixels which forms the ‘ridge’
lies in the same radial range as those forming the density peak (Figures 3.10, 3.20). A
variegated populationl like this should smear quickly. Though the inclination is uncertain,
the longest orbital timescale for R ∼ 4 kpc is of order 300 Myr. The stellar velocity
dispersion is unknown but certainly higher than that of the HI, ∼8 km.s−1. Bottema
(1993) has compiled measurements of stellar velocity dispersions in a range of galaxy
disks, and shown that the dispersion falls exponentially as a function of radius. His data
indicate a dispersion (at a radius of one scale length) of 30–40 km.s−1 for a galaxy of
−19 < MB < −18. The colour maps presented here extend as far as ∼15000, or ∼ 3
scale lengths. Adopting 10 km.s−1 as a representative dispersion, a star could traverse
1 kpc in 100 Myr. This time is likely an upper limit. A 10% burst ∼ 100 Myr ago
is marginally consistent with the colourspace data. A much smaller (< 0.2%), much
younger (< 10 Myr) burst matches better, but this is an unlikely model in view of the
distribution of Hα emission relative to the spatial distribution of the ‘ridge’ population
shown in Figure 3.20. Such regions should be visible in Hα, but the region coloured red
in Figure 3.20 overlaps few HII regions.
Overall, the data are most consistent with HII regions superposed on a disk that is blue
because most of it has undergone significant formation in the last 100 Myr.

3.5

Discussion

The data presented in this chapter provides two new results concerning NGC 4214. The
first is that most of the disk may have recently experienced star formation, perhaps as
recently as 20 Myr ago. The second point is that the galaxy has a bar which appears to
be significant in dynamical terms. It may even be the driving force for the star formation.

3.5.1

Star formation history

The intensely blue colours in the central and southeastern regions of the bar can be
modelled by bursts in the range 0–10 Myr. These contribute a mass surface density
equivalent to a few percent of that at the centre of the galaxy disk. At the northeastern
end of the bar, colours and spectroscopic evidence indicate an older population, of order
100 Myr. The disk encircling the bar has such blue colours that it is difficult to accept
the light is produced by an unalloyed population of old, metal poor stars.
l

Note that the population edges are not sharply defined — look at Figure 3.10 for a reminder.
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Models assuming a burst superposed on a faint background population are able to fit the
data. The fraction of mass in young stars that is required depends on the colours assumed
for the underlying population, with redder underlying populations requiring more and
younger new star formation. If one assumes the metallicity to be the same as in the
ionised gas (Kobulnicky & Skillman 1996) and adopts the colours of Milky Way globulars
with similar metallicity, fitting the data requires a few percent of the mass to be in stars
under 100 Myr old. If the underlying colours are those of the metal-poorest Milky Way
globulars, the mass required falls by about a factor of 10.
There is evidence in favour of the larger mass of young stars. Vigorous star formation is
continuing outside the bar, in the northwestern ridge of HI. To the southeast, a diffuse
zone of formation is visible, at a radius of ∼3–4 (outer) scale lengths (see Figures 2.9 and
2.35). To the west, near the large HI holes is a patch of bright stars with blue colours but
no Hα emission. Finally, colour maps of the outer disk shows large-scale structure which
should be smeared by random stellar and differential orbital velocities if the population
was older than 100 Myr. For the population to be old would require regions of different
metallicity to orbit without mixing over periods approaching 1 Gyr.
I now discuss some other factors that may influence my conclusions. One important issue
is the initial mass function, which I have assumed to have a Salpeter slope and range
between 0.1 and 100 M . Changing the IMF slope changes the luminosity evolution and
thus the evolutionary path followed by the mixed-population model, which in turn affects
the estimates of mass fraction. More subtly, changes in IMF cutoff or slope produce
changes in the mass to light ratio, which also affects the mass ratio one derives e.g. Bell
& de Jong (2001), Kauffmann & Charlot (1998). Padoan, Jimenez, & Antonuccio-Delogu
(1997) suggest that the blue colours of LSB galaxies can be reproduced with models where
the IMF is a function of local temperature, density and velocity dispersion, such that the
mean stellar mass is smaller in cooler, higher density or higher turbulence regions. They
adopt a radial distribution of velocity dispersion that increases outward. This effectively
truncates the high end of the IMF in the outer disk so that even if new generations of
stars form, the yield of heavy elements is reduced in the outer part of the disk, thus
keeping the population blue. In this case, a blue, mature population is possible, though
the assumptions it requires are inconsistent with my HI velocity dispersion measurements
(Chapter 2) and unnecessary in view of the significant HI column densities and ample
evidence for recent star formation. This question might be settled by deeper imaging (to
ascertain the colours of the outermost disk) and spectroscopy of the gas and stars in the
region surrounding the bar (to measure metallicity).
Another important factor is the duration of the star formation bursts. The star formation
zones observed in local dwarfs are ∼100 pc (500 at the distance of NGC 4214). Their
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colour-magnitude diagrams imply they continue forming stars for periods of ∼100 Myr
(Dohm-Palmer et al. 1998). Unfortunately the model is poorly determined in this respect
— there are numerous plausible combinations of mass fraction and burst length that could
reproduce the colours of the outer disk.

3.5.2

The bar and its influence

The existence of a bar in NGC 4214 is not in doubt; my measurements provide a quantitative basis for the passing comments of other authors (Humason, Mayall, & Sandage 1956;
de Vaucouleurs & de Vaucouleurs 1964; Fanelli et al. 1997). The fourier amplitude measurements show a B4 (boxyness) signal stronger than any ‘boxy’ elliptical galaxy, across
all the optical filters. In the near-infrared (2MASS) images the boxy isophotes are barely
visible; deeper data are required for a convincing demonstation. The shape and location
of the velocity field distortions noted in Chapter 2 are consistent with a bar perturbation,
lying near the radius where the bar appears to terminate (req ∼ 10000). The characteristics
of the brightness profile are consistent with those of other barred galaxies. In Section 3.3.2
I found NGC 4214 to have a complex brightness profile, which a double-exponential disk
model fitted well. Several other irregular galaxies have been found to have brightness profiles like this (Patterson & Thuan 1996; Pisano, Wilcots, & Elmegreen 2000). Courteau,
De Jong, & Broeils (1996) find double-exponential fits are required for a large sample of
late-type spirals. While in most cases they chose to ascribe the extra component to a bar
(rather than, say, a small bulge), in 1/3 of their galaxies a bar is required in order to fit
the two-dimensional distribution of brightness.
Estimating the mass of the bar is difficult. Data are not available to me to sustain a
detailed dynamical analysis (e.g. Quillen et al. 1995). Integrated luminosities calculated
from the brightness profile fits (Table 3.4) provide an alternative estimate. The luminosity
ratio of the two components is approximately 1:2.5, with the main uncertainty being sky
subtraction; a small error there produces a differently-shaped profile (particularly the
outer disk) that results in quite different parameters for the inner and outer components.
To find the mass ratio one must adopt a M/L ratio. One might expect this ratio to be
different for the bar and disk components, given the current strong star formation in the
bar. Although the M/L ratio of a pure burst population may vary by a factor of between
100 and 300, I’ve shown that pixels where more than 10% of the mass is in young stars
are rare. In those pixels, the M/L will drop by a factor <∼ 50, but averaged over a larger
area, the M/L variation will significantly smaller. Bell & de Jong (2001) provide a useful
summary of M/L as a function of colour in spiral galaxies, including galaxies with bursts
of star formation. They find the range in (M/L)B is a factor of ∼ 7 over the colour range
B−V=−0.4 to 0.8. For the range of colours in NGC 4214 (e.g. Figure 3.20), the M/L in
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Bell & de Jong’s models changes by only a factor of ∼ 2.5. Overall then, a crude estimate
of the mass of the stars in the bar is 1/3 to 1/5 that of the extended stellar disk. This
seems high, perhaps implying instability. Three factors will lower the ratio: firstly, some
of the bar pixels will have significantly lower M/L (green regions in Figure 3.20), which
will reduce the bar mass a little. Also, if my proposal that the extended disk has been
rejuvenated is correct, its M/L may be higher than I have assumed. Lastly I have also
given no consideration to dark matter — this will act to stabilise the galaxy.
The origin and influence of the bar is an intriguing subject. In the literature there are
plausible models for tidal and for internal generation of the bar, and the evolution that
follows has been quite extensively modelled. For example, Noguchi (1987, 1988b, 1988a)
has shown that tidal interactions are able to produce bars. In a later discussion (Noguchi
1996), he proposes that the steep, weak bars in late-type disks arise internally, while the
flat, strong bars of the early type galaxies may be externally generated. (Miwa & Noguchi
1998) have described a plausible mechanism for producing the observed variety in bar
morphologies. The key distinction is their resonance structure. Spontaneous bars have no
ILR and are bounded at the ends by the 4/1 resonance or the co-rotation resonance (CR).
They are fast rotating. Tidal bars fall into two regimes. Sufficiently strong tidal interaction
produces bars with characteristics determined mainly by the interaction parameters. Weak
interactions are able to trigger the internal bar instability, so the bar characteristics are
most sensitive to details of the galaxy internal structure. If the disk is a small fraction
(< 30%) of the total mass (i.e. stabilised against bar formation by its halo mass), tidally
formed bars will rotate slowly and be bounded by the ILR rather than CR, independent
of the perturber mass. In more massive disks that are hot enough to be stable against
spontaneous bar formation, the bar speed varies inversely with the perturber mass.
NGC 4214 has the characteristics which Noguchi expects of an internally-generated bar.
However it has slight distortions of the HI (Chapter 2) which hint that it has undergone
tidal interaction, and it has two close companions: NGC 4190 (∆R = 29.50, ∆v = 9 km.s−1)
and DDO 113 (∆R = 10.50, ∆v unknown). Could one or the other of these triggered an
internal formation event, as proposed by Miwa & Noguchi? The distance to NGC 4190
is thought to be 3.5 Mpc (Tikhonov & Karachentsev 1998). The timescale implied by
a separation of ∼ 500 kpc and relative velocity of ∼10 km.s−1 is ∼ 50 × 109 yr. The
timescale for the bar to form in the Miwa & Noguchi models (in particular, model D) is
a few hundred Myr, but it persists for >5 Gyr after pericentric passage. So at a closing
speed of 100 km.s−1 it is plausible NGC 4214 and NGC 4190 have met recently enough
for the passage to trigger bar formation. However NGC 4190 may not be massive enough;
its magnitude is B0T = 13.36 (de Vaucouleurs et al. 1992), which makes it 3.5 mag or
25 times fainter than NGC 4214. The Miwa & Noguchi simulations assume equal or 3
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times larger mass in the perturbing galaxy. The distance to the other possible interaction
partner, DDO 113, is unknown; the only listed redshift is a single-dish HI measurement
which is probably confused with the outer disk of NGC 4214. de Vaucouleurs et al. (1992)
give a magnitude of 15.4 which makes it at least 100 times fainter than NGC 4214, and
correspondingly less massive — even assuming the fainter galaxy to be more dominated
by dark matter, it seems unlikely that the ratio of masses is smaller than 20:1. Such a
small object may not have dramatic dynamical effects, even in a fairly close encounter.
The standard ‘secular evolution’ model claims that a bar may form from disk stars in a
manifestation of the instability seen since the early days of n-body modelling (Hohl 1971).
Galaxies like NGC 4214 are thought to be stabilised against this process by virtue of their
abundant dark matter (Ostriker & Peebles 1973). An interesting alternative scenario for
secular bar generation is described by Noguchi (2000, 2001). In the context of an overall
model for building disk galaxies (Noguchi 1999) he shows how small late-type disks avoid
building a spheroidal bulge. Because large fractions of their disks are likely to lie below
the threshold for star formation, they are able to maintain a gradual ‘viscous’ infall that
builds up a central component with enough self-gravity to produce bar-unstable conditions
over a small region near the disk centre. Noguchi regards the bar of a late-type disk as a
bulge distorted by the bar instability, rather than a ‘classical’ bar built out of disk stars
by a sudden disk-wide instability.
This is an interesting model in relation to NGC 4214, because it predicts the ‘bulge’/disk
ratio of disk galaxies will decline from Sa to (about) Scd, then increase again. This allows
for a relatively large fraction of the disc to be in a bar component in very late galaxy types
like NGC 4214. The observed scale length ratio is ∼ 0.25 while in a sample dominated by
Sc galaxies (Courteau, De Jong, & Broeils 1996) the mean ratio was 0.08 ± 0.05.
The evolutionary consequences of having a bar in a late type galaxy have been explored
by Friedli & Benz (1993, 1995). Their work predicts that, once formed, the bar will
cause gas to flow in to the centre of the galaxy, and usher in an epoch of vigorous star
formation along the bar’s length, lasting several rotations. They also find the bar generates
bisymmetric arms trailing from the ends. If the star formation efficiency is high enough
(∼10%) the arms could trigger star formation throughout the galaxy disk, though the
physical conditions that could give rise to such high efficiency remain unspecified.
These theoretical expectations are broadly in accord with the situation in NGC 4214.
Allsopp (1979) required a significant HI inflow to explain the outer-disk velocity field, if
the rotation is counterclockwise (see Chapter 2). The star formation rate in the bar is
high, and there is evidence of widespread recent star formation in the disk beyond the bar.
While clear bisymmetric arms are not seen, there are obvious trailing spiral structures and
the NW–SE ridge in the HI.
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Friedli & Benz focus mainly on the question of how the bar grows by drawing in gas from
the disk, but point out that if enough mass concentrates at the centre of the disk, the bar
will dissolve. Norman, Sellwood, & Hasan (1996) have also simulated this process. They
begin with a mass surface density profile having two exponential components: one due
to the bar, the other being the disk. As the bar dissolves, the profile smooths out into a
single-exponential disk. Only a small amount of mass is needed, 3–7% of the total disk
mass, concentrated at the disk centre. Once the critical point is reached, the bar dissolves
quickly, and in some cases can lead to bulge formation.
In NGC 4214, the bar scale length is larger in the redder passbands. Presumably this
means the young blue population is more concentrated to the centre of the bar, i.e. mass
is building up in the centre. The mass fraction of the young stars is unknown, but from
the discussion above it seems likely the bar as a whole could constitute a few percent
of the total galaxy mass (including dark matter). Whether the mass is concentrated
enough for the forces of dissolution to win (Friedli & Benz 1995; Sellwood 1996) is another
matter entirely. Another point of interest is that the centroid of the bar is not coincident
with the centre of rotation determined from the outer disk (Chapter 2). The dynamical
consequences of this are unclear.

3.6

Summary

In this chapter, I have measured the integrated magnitude and surface brightness profile
of NGC 4214 in several optical-NIR passbands; computed colour maps; imaged the Hα
emission and computed the HII-region luminosity function, and estimated the galaxy’s
oxygen abundance.
The surface brightness profile is well described by two exponential components, having a
luminosity ratio ∼ 1:2.5 in the optical bands U–R. The mass ratio is probably a few times
larger. The shape parameters of the inner isophotes point to the inner (less luminous)
component being an (exponential-profile) bar.
At the northeastern end of the bar, there is a massive cluster (MB = −10.6) which shows
strong Balmer absorptions and colours consistent with a star cluster about 100 Myr old.
At the other end of the bar, I confirm detections of WR stars already in the literature and
note two possible new objects.
Colour maps show the bar to be signficantly bluer than the surrounding disk, and reveal
a variegated population in the latter. I employed a new method of studying the colourcolour distribution of a galaxy too distant to resolve into stars, and considered in detail
the systematics of the method. From comparison of the colour distribution with a range
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of stellar population models I find that almost every pixel inside the µB = 24 isophote
has experienced some star formation in the last 20-100 Myr, such that between 1 and 10%
of the mass has formed within that time. From my longslit spectra I derive an oxygen
abundance consistent with previous measurements, aproximately 1/5 of the solar value.
This is measured only for HII regions in the bar. No pixels above the limiting surface
brightness show (UBV) colours consistent with an old population having this metallicity.
The origin of the bar is unclear. Tidal interaction models share many morphological
features with NGC 4214, but require more massive interaction partners than those in the
volume around the galaxy. Recent theoretical models of secular evolution processes seem a
better match, and may also provide an explanation for the current burst of star formation
in the centre of the galaxy. However the evidence supporting this picture is still scanty.

Chapter 4

Gas distribution and kinematics in
NGC 1156
4.1

Introduction

NGC 1156 is a barred Magellanic Irregular (IB(s)M, de Vaucouleurs et al. 1992), with a
radial velocity of 375 km.s−1 . Optically, the galaxy is resolved into stars on Palomar 5-m
plates (Sandage & Bedke 1988), with a bar-shaped main body. Karachentsev, Musella, &
Grimaldi (1996) present V,I CCD photometry of the field and isolate three red supergiants
as starlike blobs with (V−I)>2. From these they give a distance modulus of 29.46±0.15
(7.8 Mpc). This is 1.5 mag greater than expected (27.98 mag) from the blue Tully-Fisher
relation (Bottinelli et al. 1984).
The galaxy appears to be isolated; indeed Karachentsev et al. dub NGC 1156 “the best
example of actually isolated galaxy in a general field” (sic). Most of the catalogued
objectsa within 1◦ are distant galaxies. The nearest galaxies with known redshifts are
two low surface brightness objects, ANON 0248+2517 and LEDA 165969 (v=411 and
v=469 km.s−1 , Spitzak & Schneider 1998). Their projected separations are >210 kpc
and 430 kpc. Even if they are at the same distance as NGC 1156, their low masses (0.6
and 1.3×107 M of HI) and faint optical magnitudes (B0T =17.76, > 18) make it unlikely
they have had a significant tidal effect on NGC 1156. Farther afield there are two dwarf
galaxies with radial velocities similar to NGC 1156 (UGC 2684, v = 350; UGC 2716,
v = 379) but again they are significantly fainter (BT = 15.93, 14.05; Barazza, Binggeli,
& Prugniel 2001) and they lie more than 10◦ (∼1.3 Mpc) away in the plane of the sky.
As an additional check I searched cube 496 of the HIPASS survey (Barnes et al. 2001).
a

I used the NED database — http://ned.ipac.caltech.edu
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NGC 1156 was prominently visible, but I found no further candidate objects.
Some previous radio synthesis observations of NGC 1156 are reported in the literature. The
galaxy was briefly observed in HI by Broeils & van Woerden (1994), and also by the WHISP
collaborationb. As with NGC 4214, the summary data from the WHISP observations have
been presented on the internet, but no detailed study of the HI has been published. The
object is part of the sample studied by Swaters (1999), who fitted a rotation curve to the
major axis position-velocity diagram and constructed a dark matter model. Condon et al.
(1996) have presented a map of the 21 cm radio continuum (resolution 1800).

4.2

HI observations

I observed NGC 1156 in the 21cm line of neutral hydrogen with the VLA interferometer.
Three configurations were used: Table 4.1 gives a summary of the observational details.
The receiver setup was identical in all three observations. I used the 2IF mode with both
IFs tuned to the same frequency, that corresponding to a heliocentric radial velocity of
373 km.s−1 . To improve the S/N ratio, the two IFs were combined on-line, with Hanning
smoothing. The 0.781 MHz bandpass was divided into 128 independent channels with a
channel separation of 6.1 kHz, corresponding to a velocity resolution of 1.29 km.s−1 . The
absolute flux calibration was made by observing 3C 48 for approximately ten minutes at
the beginning and end of each configuration, and adopting a flux density of 16.0655 Jy,
according to the Baars et al. (1977) scale. This calibrator was also used to derive the
complex bandpass corrections. I used the calibrator 0134+164 as a secondary amplitude
and phase reference, observing it roughly every 35 minutes during the runs.
I reduced the data with the NRAO package aips, using standard procedures. Each configuration was edited and calibrated separately, and the calibrated uv databases were
combined before being imaged. The highest sensitivity was obtained by giving the uv
data their natural weighting when mapping. This resulted in a 16×1900 FWHM beam.
An optimal combination of sensitivity and spatial resolution was obtained from uniformly
weighted maps, made with baselines longer than 20 kλ given progressvely less weight (uvtapered). The resulting channel maps had a FWHM of 7.500. All channels were imaged
separately, to preserve maximum velocity resolution.
The sidelobe response was deconvolved from the naturally-weighted channel maps using
a maximum-entropy method, as implemented in the miriad task maxen. The uniformweighted cube was not cleaned, as the sidelobes of the uniform-weight beam were small
(< 3%) and none of the channels had a peak signal strength large enough for the sidelobes
b

http://www.astro.rug.nl/˜whisp
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to be visible above the thermal noise level. Due to the shape of the natural-weight beam,
there was a large mismatch between the flux scales of the point sources convolved with
the clean beam (units Jy.(clean beam area)−1), and the residual maps (Jy.(dirty beam
area)−1 ). This mismatch is discussed more fully in Appendix C. Here it suffices to say
that the final cleaned channel maps were constructed by multiplying the residual maps by
a factor of 0.24 to bring them onto the same flux scale as the convolved clean components,
and adding the result to the clean component map.
The cube was cleaned without first subtracting the continuum emission. This was done
because line emission was observed over a wider range of velocities than expected, appearing in almost all channelsc . Consequently, the usual methods of continuum subtraction
failed, due to contamination from the line emission. There were no continuum sources
with sidelobes strong enough to cause difficulty in the deconvolution so I removed the
continuum from the cleaned maps, using the method described in Appendix D.
Two methods were employed to summarise the information contained in the finished cubes;
moments and spectral-line fitting.
I generated maps of the zeroth, first and second moments of the gas distribution along
the line of sight with the aips task momnt. The cube was smoothed with a gaussian
kernel in the spatial dimensions (over an area approximately twice that of the beam at
half maximum) and Hanning smoothed in velocity (typically 5 channels, or 6.5 km.s−1 ).
After smoothing any pixels in the cube falling below a certain flux limit were flagged, and
the moments computed from unsmoothed version of the cube, ignoring flagged pixels. I
also computed moments using the method described in Section B.1, which automatically
varies the flagging cutoff level from channel to channel in a statistically sound manner so as
to minimise the number of spurious pixels included in the moment sum, while maximising
the detected signal. The resulting moment maps differed only slightly from those produced
via the the traditional algorithm.
For the natural-weight cube, I produced a different view of its content by making maps of
the peak column density and velocity of the peak density with the aips task xpeak. This
program fits a parabola to the peak emission along each line of sight, ignoring emission
below a specified threshold. To reject all background pixels a threshold of 4 mJy.bm−1
(∼ 6σ), was specified. The velocity field showed structure on scales much smaller than the
beam size, so it was smoothed with a 1600 FWHM gaussian to enable comparisons with
the moment maps. The peak emission strength map was not smoothed.

c
The emission was readily identifiable as line emission because its location within the channel maps
changed from channel to channel.
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Configuration
Time on-source (hours)
Baseline length range (kλ)
Date of observation

B array
6
1.0–54
1994 July 24

C array
4
0.35–16
1993 August 8

Primary beam at half-power (FWHM)
FWHM of synthesised beam (B+C+D, Uniform, untapered)
Central velocity, heliocentric
Channel width
Rms noise in channel maps
Natural weight, uv taper=40kλ
Uniform weight, uv taper=20kλ
Conversion factor, equivalent of 1 mJy.beam−1
1600×1600
7.500×7.500
4.500×3.900
Table 4.1

4.3

D array
3
0.17–4.9
1994 January 20
∼ 320
4.5 ×3.900
373 km.s−1
1.29 km.s−1
00

0.7 mJy.beam−1
1.3 mJy.beam−1
2.4 K
11 K
34 K

Parameters of VLA observations.

Échelle spectroscopy

Échelle spectra of the Hα emission from HII regions in NGC 1156 were obtained using
the MMTd. Observations were made on 1991 September 28 and 1992 October 15 with the
MMT échelle. The instrumental setup was identical to that described in Section 2.3.
Target coordinates were taken from a list compiled from examination of the colours of
clusters visible in the broad-band images. No Hα image was available at that time. Positioning of the telescope was accomplished by checking the telescope coordinates at the
position of an SAO catalog star (no. 75672), and making blind offsets from a nearby Guide
Star Catalog star (no. 1786.927). In all, 53 emission spectra were obtained, 11 of which
were repeats, taken on different runs to check for positioning errors and the internal uncertainty. No intensity calibration was performed, but all spectra were divided by a flat
lamp exposure, to remove pixel-to-pixel sensitivity variations. Wavelength calibration was
done by fitting a 7th-order polynomial to the arc-lamp exposures which bracketed each
object spectrum. The r.m.s. error of the wavelength solution was typically 0.06Å (2.7
km.s−1 ). Radial velocities were obtained by fitting gaussians to the Hα emission line, and
are listed in Table 4.3. In a few cases there were two clear components, and for these a
simultaneous fit was made.

d
The Mutiple Mirror Telescope is a joint facility operated by the Smithsonian Institution and the
University of Arizona.
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Ident

RA
J2000.0

DEC
J2000.0

Peak
counts

Vel
km.s−1

FWHM HI Vel FWHM
km.s−1 km.s−1 km.s−1

17305 2 59 37.19 25 14 27.78

3.7 ±0.8 398.6 ±3.1 34.9 ±5.7 392.7

16.5

17305 2 59 37.19 25 14 27.78
16223 2 59 40.47 25 13 53.42

3.7 ±0.8 398.6 ±3.1 34.9 ±5.7 392.7
9.6 ±1.1 372.9 ±1.9 40.1 ±3.1 381.9

16.5
32.7

17262 2 59 40.52 25 13 53.31 48.4 ±2.1 377.2 ±1.0 41.1 ±1.2 381.9
16224 2 59 40.59 25 13 52.01 11.5 ±1.2 377.1 ±1.7 37.7 ±2.7 383.5

32.7
33.0

17313 2 59 40.67 25 13 51.21
17276 2 59 40.67 25 13 51.21

8.9 ±0.9 384.4 ±2.3 55.0 ±3.2 384.8
6.6 ±0.8 381.8 ±2.7 56.7 ±3.9 384.8

33.9
33.9

16222 2 59 40.72 25 14 06.30 6.9 ±1.0 378.9 ±2.3 39.1 ±3.8 380.9
17275 2 59 40.81 25 14 06.50 21.4 ±1.7 373.2 ±1.2 31.3 ±1.9 380.6

27.6
25.9

16626 2 59 40.83 25 13 55.90
16626 2 59 40.83 25 13 55.90
16225 2 59 40.86 25 13 51.30

9.8 ±1.5 372.7 ±1.5 22.1 ±3.0 383.7
5.6 ±1.1 402.0 ±2.1 26.0 ±4.3 383.7
8.0 ±0.9 385.1 ±2.3 47.7 ±3.4 386.0

23.3
23.3
32.5

17318 2 59 40.87 25 13 51.20
17318 2 59 40.87 25 13 51.20

5.6 ±1.2 373.7 ±2.1 24.3 ±4.3 386.0
4.8 ±1.4 403.5 ±1.8 14.6 ±4.8 386.0

32.5
32.5

17271 2 59 40.92 25 13 55.69 15.3 ±1.4 372.8 ±1.5 36.5 ±2.3 384.3
16220 2 59 41.07 25 14 12.29 8.1 ±1.0 381.5 ±2.2 45.1 ±3.4 381.4

22.6
28.5

17254 2 59 41.12 25 14 14.58 19.3 ±1.3 381.5 ±1.5 51.7 ±2.0 384.4
17261 2 59 41.13 25 14 12.88 17.0 ±1.2 359.7 ±1.6 50.0 ±2.1 383.1

24.3
25.4

17261 2 59 41.13 25 14 12.88 7.4 ±0.7 402.3 ±2.9 73.4 ±3.6 383.1
16221 2 59 41.22 25 14 14.48 32.9 ±1.3 375.9 ±1.4 78.6 ±1.5 384.9

25.4
22.8

17260 2 59 41.23 25 14 15.28 48.3 ±2.0 380.9 ±1.0 45.0 ±1.2 384.9
17294 2 59 41.23 25 14 15.28 43.5 ±1.9 381.3 ±1.0 45.1 ±1.2 384.9

22.8
22.8

16227 2 59 41.39 25 13 55.17 12.2 ±1.3 384.7 ±1.6 33.1 ±2.6 384.0
17297 2 59 41.41 25 13 43.57 29.2 ±1.8 380.6 ±1.1 35.3 ±1.6 383.6

21.7
26.1

17279 2 59 41.43 25 13 55.27 15.3 ±1.3 386.8 ±1.5 40.1 ±2.3 384.0
17277 2 59 41.45 25 14 14.67 6.7 ±0.7 387.6 ±3.1 78.1 ±3.8 384.1

21.7
22.4

17306 2 59 41.64 25 14 16.66
17310 2 59 41.64 25 14 16.66

3.0 ±0.6 376.3 ±4.9 71.0 ±6.6 383.9
5.5 ±0.8 378.4 ±3.0 53.9 ±4.4 383.9

24.3
24.3

17272 2 59 41.84 25 14 04.95
17273 2 59 41.84 25 14 04.95

5.1 ±1.0 364.2 ±2.4 28.9 ±4.6 378.0
3.0 ±0.7 369.3 ±4.2 50.8 ±6.6 378.0

21.0
21.0

17280 2 59 41.99 25 14 12.44
17281 2 59 41.99 25 14 12.44

3.8 ±0.8 362.1 ±3.3 42.8 ±5.6 373.3
4.4 ±0.9 361.2 ±2.9 36.6 ±5.1 373.3

18.4
18.4

17303 2 59 42.01 25 14 39.34
16228 2 59 42.03 25 13 48.34

9.3 ±1.2 374.8 ±1.9 34.9 ±3.1 380.9
9.3 ±1.0 379.3 ±2.1 46.7 ±3.1 378.1

20.7
17.9

17278 2 59 42.09 25 13 48.33
17258 2 59 42.11 25 14 14.93

8.5 ±0.9 368.3 ±2.3 51.6 ±3.3 378.1
7.1 ±0.9 362.8 ±2.4 47.8 ±3.7 369.4

17.9
19.1
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RA
J2000.0

DEC
J2000.0

17256 2 59 42.11 25 14 15.13

Peak
counts

Vel
km.s−1

FWHM HI Vel FWHM
km.s−1 km.s−1 km.s−1

6.3 ±0.8 361.8 ±2.8 54.4 ±4.0 369.4

19.1

17299 2 59 42.12 25 13 48.53 10.4 ±1.1 364.1 ±1.8 39.4 ±2.9 376.8
16229 2 59 42.16 25 14 13.93 9.7 ±1.1 362.0 ±2.0 43.8 ±3.0 369.9

16.2
19.3

17259 2 59 42.21 25 14 12.53
17255 2 59 42.21 25 14 12.83

5.8 ±0.9 359.3 ±2.7 45.8 ±4.2 370.0
6.8 ±0.9 362.9 ±2.4 44.9 ±3.8 369.9

19.8
19.3

17264 2 59 42.22 25 14 14.53
17302 2 59 42.22 25 14 14.53

5.9 ±0.9 377.1 ±2.6 43.7 ±4.2 369.2
9.9 ±1.1 372.4 ±1.9 41.6 ±3.0 369.2

19.1
19.1

16231 2 59 42.76 25 14 19.70
17300 2 59 43.15 25 13 48.28

8.3 ±1.1 359.8 ±2.0 35.4 ±3.3 365.5
4.2 ±0.8 364.9 ±3.2 45.8 ±5.2 369.0

23.8
20.0

17301 2 59 43.15 25 13 48.28 4.8 ±0.9 366.6 ±2.7 35.3 ±4.8 369.0
17270 2 59 43.47 25 14 50.36 22.0 ±1.5 382.2 ±1.3 38.3 ±1.8 378.9
17316 2 59 44.14 25 14 02.63 14.2 ±1.4 355.1 ±1.5 34.5 ±2.4 357.4

20.0
26.4
28.7

17265 2 59 44.41 25 14 22.32 15.3 ±1.0 362.3 ±1.9 71.0 ±2.3 361.7
17266 2 59 44.42 25 14 00.61 8.8 ±1.1 353.0 ±1.9 36.8 ±3.2 354.3

21.7
25.9

17319 2 59 44.59 25 14 24.01
16230 2 59 44.66 25 14 24.60

2.5 ±0.7 347.5 ±4.6 46.6 ±7.5 358.6
8.4 ±1.0 348.5 ±2.2 45.3 ±3.3 357.6

21.9
22.6

17314 2 59 44.85 25 14 03.19 32.7 ±2.0 359.6 ±1.0 32.3 ±1.5 357.6
17268 2 59 45.62 25 14 59.75 3.5 ±0.7 367.2 ±3.9 53.0 ±5.9 363.4

30.1
28.7

17269 2 59 45.62 25 14 59.75
17269 2 59 45.62 25 14 59.75

8.3 ±1.0 376.6 ±2.1 43.6 ±3.4 363.4
4.1 ±0.9 330.8 ±2.8 32.2 ±5.3 363.4

28.7
28.7

17315 2 59 45.68 25 15 15.25

7.4 ±1.2 364.5 ±1.9 29.8 ±3.6 359.6

24.0

Table 4.2 : Heliocentric radial velocities of HII regions in NGC 1156, from échelle
spectra at Hα. Idents are sequence numbers in the MMT échelle archive. Where
an ident number is repeated, two gaussian peaks were fitted to the spectra. The HI
velocities are read from the high-resolution moment map. The FWHM are computed
from the corresponding second-moment map.
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Hi distribution
Total recovered Hi flux

Almost all of the HI in the galaxy detected in single-dish observations also recovered
by my VLA observations. Figure 4.1 shows the total spectrum of the galaxy, obtained
with the ‘histogram’ method described in Appendix B.
result to the single-dish observations of Haynes et al.

In the Figure I compare the
(1998)e. The sum total of the

VLA spectrum between v = 300 and v = 448 km.s-1 is 61±2 Jy.km.s-1 . Haynes et al.
obtain an integrated flux f Svdv o f 72.72 Jy.km.s- 1 , indicating the interferometer has failed
to recover approximately 16% of the total. However their HI spectrum shows em ission
extending to lower and higher velocities than that detected by Shostak (1978) (from which
the VLA observations were planned). Summing their spectrum over the velocity range
300-448 km.s-1 , the integrated flux is 68.7 Jy.km.s-1 , suggesting the VLA observations
have missed 11% of the in-band flux, and 6% of the Haynes et al. total lies outside the
observed bandpass. The WHISP observations show the galaxy as slightly more extended
than my observations, which recovered a total flux of 71.3 Jy.km.s-1 . The small fraction
of the HI flux missed by my observations is diffuse emission, and should not significantly
affect the appearance of the detailed structure in the galaxy.
Telescope FWHM
Greenbank 91m
11'

f Svdv
Ref Notes
59.0
1 single pointing
63.1
1 corrected
Greenbank 43m
21'
2 single pointing
73 ± 4
WSRT, 0.2-16kA
71.3
3 channel maps sum
VLA, 0.2-50kA
61 ± 2
4 channel maps sum
(arcmin) (Jy.km.s-1 )
1. Shostak (1978) 2. Haynes et al. (1998)
3. Swaters (1999)

4. This work

Table 4.3
Single-dish measurements of total HI in NGC 1156. Unless otherwise noted, the
measurements refer to the flux from a single pointing, and are not corrected for the extension of
the source within the beam. Not all authors quoted uncertainties.

4.4.2

Structures in the Hi

Figure 4.2 shows the map of HI column density for the naturally-weighted cube. Ellipses
fitted to the emission have axis ratios that correspond to a circular disk inclined at 46°±5°
to the line of sight. The major axis position angle o f the disk is ~ 90° or 270°. Within the
disk there are a number of clumps and complexes, the largest in the northeast quadrant.
performed with the NRAO Green Bank 43m telescope, FWHP=21/.
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Figure 4.1 Total HI spectrum of NGC 1156 (points), computed by the histogram method, from
naturally-weighted channel maps. The solid line is the spectrum from Haynes et al. (1998). The
vertical dashed lines show the limits used when integrating the spectrum; the bright channels below
300 km.s−1 contain strongly non-gaussian noise structure.

A large depression in the HI exists in the northwestern quadrant, centred on (∆RA=-7000,
∆DEC=+2500). Emission is detected, but at a level 50–60% lower than the bordering HI
clumps. There are faint whisps trailing off the eastern end of the disk, and a clump of
emission to the south of the disk, along the minor axis. The 6000-resolution Westerbork
maps show these two features are part of an extended skirt around the galaxy with column
densities lower than 2 × 1020 atom.cm−2; this flux may be partly resolved out by my VLA
observations, and lies at the sensitivity limit.
Figure 4.3 shows an overlay of the HI column density and the B-band CCD image from
Chapter 5. The long axis of the optical emission is not aligned with that of the gas
distribution, the angle between the major axes being ∼ 50◦. However the regions of
brightest HI emission and greatest velocity dispersion do closely follow the outline of the
bright optical emission (Figure 4.3, 4.4, 4.22).
The spatial extent of the stars and gas is comparable; the µB = 26.5 (Holmberg radius)
isophote is 16000 from the optical centre, which encompasses all of the HI detected by these
observations, and by the WHISP team.

4.4. HI distribution
Figure 4.2 HI column density map of NGC 1156 from the naturally-weighted datacube (left:) and the uniformly-weighted cube (right:). The
contours are drawn at column densities of 1, 2, 5, 10 and 20×1020 atom.cm−2.
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Figure 4.3 B band image of NGC 1156, overlaid with column density contours from the natural-weight cube. The levels are the same as in
Figure 4.2. The greyscale image is the same in both panels, in the left panel the stretch is set to show faint features. The offset coordinates are
relative to α=02:59:42.6, δ=+25:14:15 (J2000.0). The white cross marks the rotation centre.

4.4. HI distribution

183

Figure 4.4 Hα line emission in NGC 1156, overlaid with column density contours from the
natural-weight cube. The contour levels are 1, 2, 5, 10, 15 and 20 ×1020 atom.cm−2. The 15×1020
contour was not drawn in Figures 4.2 and 4.3. The cross near 0, +1500 marks the rotation centre.

There is some spatial correlation between HI clumps and HII regions but not all the HI
peaks have corresponding optical emission (Figures 4.4 and 4.13). The largest HI complex
is concident with a region that is faint in the B frame, but which stands out clearly in Hα
images. Just to the southeast of this complex, the optical images show a group of faint,
fuzzy objects spread over a 2000-diameter region near +70,+4000; these may be star clusters
(Chapter 5). No similar populations are seen associated with the clump at the SW end
of the bar. A spur of faint, diffuse optical light protrudes from the bar of the galaxy into
the the (−7000,+2500) HI depression. This is visible in the B, V and R data. Overall, the
comparison in Figure 4.3 gives an impression of a stellar bar and trailing arms in the gas.
The appearance has strong similarities to that of NGC 6822 (de Blok & Walter 2000); a
barlike stellar distribution running nearly along the minor axis of the HI distribution with
a large hole on one side of the bar and a trailing outflung ‘arm’, except here the hole and
arm are on opposite sides of the galaxy. In NGC 6822 the hole and arm lie on the same
side of the galaxy.

184

Chapter 4. Gas distribution and kinematics in NGC 1156

Figure 4.5 A representative sample of channel maps for NGC 1156, rendered with natural
weighting (∼2000 resolution). The cross marks the rotation centre.

4.4. HI distribution
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Figure 4.6 Position-velocity maps of NGC 1156, projected along the major axis of the gas
distribution (PA=270◦ ). Declination offsets (arcsec) from the pointing centre are given in the top
left corner of each panel.
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HI Kinematics

The kinematics of NGC 1156 are complex. Three representations of the velocity field
contained in the datacubes are shown in the top row of Figure 4.7. The isovelocity contours
are distorted on the eastern side of the galaxy, and convex on both sides within r < 7500.
This change in character seems to be closely associated with the edge of the high-surface
brightness part of the galaxy (see the high-contrast rendering in Figure 4.21). The rotation
is clockwise, with the receeding kinematic major axis along PA∼ 270◦. This is ∼50◦ from
the major axis of the optical light distribution. The inclination is uncertain: the axis
ratio of the gas distribution implies a circular distribution inclined at 46◦, but the convex
isovelocity contours and rounded appearance in the center channels could indicate an angle
as low as 20◦ (see below). The rotation centre is also difficult to determine precisely. The
adopted centre is marked with a cross on some of the maps; how it was determined is
described in Section 4.5.1.
The differences between the velocity fields arise from the way they are constructed. In
particular, the difference of the natural-weight moment and peak velocity maps arises from
two-component and asymmetric emission peaks skewing the first moment away from the
peak velocity. Some of these features are not reproduced in the uniform-weight moment
map, as with the lower sensitivity the secondary peaks are not picked up.
The channel maps (Figure 4.5) and position-velocity maps (Figure 4.6) reveal a complex
distribution with many clumps and several regions of multiply-peaked line profiles. Some
of the peculiar features in Figure 4.7 can be explained by these plots. The closed isovelocity
contours near (+5000, +2000) are caused by the anomalous-velocity clump of emission shown
in the ∆DEC=1800 panel of Figure 4.6. This clump biases the first moment and peak
velocity maps in opposite directions: in the first moment map it seems to be leading the
general rotation, i.e. approaching in the line of sight faster than the surrounding gas. In
the peak-velocity map, the same region appears to lag behind. This feature is discussed
further in Section 4.8. A similar region of apparently rotation-leading gas is located on the
other side of the galaxy, near (−3900, +1500); Figure 4.10 shows a clump of gas somewhat
displaced from the general rotation in the 1200 slice. Interestingly, the line connecting these
two points passes very close to the optical ‘nucleus’.

4.5.1

Tilted-ring modelling

Simple parametric (Brandt 1960) and tilted-ring models (Begeman 1987) are insufficient
to describe the details in the velocity field of NGC 1156. Nevertheless, the major-axis
position-velocity maps show the gas is largely in ordered rotation, and I made some tilted-

4.5. HI Kinematics
Figure 4.7 Three representations of the velocity field of NGC 1156. left: natural-weight moment, centre: natural-weight peak fits, right:
uniform-weight moment. Note the difference in central contours between the left and centre panels. This is a result of the different moment-map
construction methods. See page 186 for a discussion.
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ring model fits with the rocur task in aips, to help the interpretation.
rocur makes an automatic least-squares fit of the systemic velocity, rotation centre, circular speed, position angle and inclination in independent ellipses. The annuli are assumed
circular in the plane of the galaxy disk, i.e. their ellipticity results from the inclination
angle. The independence of the annuli removes any assumptions about the functional form
of the rotation curve and allows greater flexibility in the sort of velocity fields that may
be fit, such as galaxies with warped disks. Acceptable fits should have residual velocities
smaller than the uncertainty due to the velocity resolution of the correlator and the intrinsic widths of the emission peaks. In extragalactic HI observations with the VLA the
uncertainty is frequently dominated by the channel widths, which can be comparable to
the line FWHM. In these high velocity resolution observations the peaks are well resolved,
so the uncertainty in the velocity field is set by how well the centroid of the line profile
can be determined. This is governed by the line width and the S/N with which the profile
is measured. The mean peak width is 16 km.s−1 (FWHM); 4 km.s−1 has been adopted as
the limiting accuracy.

Figure 4.8 Rotation parameters derived from tilted-ring model fits to the receding side of each velocity field. The legend translates as: NAMOM — moment map of natural-weight cube; NAXVEL
— peak-fits to natural-weight cube; and UNMOM — moment map of uniform-weight cube. The
traces at the bottom show the r.m.s. residuals at each annulus. solid line: for natural-weight maps
(the values are nearly identical). dashed line: for uniform-weight map.

The fitting procedure I followed was first to fix the systemic velocity to that obtained
from the total spectrum, fit the remaining parameters and adopt mean fixed values for the
rotation centre coordinates. After several attempts it seemed clear the rotation centre was
not at the centre of the optical ‘bar’ but closer to the bright cluster in the northeastern
half. The centre of rotation is 02:59:42.4 +25:14:30 (J2000), with an uncertainty of ∼ 600
in both RA and Dec. This position coincides with the ‘nucleus’. In view of the strong
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Figure 4.9 Residuals from rocur fits to the velocity fields in Figure 4.7. The contour levels are
-16, -12, -8,-4, 4, 8, 12 and 16km.s−1. The model velocity field is shown at lower right.

distortions in the approaching side, it was excluded from the rest of the fitting. Regions
within 25◦ of the minor axis were also excluded since for circular rotation they provide
little information. A second round of fits, for rotation speed, position angle and inclination,
was made. The fitted inclinations varied rapidly over a 30◦ range so a single fixed value
was chosen. From the axis ratio of the HI distribution the inclination appeared to be
46◦ . Several outer annuli on the receeding side gave a consistent fitted value of 55◦, but
the residuals of trial fits using this inclination were almost indistinguishable from those
using 46◦, so the latter was adopted. A third round of fits gave the results plotted in
Figure 4.8. Fits using the same fixed parameters were made to the other two velocity
fields, with similar results. In particular, the uniform velocity field fit shows the same
rising and falling pattern that the lower-resolution maps do, confirming that this is a real
feature and unlikely to be the result of beam smearing.
The residuals for all of the fits appear in Figure 4.9, along with a representation of the
fitted model. Two important features are visible: the model fits the closing contours just
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Figure 4.10 Rotation model (crosses) fitted to the first-moment velocity field, superposed on
position-velocity maps extracted along the major axis direction. Only the receding side of the
galaxy was fitted. The ∆DEC= +1200 panel cuts through the adopted rotation centre, the other
positions were chosen to cut through the poorly-fitted regions.
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Figure 4.11 Asymmetric drift corrections in NGC 1156. The HI density (top left:) rises slightly
at small r, as does the velocity dispersion implied by the second moment map (top right:). As
in Figure 2.19 the error bars in the top two plots indicate the r.m.s. azimuthal variation of the
plotted quantity, not the uncertainty of the mean. The correction only starts to become significant
at the edge of the disk (dots, above.). The dashed line in the panel is the HI density curve from
the top left panel, drawn as log(surface density).
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to the west of the bar as a local minimum in the rotation, and the convex isovelocity
contours can be well represented by circular motions provided that the rotation velocity
increases as quickly as shown, which is faster than that of a solid body. In addition,
the model fits quite well the parts of the approaching side that were not noted above as
obviously distorted (compare Figure 4.7). This point is further illustrated by Figure 4.10
which compares position-velocity maps of the model and data at declinations crossing the
points with the largest residuals in Figure 4.9.
Swaters (1999) fits a rotation model which has identical amplitudes (20 km.s−1, 60 km.s−1)
at the inner and outer extremities but rises steadily between, rather than following the
inflection near r = 5000. The difference appears to arise from the small region of rotationleading gas noted above; lying near the the major axis, it strongly influences the fit I
obtain toward lower velocities in the range 5000 < r < 7500.
The effects of asymmetric drift on the rotation curve are probably small; azimuthal averages of the HI column density image and second moment image (Figure 4.11) show these
quantities to be increasing at small radii, in which case σD (see page 44) becomes imaginary. At r ∼ 4 kpc the disk density starts to decline rapidly, and σD rises, but by this
radius the rotation amplitude is ∼ 50 km.s−1 and the maximum adjustment (3–4 km.s−1)
is only just becoming comparable with the uncertainties.
The dynamical mass of the galaxy can be estimated from the rotation velocity of the last
point on the rotation curve. Taking this to be ∼ 60 km.s−1 at r = 13000, and the distance
to be 7.8 Mpc, the mass is 4.1×109 M . Compared to the total mass of neutral gas (with
a 30% correction for Helium) this figure implies that neutral gas comprises ∼30% of the
galaxy mass. Note that the distance dependence of the two mass estimates is different: the
dynamical estimate is a linear function of distance to the galaxy, while the mass estimated
from the integrated column density varies as D2 . Thus overestimating the distance to the
galaxy increases the fraction of gaseous material.

4.5.2

Comparison with ionised-gas kinematics

As noted above, the optical major axis of NGC 1156 is not aligned with the kinematic
major axis of the HI velocity field. The same is true for the velocity field measured from
ionised gas, i.e. the optically-measured velocities are in agreement with the HI. In Table 4.3
I have included the HI velocity from the uniformly-weighted maps. Of the 52 Hα spectra,
9 had centroids differing from the HI centroid by more than 10 km.s−1 . In 5 of these, the
Hα line profile had two components straddling the HI velocity, suggesting the ionised gas
is undergoing expansion. None of the 4 remaining spectra were offset from the HI velocity
by more than 15 km.s−1.
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Other workers find similar agreement. Hunter et al. (2002) present results from longslit
spectrocopy of both the ionised gas and the stellar population in the bar of NGC 1156.
They find good agreement between velocities measured from Hα and the HI data. The
stellar absorption-line velocities appear to have a shallower velocity gradient than the
Hα data along all the position angles they observed. However the uncertainties are large
enough that within the error bars the data are consistent with the Hα velocity gradients,
and with zero velocity gradient.
The échelle data show that the HII regions are moving with the same velocities as the HI,
which means the stellar distribution really is oblong and rotating as part of a bar pattern.
It would be extremely interesting to probe the ionised gas velocity field further, with an
integral field instrument.

4.5.3

Dynamical models for NGC 1156

Although the rotation curve derived above could plausibly be explained as that of a solid
body, perturbed at some radius by a strategically located HI cloud, questions remain:
why is the perturbing cloud there in the first place, and what causes the convexity of the
isovelocity contours at all azimuths near this radius? Two possible dynamical explanations
present themselves.
A first-order model of an exponential-disk rotation curve and a warped disk can explain
most of the velocity field. Exponential-disk rotation curves rise linearly in their central
regions, and flatten out at some critical radius. To explain the rapid rise of the rotation
velocity beyond r = 6000 the central inclination must be low (∼ 20◦ to 30◦ ) and the disk
must warp through ∼ 20◦ to higher inclinations by the time the turnover radius > 13000 is
reached, i.e. the inclination changes must take place at radii where the rise of the rotation
is still linear. It may be that the warping continues beyond the turnover radius, but as the
observed rotation curve has dropped below solid-body increase, the degree of warping is
weakly constrained. This model cannot explain the perturbing cloud however; the velocity
reversal near r = 3000, would require a sudden increase and decline in inclination of some
40◦ amplitude.
Alternatively, the velocities of the HII regions and the ‘boxy’ optical isophotes of NGC 1156
imply that a large fraction of the stars are moving on elliptical or parallelogram orbits,
presumably in a dynamical bar, and the gas motions are likely to reflect the distortion of
the potential. In the following, I explore the effects of elliptical orbits on the velocity field.
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Elliptical-orbit model
A full calculation of the barred potential, viable orbits and resulting velocity field for
some assumed gas distribution lies beyond the scope of the current work. However some
insights may be gained with the approach used by Staveley-Smith et al. (1990). The
problem is parameterised by making the gas move on elliptical orbits over some scale R0 ,
which can be taken to be the bar length. Orbits were positioned with the rotation centre
at their centre of symmetry rather than one of the focif. Orbits were made more circular
at larger radii, using the functional form arctan(q(R-R0))/π. The “softening” parameter
q controls how quickly the orbits change character, from maximally elliptical at small R to
completely circular at large R. Misalignment of the ‘bar’ with the kinematic major axis of
the main disk was allowed. The size of the position angle and inclination offsets controlled
with the same functional form as the ellipticity. All the offsets are at half amplitude when
R=R0 , and approach the extrema asymptotically. The angular momentum of an orbit was
set using Brandt’s (1960) parameterisation of galaxy rotation curves, at a radius equal to
√
the mean along the orbit, ab. This constrains the extra component of velocity along the
orbit to be that resulting from the ellipticity.
The usefulness of this parameterisation is due to the dissipative nature of the gas. Although
there are several orbit families associated with bars (see Contopoulos & Grosbol (1989)
for a review), the gas will populate only one; collisions between clouds will quickly remove
clouds from orbits other than the dominant family. Further, the orbits will most likely be
closed, for similar reasons (Binney et al. 1991). For a rotating barred potential the orbit
families are associated with the existence or not of Lindblad Resonances — recall that the
necessary condition is Ωb (r) = Ω(r) − κ(r)/2 where Ωb is the pattern speed of the bar and
κ the epicyclic frequency.
There are two families of closed-loop (i.e. stable) orbits that are important, denoted x1
and x2 (Contopoulos & Grosbol 1989; Combes 1994). The x1 family exists inside the
corotation radius (CR), the orbits are prograde and their major axes are parallel to the
bar. At low energies they are simple ellipses but at higher energies they develop cusps
and small loops at the extrema. inclination and position angle offset (which I term tip
and skew ) are computed from the parameterisation above. For a densely-spaced set of
azimuths along the orbit, the velocity is calculated. The orbital track is then projected
onto the plane of the sky, and the line of sight velocities inserted at appropriate pixels.
The cycle then repeats for the next mean radius. This procedure superposes velocities
from different orbits onto the same pixels; the program handles this by keeping an array
the same size as the output image, which tracks how many times each pixel in the output
f
This is inconsistent with the determination of the rotation centre above, but suffices to show the gross
features of elliptical orbits.
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Figure 4.12 Velocity fields for model disks incorporating elliptical orbits (around a bar). The overall inclination of the galaxy is 45 ◦ , position
angle of the receding major axis 265◦ , and Vsys =373 km/s. The disk rotation curve is given by a Brandt (1960) parameterisation: n = 10,
Vmax = 150 km/s, Rmax = 15000. The contours are drawn 10 km/s apart. Values on the plots indicate the ellipticity and maximum amplitude of
the position angle and inclination offsets. The q parameter controls the radial distance within which the orbits revert to being circular.
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image receives a velocity datum. Each new velocity is added to the relevant pixel, and at
the end of the calculations the program forms an unweighted mean. This averaging step
may reduce the final perturbation, but a similar effect arises in the data, caused by line of
sight superpositions and beamsmearing. I made tests which varied the sampling density
in the galactic plane (leading to larger or smaller numbers of overlaps, and thus differing
degrees of biasing) and found no large effects on the velocity field. I made the sampling
density an input parameter, and for the velocity fields shown in Figure 4.12 set it so the
observed disk is ‘just-filled’.
For NGC 1156, the shape of the outer isovels constrains the Brandt-curve parameters
to be a high index with a turnover radius near the edge of the galaxy. That forces the
model field to be a perturbation from solid-body. Figure 4.12 shows a selection of models
with a high-index rotation curve, and different parameters for the oval orbits. Making
orbits elliptical but keeping them aligned with the major kinematic axis has rather small
effects (top row ). Setting the orbit ellipses at an angle to the line of nodes produces a
twisting of the isovelocity contours (second row ). Assuming an offset between the elliptical
and circular-disk kinematic axes, tilting the plane of the orbits will make the isovelocity
contours concave if the tilt turns the orbits more nearly face-on to the line of sight, while
the contours become convex if the tilt is toward larger inclinations (third row ). This starts
to resemble the velocity field of NGC 1156. The bottom row of the figure shows the effect
of changing the softening parameter on such a twisted, tipped model.
These models can reproduce the convex inner isovelocity contours of NGC 1156, and the
near-parallel outer contours, but fail to produce the localised regions of rotation-leading
gas. It seems only a small skew of the elliptical orbits with respect to the outer-disk line of
nodes is necessary. A small change in mean orbit inclination seems to be required by this
class of model. Allowing larger perturbations from circular motion may improve the match
and produce localised reversals without the need for tipped orbits, but constraining the
perturbations to physically reasonable values requires full-blown modelling (e.g. Wozniak
& Pfenniger 1997) beyond the scope of this work. Adopting a low value of the Brandt
index (which gives a peaked rotation curve) and/or smaller bar sizes the isovel shapes can
be roughly repoduced, but the amplitudes are not, and such a rotation curve might imply
a rather unlikely bulgelike concentration of (presumably dark) matter within a radius
smaller than the bar length.

4.6

Gas surface density and star formation

NGC 1156 has a similar peak surface density to NGC 4214, and a similar rotation speed.
How well does it conform to the Kennicutt (1989) relation discussed in Section 2.6?

4.6. Gas surface density and star formation
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As before there are difficulties with the rotation curve, so I have calculated three example
cases, shown in Figure ref. The first adopts the rotation curve obtained from rocur
fits to the peak-velocity map computed from the natural-weight cube. The second model
assumes the bumps and wiggles in the rotation curve are artifacts caused by the clumps
in the distribution, and uses a solid-body approximation over the inner 5 kpc. The third
model assumes the scaling relations given by Stil (1999) apply.
The figure shows that under the first two models, most of the disk in NGC 1156 should be
unstable to star formation. This probably comes about because of the slower rising rotation
in NGC 1156. Comparing with Figure 2.19, the rotation rises much more rapidly initially,
and reaches a higher maximum at a smaller radius. The ‘universal’ halo model rises even
more rapidly, to a higher maximum. For the reasons explained in Chapter 2 I have adopted
α = 0.3 for the scaling factor α. If I adopt the value given by Kennicutt (α = 0.67), the
critical surface density curves are roughly equal to the observed HI surface density. One
point of difference not mentioned before is that the surface density NGC 1156 also follows
the absolute surface density threshold suggested by Skillman (1987). Figure 4.13 shows
bright Hα emission comes from regions with column densities above 1021 atom.cm−2.

Figure 4.13
Hα surface brightness distribution relative to the HI column density, on a
pixel-by-pixel basis. The Hα image was smoothed to the same resolution as the HI image and
rebinned to the same scale. The greyscale indicates the number of pixels in a two-dimensional bin:
the image has been smoothed with a gaussian of the dimensions shown at top left. Contours mark
1,2,5,10,20 and 50 counts per bin.

Chapter 4. Gas distribution and kinematics in NGC 1156
198

Figure 4.14 Critical density curves for star formation in NGC 1156, under different assumptions about the rotation curve. The upper panel
in each plot shows the rotation curve (dash-dotted line) and consequent critical density curve (solid), the latter arbitrarily normalised. The lower
panel shows the same critical density curve and the HI mass surface density (points). The latter has been corrected for an inclination of 46 ◦ and
multiplied by 1.3 to account for Helium. The error bars indicate the r.m.s. variation around the annulus. The location of star-forming regions is
given by the azimuthally-averaged Hα distribution (dashed line). The averaging of the HI and Hα images was done in annuli with axis ratio
corresponding to an inclination of 46◦ and oriented along PA=90◦ . left: Simple model assuming the tilted-ring model fitted to the NAXVEL
velocity field of Figure 4.8. centre: Toy model assuming solid-body rotation to 4.5 kpc and a flat rotation curve beyond that radius. The points
are the rotation curve fits for all the velocity fields. right: ‘Heavy’ model assuming NGC 1156 follows the ‘universal’ rotation curve relations for
dwarf galaxies (Stil, 1999). V0 and rc refer to the maximum velocity and core radius of an isothermal dark halo; the rotation curve was computed
from these parameters. The fitted rotation curve is included in the upper panel for reference.
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Holes in the HI distribution

If NGC 1156 has a HI hole size distribution similar to the LMC or NGC 4214, then at a
distance of 7.8 Mpc only the largest holes will be revealed by my observations (∼ 1 kpc or
larger). Therefore I have not attempted a search for HI holes and bubbles along the lines
of Chapter 2. However there does appear to be one “supergiant” HI hole in this galaxy.
Centred on (+7000, +2500) is a large depression in the HI distribution. Its diameter, defined
by the encircling ridge of HI, is 6000 (2.3 kpc). There is HI detected at the hole centre, at a
level of 6 × 1020 atom.cm−2 and higher. Position-velocity slices (Figure 4.15) show a split
in the 5σ contour of the line emission at the hole centre (e.g. the PA=220◦ panel), with
components at 380 and 395 km.s−1. The slices also show a clump of HI ∼10–3000 from
the hole centre, and velocity 370 km.s−1 (e.g. PA=180◦, 220◦ panels). Judging from the
channel maps, this clump seems to be part of general diffuse emission near the systemic
velocity. An average spectrum over a 15×1500 region (Figure 4.17) shows these components
and a possible fourth which I could not identify in the position-velocity slices.
What could give rise to this structure? The two most likely possibilities are an expanding
shell structure formed by stellar feedback (or an infalling gas cloud), or an orbital resonance
of some kind.
Under the feedback-driven supershell hypothesis, one expects multiple clusters of stars to
form, add energy to the shell via winds and supernovae, and dissolve into the disk of the
galaxy. In this process the winds and SNe sweep out the interior of the shell, producing a
clear line-splitting signature in a position-velocity diagram. At late times, the shell walls
slow down and the emission from the receding and approaching walls starts to overlap.
Eventually the line splitting becomes smaller than the turbulent motion of the gas in each
wall and the shell becomes indistinguishable from the general disk of the galaxy.
The position velocity slices in Figure 4.15 are consistent with such a picture, although the
energy requirements for producing such a large hole via stellar feedback are problematic.
There is some evidence for a small velocity split in the gas at the hole’s centre, though it
is difficult to see without interactive tools. I have indicated the components in the figure.
These can also be distinguished as peaks in Figure 4.17. I estimated the energy required
using the equations on page 63, taking the disk scaleheight (for σgas = 8 km.s−1 , see Puche
et al. 1992) as 270 pc and the v = 380 and 395 km.s−1 components to be the shell walls
(giving a current expansion speed of 7.5 km.s−1). This gives an expansion age of 38 Myr
(most of which is post-breakout) and a shell speed at breakout of 560 km.s−1. Of course,
a shock moving at such high speed would ionise most of the gas it passed through. If I
ignore this for the moment and assume a gas volume density n = 0.1cm−3, I obtain an
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Figure 4.15
Position-velocity cuts through the large HI hole in NGC 1156, centered on
α =02:59:37.08, δ =25:14:42.4 (J2000.0). The greyscale runs from −1 to +15 mJy.bm −1; the
contour level is 5σ, 3.5 mJy.bm−1. The slice position angle is shown at the top right of each plot.

energy of 1 × 1054 erg, equivalent to at least 1000 supernovaeg . While high, such energies
are not unprecedented — in M 101, Kamphuis, Sancisi, & van der Hulst (1991) find a (still
expanding) 1.5 kpc hole with v ∼ 50 km.s−1 and energy of a few times 1053 erg. de Blok &
Walter (2000) find an almost completely evacuated HI hole in the dwarf galaxy NGC 6822,
with diameter 2.0×1.4 kpc and estimate it would require ∼ 1053 erg to generate.
The energy estimate above is uncertain but it depends most upon the current size of
the hole, which is a reasonably secure value. Perhaps the most uncertain quantity is
the adopted scale height. Doubling the scale height to h = 540 pc reduces the energy
requirements by a similar amount, to 5 × 1053 erg. The expansion speed at breakout
g
n = 0.1 is at the low end of the plausible range. If the density were higher, the energy requirements
would be larger still.
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Figure 4.16 Location of the position-velocity cuts through the large HI hole in NGC 1156
(Figure 4.15). The label on each slice marks the end corresponding to positive offsets.

depends strongly on the ratio of hole size to adopted scale height. Setting the scale
height h = 540 pc reduces the speed required at breakout to 71 km.s−1 , more in line
with observations in other galaxies (e.g. the LMC supershells, Kim et al. 1999b). The
expansion age is similar, 41 Myr.
The problem comes when one considers the surviving stellar population. For a Salpeter
IMF, 1000 supernovae (i.e. 1000 stars above 10 M ) implies a total mass in new stars
of order 105 M . Even if this were sourced from a distributed population of stars, there
should now (after ∼40 Myr) be a substantial remnant population of bright stars visible
within the hole bounds, as the disk rotates nearly as a solid body and less than 1/10th of
a rotation (∼ 500 Myr) has elapsed. Taking one of the SB99 (Leitherer et al. 1999) burst
models (e.g. Figure 3.28), it is possible to estimate how bright this young population would
be. If the stars were distributed in 100 clusters of 103 M , at 40 Myr they would have
absolute magnitudes ∼ −5.5 and apparent magnitudes V ∼ 24 mag. Spread out evenly
across the 2.3 kpc diameter of the hole, these stars would produce a surface brightness of
µV ∼ 23 mag.arcsec−2. In either case, these are within the detection limits of my optical
observations (Chapter 5), but are not seen. Some starlight is visible inside the hole but
the V band surface brightness is faint, µV > 24.5. Halving the energy requirement by
adjusting the scale height brings the cluster magnitudes to V ∼ 25 mag, or a surface
brightness brighter than µV = 24.
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Figure 4.17 HI spectrum near the centre of the large hole. The spectrum is a sum over a 15×15 00
area, and has been Hanning-smoothed over three channels. The peak near 370 km.s −1 is the offset
component referred to on page 199.

Such prodigous amounts of energy could also be supplied by infalling clouds, such as those
found in M101 (van der Hulst & Sancisi 1988). As in the case of NGC 6822, any traces of
the interloper directly related to the HI hole are difficult to see. However there is evidence
for infalling HI clouds elsewhere in the galaxy, which is discussed in the next section.
Intriguingly, there is a ‘spur’ of starlight, just discernable in Figures 4.3 and 4.21, that
passes close to the centre of the hole. I return to this structure in Section 5.7.
Another possibility to consider whether what we are seeing is a confluence of a number
of smaller holes, as appears to be the case in the western half of NGC 4214. On the
other hand, the line splitting region has a diameter of ∼ 3000, so the smallest (evacuated)
hole must be at least that large. Also the hole is readily seen in the channel maps (v =
402.7 km.s−1 in Figure 4.5, and neighbouring channels not shown in the Figure), and there
it appears to be a single structure.
Setting aside supershell models, a (transient) resonant structure of some kind cannot be
ruled out. As discussed in Section 4.5.3 the velocity field of the galaxy shows features
consistent with a barred potential. In massive spiral galaxies with bars, spiral arms are
frequently seen trailing from the ends of the bar. The opening angle of the arms varies
widely. In some cases the bar is encircled by a continuous ring of material (Buta &
Combes 1996; de Vaucouleurs et al. 1992). Such may be occurring in NGC 1156, with
some combination of orbital dynamics and viscous processes organising the bulkh of the
h
Here it is important to recall the skirt of low-column density gas shown by the WHISP observations
of NGC 1156; my data are not sensitive to this angular size scale.
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HI into two armlike structures trailing off each end of the bar, each nearly closing on the
other end of the bar.
However it is unclear whether an ‘intrinsic’ model would also be able to explain the outflung
feature shown in the channel maps at low radial velocities (page 184, 302–325 km.s−1 ).
This resembles a tidal arm, which prompts the question of whether this ‘arm’, the apparent
HI hole and the optical bar are all the result of a tidal interaction. I will turn to this in
Section 5.7.

4.8

An infalling gas cloud?

In the eastern half of NGC 1156 there is a large clump of gas with a kinematic structure
that is distinct from the rest of the disk. The nature of the clump is uncertain. In this
section I set out the available data and explore three possible origins.
The clump can be seen in channels near v = 333 km.s−1 in Figure 4.5 and in the ∆δ = +1800
and +3600 position-velocity slices (Figure 4.6). Its centroid is at α=02:59:45.47, δ=25:14:39
(J2000.0), or +3900,+2400 in the coordinates of Figure 4.3. It is resolved even in the lowresolution data, extending over ∼ 20–3000 (700–1000 pc) along PA=0◦ . The cloud exhibits
a differential velocity across its diameter of 38 ± 3 km.s−1 . Figures 4.18 and 4.20 show the
same structure in more detail. It is unclear if the clump is behind and moving toward the
disk, or in front of it and moving away.
I made two estimates of the gas mass in the clumpi . The first was obtained from summing
column densities contained in regions that were interactively marked out on positionvelocity maps, slicing the data in both the RA and Dec directions. This gave an estimated
HI mass of (8 ± 4) × 106 M . For the second estimate I formed a spectrum summed
over the spatial extent of the clump and ascribed the asymmetric component of this to
the clump, and the rest to the gas in normal rotation. This method yielded an HI mass
of 4.2×106 M . Thus the HI mass can be stated as 8 ± 4 × 106 M . For comparison,
the integrated HI mass of the galaxy is 1 × 109 M . The peak HI column density in the
clump is 8.9 × 1020 atom.cm−2. This corresponds to a total atomic gas surface density of
9 M .pc−2 . If that column of gas was contained in uniform density sphere of diameter
950 pc (2500), the number density would be ∼0.7 cm−3 .
The range of velocities within the clump implies a large kinetic energy content. The range
is 38 km.s−1. Adopting a mean velocity with respect to the clump centre of 19 km.s−1,
I estimate the kinetic energy of the clump to be in the range 1–4×1052 ergs. The fluxi
Since the three-dimensional shape of the clump is quite uncertain I have not corrected the column
densities for inclination (as one would for the case of a disk inclined to the line of sight).
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Figure 4.18 Position-velocity cuts through the high-velocity gas cloud in NGC 1156, centered
on α =02:59:45.51, δ =25:14:37.6 (J2000.0). The greyscale runs from −1 to +20 mJy.bm −1; the
contour level is 5σ, 3.5 mJy.bm−1. The slice position angle is shown at the top right of each plot.

weighted mean velocity offset with respect to the disk rotation is ∼ 24 km.s−1. Adopting
this velocity for the entire gas mass gives a kinetic energy of 6×1052 ergs, associated with
the clump’s motion relative to the disk of NGC 1156.
It is possible that the clump is not associated with the galaxy at all, but lies many
kiloparsecs away along the line of sight. The coincidence would then be due to the peculiar
motions of both objects with respect to the Hubble flow, and the velocity range within
the clump could be ascribed to rotation. Assuming the velocity gradient across the clump
is due to solid-body rotation, the total mass implied would be 4 × 107 M . Optical
images show no counterpart at the HI clump centroid (e.g. Figure 4.21), though a lowsurface brightness object could be obscured by NGC 1156. An isolated HI cloud of this
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Figure 4.19 Location of the position-velocity cuts through the HI clump in NGC 1156 (Figure 4.18). The label on each slice marks the end corresponding to positive offsets.

mass is a rather rare occurrence. In the HIPASS bright galaxy catalog (Koribalski et al.
2003, in preparation) the density of such clouds is ∼ 0.1 Mpc−3 .dex−1 , though with large
uncertainties.
However it seems unlikely the two are complete strangers, given the tidal tail on the
eastern side of the NGC 1156 and the unusual convex isovelocity contours encircling the
clump (Figure 4.5, v =302–333 km.s−1). Several Magellanic-type galaxies are known with
HI clouds in close proximity (Wilcots, Lehman, & Miller 1996). If the clump is such a
close companion, it seems likely it will soon be absorbed by NGC 1156. Because of their
projection on the sky, neither the true separation nor the speed of encounter between the
two is known. Here it suffices to note that at a radius of 10 kpc (i.e. beyond the extent of
the HI disk) the escape speed is ∼59 km.s−1, and that the freefall timescale for a uniform
sphere with the same mass as NGC 1156 and radius of 10 kpc is 260 Myr. At this range,
the interaction strength parameter (Dahari 1984)
Q=

(Mc /MG )
(R/RG)3

(4.1)

has a value of 4.4 × 10−3, similar to that observed for some of the galaxies in the sample of
Wilcots et al., all of which show signs of tidal disturbance. (Mc , MG are the total masses
of the clump and galaxy, respectively. RG is the maximum extent of the host galaxy, taken
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Figure 4.20 Position-velocity cuts along PA=0◦ near the high-velocity cloud. The coordinates
are in the system of Figure 4.3. The RA offset is shown on each panel; the synthesised beam is
16 × 1900. Greyscale runs from −0.5 to 15 mJy.bm−1.
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Figure 4.21 Stars associated with the high-velocity gas in NGC 1156. The contours are HI
column density summed over v = 299 to 345 km.s−1, with no spatial masking — i.e. the contours
trace the combined emission from the galaxy disk and the high-velocity clump. The levels drawn
correspond to 1, 2, 4, 6 M .pc−2. The clump centroid is marked with a cross.

to be 10 kpc. R is the separation of the two objects.)
If the clump is only as far above the disk plane as it is from the centre of rotation the
separation is ∼2.8 kpc, still within the galaxy’s halo. In this case, its fate seems assured. In fact there are indications in the data that the clump is currently merging with
NGC 1156, and strongly perturbing the ISM in the process. The impact of a cloud falling
into a galactic disk has been studied in numerical simulations (Tenorio-Tagle et al. 1986;
Santillán et al. 1999). These models indicate the cloud would sweep up gas before it and
produce a one-sided expanding shell of material. The impact trajectory affects the shape
and symmetry of the shell, but naively one would expect to see a central clump marking
the remains of the cloud and a ring of emission at the shell wall.
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The channel maps in Figure 4.5 show a large D-shaped ‘hole’ structure, with the curve
of the D to the east. The dimensions in the 333 km.s−1 channel map are 80 × 10000
(3×3.8 kpc). The HI clump sits near the centre of curvature, and merges with the western
edge of the D, near v = 345 km.s−1. Judging from the position-velocity cuts in Figure 4.20
the clump is moving toward us with a velocity of ∼ 20 km.s−1 relative to the gas in the
D-shaped structure.
The growth dynamics of such a structure will be quite different from those of a bubble
starting from near the midplane. Tenorio-Tagle et al. (1986) find that in collisions where
the impacting cloud is moving perpendicular to the disk plane the cloud creates a cylindrical hole in the disk, the walls of which expand at a constant speed. The expansion speed
is a complex function of the particular gas-dynamical situation but it seems reasonable
to assume it will be no greater than the cloud’s impact velocity. A rough estimate of the
expansion age is therefore ∼ 73 Myr, assuming steady growth at 20 km.s−1. The velocity
dispersion of the gas in the disk implies the structure will be visible for ∼ 200 Myr after
it stalls (but this does not require the structure to be 200 Myr old as we see it currently).
The mass of the clump may be too small compared to the surrounding structure, however.
As noted above, the cloud’s HI mass is ∼ 8 × 106 M . The ring of emission to the
East has a mean surface density near 5 M .pc−2 and if it were distributed in a uniform
column of length 2 × 270 pc, the corresponding number density would be 0.7 atom.cm−2.
Summing the eastern ring and doubling the total to allow for the western part (which is
confused with other, apparently uninvolved gas) the total gas mass of the ring would be
∼ 160 × 106 M . The mass ratio is thus ∼ 20 : 1, so transferring the required momentum
will be difficult, unless the cloud carries more mass than just the HI gas.
Leaving aside the question of total mass, what would the cloud look like if it had plunged
through the disk of NGC 1156? To survive an impact without completely dissociating, the
infalling cloud would need to be of order ten times denser than the disk (Tenorio-Tagle
et al. 1986). Here, however, the densities appear comparable. It may be that the clump
is centrally concentrated, on a scale smaller than the interferometer beam. But since the
core doesn’t contain all the mass, the momentum-transfer problem worsens.
Lastly, I consider whether the clump is being ejected from the galaxy, as part of an HI
supershell. If so, there should be a deficit of HI in the disk near the position of maximum
velocity (the shell centre), and perhaps some exciting starsj. Position velocity slices show
an HI deficiency along some position angles but not others (Figure 4.18). Note however
that the gap in the HI is visible only for the velocity range 360–370 km.s−1 . Looking
carefully at the channel maps, no corresponding rounded hole is visible — instead there
j
Good examples with similar spatial resolution (the LMC viewed with the Parkes 64m telescope) appear
in Figure 11 of Staveley-Smith et al. (2003).

4.8. An infalling gas cloud?

209

Figure 4.22 Second moment of NGC 1156 velocity field (uniform-weight cube, units of km.s −1),
overlaid with Hα contours (2 and 5 erg.cm−2 .s−1).

Figure 4.23
Hα surface brightness distribution relative to the second moment of the
high-resolution data cube. As in Figure 4.13, the greyscale represents number of pixels; the contour
levels are the same. The high values of σ are not due to broad line profiles, but to areas in the
eastern part of the galaxy with two well-separated velocity components.
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are two extended clumps of HI lying along a N-S axis.
In addition, the velocity structure is not a good match to that expected for an expanding
shell. Asymmetric ejection of gas is somewhat unusual, but not unprecedented (e.g. van
der Hulst & Sancisi 1988). Numerical models of supershells show an offset equal to 70%
of the scale height is enough to introduce a high degree of asymmetry in the expansion
(MacLow, McCray, & Norman 1989), though two velocity components are still expected.
A possible ‘counterplume’ can be seen in the pv slices (Figure 4.6, ∆δ=+1800) at the point
where the clump emission coincides with the disk. However, examination of slices taken
along the clump’s velocity gradient (Figure 4.20) shows an offset component in the eastern
slices which, as one takes more westerly slices, transforms into a structure that appears to
be continuous through the disk layer, over the range 310 < v < 400 km.s−1. This velocity
gradient does not match that expected for one side of an expanding shell; there should be
a change in sign of the velocity gradient at the midplane, as the sightline encounters the
opposite hemisphere of the shell.
If we cast these doubts aside and assume the D-shaped structure is an expanding shell,
the energy requirements are interesting. The dimensions in the 333 km.s−1 channel map
are 80 × 10000 (3 kpc × 3.8 kpc). The mean disk surface density is ∼ 8 M .pc−2. If it were
distributed in a uniform column of length 2×(270 pc) the corresponding number density
would be 0.6 atom.cm−2. From these data I estimate an expansion energy of 2 × 1054 erg.
Adopting the same scale height as in Section 4.7 (270 pc) and taking the current expansion
rate as 20 km.s−1 , the standard shell-growth equations imply that the shell of which the
clump forms part is 2 or 3 Myr old.
A population of stars capable of producing hundreds or thousands of supernovae within
a region a few hundred parsecs across should be readily visible, as bright blue clusters
surrounded by Hα emission. The bar of the galaxy is richly studded with such clusters,
but at the location of the HI clump and ‘hole’ there are perhaps a dozen clear examples.
The V magnitudes of the brightest are ∼ 20, which translates to absolute magnitudes
∼ −10. Taking the evolution of the instantaneously-formed model cluster in Figure 3.28
as a guide, at an age of 5 Myr this luminosity corresponds to a cluster mass ∼ 6 × 103 M .
Each of these clusters would have 50–100 stars massive enough to produce supernovae.
So on energetic grounds, this model is adequate. (At younger or older ages than this, the
model cluster is less luminous. In order to match the observed luminosity, one must assume
a larger cluster mass and thus a greater number of supernova-producing stars.) This may
prove to be an embarrasment of riches. If the few clusters noted within the bounds of
the D-shape can produce a fast-moving clump of gas (the Weaver et al. equations give
a speed of ∼220 km.s−1 at breakout), one would expect the wealth of similarly bright
and blue clusters in the bar of the galaxy to produce even more spectacular results. Yet
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there, position-velocity slices do not show strong expansion signatures or high velocity
dispersion. There is also no correlation of Hα emission with regions of high velocity
dispersion (Figures 4.22 and 4.23). Contrast this with NGC 1569, in which it seems clear
(Stil & Israel 2002a) that the ongoing starburst is increasing the velocity dispersion of the
disk gas and producing high-velocity clumps. Interestingly Stil & Israel suggest that some
of the high-velocity HI clumps are actually infalling, even though there is a clearly defined
outflow signature in the ionised gas.
Of the possible origins for the clump I have explored here, none is compelling. Isolated HI
clouds seem too rare. An orbiting HI cloud is perhaps the best candidate. It is tempting
to think the clump is currently being absorbed into NGC 1156, but only circumstantial
evidence is available. More detailed comparisons of the data with velocity fields simulated
from infalling cloud models would be interesting. Ejecting the clump from the disk requires
an energy input from the stellar population which appears feasible, but raises the question
of why only one such clump is seen when there is such a vibrant population of young
clusters along the bar.

4.9

Summary

The HI in NGC 1156 lies in a disk-like distribution, moving in ordered rotation. There
is a tail of emission trailing off toward the east which hints at an interaction in the past.
Assuming this feature is a trailing arm, the northern side of the galaxy is the nearer to
us. The HI flux recovered by the interferometer is 61 ± 2 Jy.km.s−1, about 15% lower
than recent single-dish measurements. The neutral gas mass in the galaxy (H+He) is
1.3 × 109 M .
The optical major axis is misaligned with the major axis of the HI distribution. The
latter is aligned with the kinematic major axis. Simple tilted-ring rotation models fail
to reproduce the details of the velocity field, which is somewhat distorted by HI clouds
not rotating with the bulk of the galaxy. The best kinematic estimate of the mass in
NGC 1156 is 4.1 × 109 M .
The velocity field also shows features reminiscent of those expected in a barred potential,
but simple oval-orbit rotation models are unable to reproduce them convincingly. Nevertheless the velocities measured from Hα and stellar absorptions match those of the HI,
giving a strong indication that the galaxy has a dynamically-important bar.
There appears to be a giant HI hole in NGC 1156, with striking similarities to that in
NGC 6822, though it is not completely evacuated. It is unclear how it was created; simply
applying supershell theory produces implausibly large energy requirements.
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The most conspicuous cloud distorting the velocity field is a clump of neutral gas with HI
mass of 8 ± 4 × 106 M . It is moving toward us at ∼ 20 km.s−1 compared with the rest
of the galaxy. It is unclear whether it is merely superposed along the line of sight, falling
into the galaxy, or ejected from the disk by vigorous star formation.

Chapter 5

Stellar Populations in NGC 1156
5.1

Introduction

This chapter presents a detailed analysis of the optical structures and stellar populations
in NGC 1156. From surface photometry, I quantify the optical disk scale length and
photometric axis ratios. With colour maps, I isolate young and old stellar populations.
From spectra of the HII regions I estimate the abundance of oxygen and constrain its
variation. The spectra also show strong absorption lines across much of the galaxy. From
the absorption lines and colour data I attempt to deduce the mean age of the stellar
population.
Other workers have analysed observations similar to those reported here. Elmegreen &
Salzer (1999) present B−I colour maps, and magnitudes & colours for some of the clusters.
Larsen & Richtler (1999) measured a more comprehensive set of cluster colours. Roye &
Hunter (2000) studied the radial distribution of the HII regions as part of a large sample
of Irregulars. Surface photometry in the B, V, and R bands is presented by Barazza,
Binggeli, & Prugniel (2001). The O/H abundance has been measured by Talent (1980),
and more recently by Hunter & Hoffman (1999). The present work confirms and spatially
extends these results. Ho, Filippenko, & Sargent (1995) obtained longslit spectra with the
5m Hale telescope as part of a search for dwarf Seyferts. They claim to detect Wolf-Rayet
stars in the ‘nucleus’ of the galaxy. Hunter et al. (2002) present velocity dispersions
measured from the absorption lines of the stellar population within the bright bar. The
mid-infrared properties of the galaxy, as revealed by the ISO satellite, are described by
Hunter et al. (2001).
213

214

5.2
5.2.1

Chapter 5. Stellar Populations in NGC 1156

Observations
JHKL photometry

The infrared observations were made by S. Kenyon and M. Gomez on 1991 October 30
to November 4, with the SQIIDa on the KPNO 1.3m telescope. The SQIID records
simultaneous JHKL images of 5.40 × 5.40 fields on four 256 × 256 platinum silicide arrays;
the image scale was 1.392 arcsec.pixel−1 . On each night a sequence of five frames was
taken, moving the field centre by 4000 in right ascension and declination between frames.
The images were processed by subtracting dark frames, dividing by appropriately normalized flatfields, and then subtracting flattened sky frames. The dark frames are averages of
30 individual dark images acquired at the beginning and end of each night. The flatfield
for each filter was the median-filtered image constructed from 120 frames having integration times of 120 sec obtained throughout each night. Sky frames were generated from a
median-filtered set of 25 flattened frames in each filter.
Standard stars in the CIT system (Elias et al. 1982) were observed roughly every 1.5 hr
on each night and the photometric calibration determined independently for each night.
The nights were photometric and the calibration changed little (∼ 2%) from night to
night. For each filter a final object frame was produced by mosiacing the frames together.
The galaxy was not detected at L. Airmass corrections were not made for each night
individually, but a K magnitude shift of 0.03 mag was applied to the combined data. The
uncertainty introduced by this method were less than 0.03 mag in all cases. The airmass
coefficients were determined (over χ = 1.1–2.22) to be χK = 0.10 ± 0.02, χH−K ≤ 0.03 and
χJ−K ≤ 0.05.airmass−1. The calibration coefficients I adopted for the combined frames are
given in Table 5.3.
Calibrated JHKs images are also now available from the 2MASS surveyb . The typical
exposure length of the survey material is 7.8 sec (Jarrett et al. 2000).

5.2.2

Optical Images

I obtained short-exposure optical images of NGC 1156 on 1991 October 4 on the FLWO
1.2m telescope at Mt. Hopkins, Arizona. The observing conditions were photometric. The
filters employed on this run were a nonstandard set based around the ‘Harris’ prescription
for broad-band Johnson UBVRI filters (Figure 5.2). Long-exposure optical images were
obtained on 1992 November 23 and 24 by B. McLean with a Ford Aerospace/Loral 2048 ×
a
b

Simultaneous Quad Infrared Imaging Device; Ellis et al (1992).
http://www.ipac.caltech.edu/2mass
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Instr.
CCD

Date
1991.10.04

SQIID
CCD

1992.10.30–11.4
1992.11.23

1992.11.24

Table 5.1

Filter
U
B
V
R
I
J,H,K
U
B
V
R,I
U
B
V
R,I

Exposure
300, 2 × 1000, 1500s
100, 2 × 800s
3 × 40s
2 × 7, 10, 35s
3 × 10, 20s
25×120s
1500s
800s
600s
2× 300s
1500s
800s
600s
300s

Optical and Infared Observations.

2048 CCD, on the same telescope. To reduce read noise the chip was binned (2 × 2)
to give images of 1024 × 1024 pixels, with a scale of 0.651 arcsec.pixel−1. New filters
were employed on this run, made with glass mixtures recommended by Bessell (1991) as
appropriate for Johnson/Cousins photometry with a CCD. Conditions on these nights
were not photometric; thin cirrus clouds passed overhead occasionally.
The images were processed in the usual manner using IRAF; overscan regions were used
to subtract the bias pedestal, dome flats were used to flatfield the images and twilight sky
exposures to correct for differences in the illumination of the chip between the flat patch
and the sky. The U data needed a large degree of illumination correction (∼ 20%) at the
edges of the frame. This was caused by the light leak noted in Chapter 3. Fortunately,
at the galaxy position the correction was small and does not contribute any significant
systematic uncertainty. After applying the illumination correction the the relative U
magnitudes of the field stars agreed with the 1991 October magnitudes to within 0.05
mag. The illumination corrections to the other filters (estimated from the ratio of a dome
and twilight sky flat) were all under 1% and were not applied. Cosmic rays were removed
by hand, with the imedit task within IRAF.
The processed images were registered by determining the image scale and rotation from
eleven Guide Star Catalog stars in the field of view, shifting the images to a common
centre, then derotating and rebinning the images so they would be at the same scale and
orientation as the SQIID data. The rebinning was done by finding the ratio of the optical
to IR image scales and then finding the smallest integer pair which gave the same ratio, to
within an error that corresponded to less than one pixel over the entire image. The optical
images were then block-replicated and block-averaged by the appropriate integer values,
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yeilding optical images with the same image scale, centre and orientation as the infrared
images. This reblocking scheme was necessary to avoid the additional noise and loss of flux
that resulted when attempting to rescale and reorient the image by interpolative means.
Such also occurred in the derotation step, but I judged it better to interpolate only when
essential. The images were later block-summed further, which provides some insulation
from interpolation errors.

Calibration
The short-exposure images were calibrated in the usual way. I measured the standard
stars with an aperture of 20 pixels (1300) radius, which was sufficient to include all the
light from the point spread function. Using a program written by B. Schmidt I determined
zeropoint, airmass and first-order colour terms for each filter. These are given in Table 5.3.
The calibrated field star magnitudes are listed in Table 5.2.
The deep optical images from which the measurements were obtained with different filter
passbands to the data taken under photometric conditions. Unfortunately, the colourcalibration procedure of Chapter 3 cannot be applied since it relies on the non-photometric
and photometric-night frames being observed with in the same natural system. Instead,
the stars in the galaxy field were used to calibrate both the zeropoints and the optical
colours. First the mean offset between the magnitudes of the stars in the summed deep
images and those in Table 5.2 was determined, for each filter. These zeropoints were
applied to the deep-image magnitudes and colours were computed. These colours were
plotted against the Johnson-system colours to determine the transformation required. A
simple linear fit was adopted for all but the V−R colour, for which the colour range of
the field stars was too small (compared to the observational scatter) to give a reliable
calibration. The coefficients appear in Tables 5.3 and 5.4. The statistical uncertainty of
this method is estimated to be 0.1m in colour. The slopes in the colour-calibration relations
(excepting B−R) are close to 1.0, which implies any systematic error is small.
As a final check I had the filter transmissions measured, so the passbands could be compared. The measurements were kindly done by Ed Carder at the Kitt Peak National
Observatory in Tucson, and the results appear in Figure 5.2. They show that the filter
passbands are reasonably well matched, except for R. The differences in the I passband
are mitigated by the falling detector response. At B, there is a significant difference in
throughput that may account for the rather large colour term determined for the 1991
observations.
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Ident.
s19
s18
s20
s17
s16
s15
s14
s13
s12
s11
s10
s9
s25
s8
s24
s7
s6
s23
s5
s4
s22
s2
s21
s3
s1

RA(2000)
2 59 22.05
2 59 22.22
2 59 23.49
2 59 23.72
2 59 24.98
2 59 28.30
2 59 28.94
2 59 29.49
2 59 30.74
2 59 32.39
2 59 38.50
2 59 38.84
2 59 41.66
2 59 45.74
2 59 48.03
2 59 51.21
2 59 55.99
2 59 59.49
2 59 59.56
3 0 1.58
3 0 1.94
3 0 3.80
3 0 5.77
3 0 6.42
3 0 6.91

Dec(2000)
25 18 8.6
25 17 22.3
25 10 34.0
25 16 12.9
25 15 16.0
25 10 34.0
25 12 32.0
25 14 48.4
25 14 0.5
25 14 32.7
25 11 8.6
25 18 11.8
25 13 21.8
25 12 10.8
25 10 32.7
25 11 20.7
25 12 58.2
25 11 32.1
25 13 53.4
25 14 35.5
25 12 1.8
25 16 56.5
25 11 41.3
25 14 36.7
25 17 35.3

U
13.386 0.000
13.067 0.000
16.438 0.010
17.843 0.000
16.931 0.017
14.823 0.017
16.826 0.034
16.202 0.017
17.844 0.101
15.033 0.006
14.464 0.010
14.521 0.011
17.673 0.058
17.396 0.071
17.199 0.080
13.599 0.009
13.712 0.013
17.111 0.033
16.830 0.017
16.988 0.036

B
13.178 0.006
13.438 0.006
16.181 0.006
11.805 0.000
16.839 0.011
14.304 0.000
16.774 0.008
15.900 0.009
17.406 0.009
14.391 0.000
14.383 0.000
14.452 0.000
18.915 0.084
16.773 0.015
18.032 0.032
17.155 0.019
17.043 0.027
18.385 0.000
13.323 0.000
13.595 0.000
17.639 0.000
16.387 0.000
18.199 0.000
16.320 0.000
17.086 0.000

V

11.046
16.025
13.336
16.099
15.097
16.438
13.382
13.636
13.733
18.143
15.640
17.041
16.348
16.270
17.260
12.517
12.881
16.668
15.392
17.174
15.398
16.447

0.000
0.060
0.005
0.019
0.009
0.032
0.000
0.004
0.002
0.169
0.017
0.061
0.008
0.029
0.014
0.001
0.001
0.042
0.013
0.035
0.009
0.048

RC
10.602 0.001
11.539 0.003
15.232 0.072
10.584 0.001
15.477 0.148
12.765 0.008
15.509 0.058
14.574 0.019
15.943 0.117
12.802 0.004
13.164 0.010
13.302 0.015
18.115 0.418
14.959 0.041
16.481 0.174
15.881 0.126
15.920 0.128
16.703 0.318
12.023 0.005
12.424 0.004
16.107 0.122
14.748 0.007
16.309 0.153
14.901 0.070
15.889 0.189

IC
13.178 0.006
11.186 0.003
14.832 0.070
15.060
12.259
15.136
14.084
15.285
12.268
12.712
12.876
17.448
14.357
16.137
15.385
15.223
15.944
11.552
11.958
15.631
14.189
15.951
14.319
15.638

0.068
0.043
0.075
0.048
0.040
0.035
0.042
0.041
0.145
0.050
0.562
0.095
0.066
0.128
0.003
0.040
0.113
0.043
0.122
0.047
0.155

Table 5.2 NGC 1156 photometric sequence. Values are missing where the star saturated the
detector or was too faint to measure reliably.

Filter
U
B
V
R
I
J
H
K
U
B
V
R
I

Zeropoint

Airmass
Colour term
1991 October 04
−5.99 ± 0.01
−0.50 ± 0.01
(+0.13 ± 0.01) (U-B)
−3.99 ± 0.01
−0.24 ± 0.01
(+0.22 ± 0.02) (B-V)
−3.92 ± 0.01 −0.185 ± 0.003 (+0.017 ± 0.010) (B-V)
−4.02 ± 0.01 −0.122 ± 0.005
(+0.16 ± 0.02) (V-R)
−4.238 ± 0.005 −0.100 ± 0.003
(−0.01 ± 0.01) (V-I)
1991 October 30 – November 4
−4.225 ± 0.02
-0.03
−4.575 ± 0.02
-0.03
−5.615 ± 0.01 −0.10 ± 0.02
-0.03
1992 November 23 & 24
−6.13±0.03
−4.35±0.02
−4.15±0.02
−3.96±0.02
−4.38±0.02

r.m.s.
0.0?
0.0?
0.0?
0.0?
0.0?
??
??
??

Table 5.3 Photometric calibration coefficients. The r.m.s. values shown are the formal r.m.s.
scatter around the fit. The uncertainties on the 1991 optical coefficents were estimated from their
variation when solving with different subsets of stars. The uncertainty in the 1992 zeropoints is
the standard error of the mean.
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Figure 5.1

Numbering scheme for stars in field of NGC 1156.

Colour
U–B
B–V
B–R
V–I

slope
1.14 ± 0.01
1.07 ± 0.01
1.18 ± 0.02
0.90 ± 0.01

offset
−0.04 ± 0.03
−0.08 ± 0.03
−0.26 ± 0.03
+0.13 ± 0.04

Table 5.4 Fits of instrumental colour against true colour, after zeropoints and extinction have
been applied. The fits are done in the sense (U-B) = (u-b)*slope + offset. Uncertainties were
estimated by refitting with individual stars edited out and noting the variation in the fitted parameters.
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Figure 5.2 Comparison of the Bessell-prescription filter passbands used in 1992 (solid line)
with those used in the 1991 (dashed) observing runs. Note the rather strong differences at R. The
dot-dash line in the I filter panel is the quantum efficiency curve for a Ford Aerospace/Loral CCD
similar to that used in 1992; the responsivity of the chip used in 1991 was similar.
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Hα Imaging

Images of the Hα emission in NGC 1156 were obtained by R. Grashuis on 1993 Jan 26–28
at the 0.6m Capilla Peak telescope, using a RCA 320×512 CCD with an image scale of
0.657 arcsec.pixel−1. The gain of the chip was set to was 15.6 electron.adu−1 and the
read noise was 56 electron.pixel−1. Line and continuum filters with 75Å FWHM were
employed, centered at 6570 and 6650Å, respectively. To remove continuum from the Hα
image, the line image was convolved with a gaussian so the FWHMs of field stars were
matched in the line and continuum images. (There was a mismatch because the filters
had different thicknesses, and there were small variations in seein and/or focus between
exposures, resulting in slightly different point spread functions). Then the continuum
image intensities were scaled so that the magnitudes of stars in the two frames were
identical.
Conditions were not photometric and the data are uncalibrated. Hunter, Hawley, & Gallagher (1993) publish an Hα luminosity for NGC 1156 of 2.8 × 1040 erg.s−1 , equivalent to
a flux of 2.5 × 10−12 erg.cm−2 .s−1 at the Earth. I adopted this value to convert the image
counts per second to flux.

5.2.4

Long Slit Spectra

I obtained long slit spectra of NGC 1156 with the MMT Red Channel spectrograph on
1991 October 3 and November 5. On both occasions a slit of 1.500 × 18000 was used, in 100
seeing. The detector was a TI 800×800 CCD, rebinned to 400×400 for lower read noise.
For improved sensitivity an ultraviolet preflash of 150 adu was used. To maximise spectral
coverage (3700–5100Å), the dewar was to be rotated by 45◦, so the dispersion direction
ran from corner to corner of the CCD rather than along the columns or rows. In the final
spectra the dispersion was 2.29Å.pixel−1 and the spectral resolution 6.3 Å FWHM.
Observations were made with the slit at the same position angle with respect to the
galaxy at all times. This resulted in some loss of blue light due to atmospheric dispersion
(Filipenko 1982), but this was always < 10% at 3700Å (relative to 5100Å). One spectrum
was taken per spatial location. Cosmic rays strikes were edited out interactively during
the reductions.
I took some care to obtain accurate slit positions. The MMT is able to make precise offsets
of up to a few degrees, so an SAO star (no. 75679) near NGC 1156 was used as an anchor
point for the telecope coordinate system. The slit positions were referred to this star so
that spectra across multiple nights would be on the same coordinate system.

5.2. Observations
Figure 5.3 Hα-emitting regions in NGC 1156. left: Hα emission as greyscale and contours The scale units are erg.s −1 .cm−2, and the contour is
drawn at 2 × 10−16erg.s−1 .cm−2. right: V-band image and the same Hα contours.
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The images were processed by first removing the overscan region and bias pedestal. To
ensure accurate removal of the preflash pattern, a median of a stack of ∼ 20 bias frames
was constructed. After subtracting the preflash pattern the images were rotated by 45◦
so that the dispersion direction was parallel to the column number axis of the image, and
a rectangular section covering roughly 3700–5100Å was cut out. The flat lamp exposures
were combined and fitted by a low-order polynomial along the wavelength direction. The
remaining relative variations from pixel to pixel were used as a flatfield. Twilight sky
exposures were used to determine how the intensity of illumination varied along the slit,
by summing sections of the sky spectrum in wavelength and then fitting a polynomial of
order 10 or so along the slit direction. The resulting illumination correction image was
applied to the data frames.

Figure 5.4 Observed long-slit positions in NGC 1156, superposed on the B-band image. Each
solid line marks an extracted region within a long slit. The subslits have been tilted slightly
with respect to the true orientation, to make their extent clearer. The long slit was 1.5 00 wide,
considerably broader than the lines shown here.
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Frame Object
Aperture
22 N1156-1

25

26

28

30

34

1
2
3
4
N1156-1
2
1
3
4
5
9
7
N1156-2
8
2
1
3
4
7
6
5
N1156-3
6
5
3
4
1
2
N1156-4
1
5
2
3
4
7
6
N1156-5
1
3
2
4

RA
DEC
Eff.
PA Exp
UT
(J2000.0)
Airmass (◦ ) (s) (middle)
Low
High
Peak
(00)
(00)
(00)
2:59:41.87 25:14:10.19
1.087 -51.5 600 07:48:14
7.09
10.85
8.76
-1.67
4.59
1.25
-5.84
-2.09
-4.17
-11.68
-7.93 -10.01
2:59:41.84 25:14:10.60
1.060 -51.5 1800 08:16:19
12.93
15.85
14.18
7.09
10.01
8.34
-1.25
1.67
0.00
-5.42
-2.50
-4.17
-12.10
-8.34 -10.43
-19.61
-16.69 -18.36
-26.70
-23.78 -25.45
2:59:41.69 25:14:07.30
1.024 -51.5 900 08:43:07
23.78
27.53
25.45
17.52
21.28
19.19
6.68
10.43
8.34
-6.68
0.00
-3.34
-12.10
-8.34 -10.43
-19.61
-15.85 -17.94
-27.12
-25.03 -26.28
-30.87
-27.95 -29.62
2:59:42.07 25:13:48.69
1.011 -51.5 1800 09:13:45
27.12
29.20
27.95
23.36
27.12
25.03
16.69
20.44
18.36
15.44
19.19
17.10
8.76
12.52
10.43
-2.92
0.83
-1.25
2:59:41.59 25:13:43.07
1.007 -51.5 1800 09:51:55
15.02
18.77
16.69
20.44
22.53
21.28
10.43
13.35
11.68
-0.42
3.34
1.25
-7.51
-3.75
-5.84
-18.36
-16.27 -17.52
-20.86
-18.77 -20.03
2:59:41.58 25:13:39.37
1.040 -51.5 900 10:38:37
17.94
21.69
19.61
14.18
16.27
15.02
12.10
14.18
12.93
5.42
9.18
7.09
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Frame Object

RA
DEC
Eff.
PA Exp
UT
(J2000.0)
Airmass (◦ ) (s) (middle)
Aperture
Low
High
Peak
(00)
(00)
(00)
5
-16.69
-12.10 -14.60
36 N1156-6 2:59:42.76 25:14:09.15
1.074 -51.5 1800 11:12:34
6
23.36
25.45
24.20
5
19.61
21.69
20.44
4
16.27
18.36
17.10
3
12.10
14.18
12.93
1
5.84
10.43
7.93
2
-11.26
-7.51
-9.60
38 N1156-7 2:59:43.32 25:14:23.18
1.149 -51.5 1800 11:51:07
4
16.69
20.44
18.36
3
12.10
18.36
15.02
1
6.26
10.01
7.93
5
3.75
5.84
4.59
6
-0.42
3.34
1.25
7
-24.61
-8.34 -16.69
2
-30.87
-27.12 -29.20
Table 5.5 : Long-slit observations of NGC 1156 on 1991 Oct 5.

Wavelength calibration was done by a two-dimensional transformation. For the spectral
dimension, positions of the calibration lamp lines were measured every 10 rows along the
slit, and for the spatial dimension the spectra of bright stars were traced in wavelength, to
measure distortions along the slit direction (due to atmospheric dispersion, for example).
This information was used to calculate a transformation that when applied to the data
frames would leave the spectra with the dispersion direction precisely aligned along the image x-axis and the slit or spatial direction perpendicular to the x-axis. The transformation
also rebinned the spectra in wavelength, producing images with a constant dispersion.
Standard star spectra were used to determine atmospheric extinction and the flux calibration. Across the spectral range, the relative fluxes are correct to within 5%. A comparison
of calibrated spectra of the same star taken at different times during the night showed
variations in the absolute calibration of <20 %.
Once the data had been rectified, the HII region spectra were extracted. Aperture definition was tricky because the emission lines are spatially extended. I used the HII region
stellar continuum as the principal means of setting the aperture centre, and where the
emission of adjacent HII regions overlapped, the aperture edge was set at the point along
the slit between the two regions where the emission lines were at their minimum.
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Frame Object
Aperture
68 N1156-8
5
4
2
3
1
6
7
81 N1156-9
8
7
6
5
4
3
2
1
84 N1156-10
8
6
7
5
4
2
1
12
101 N1156-11
1
2
4
3
108 N1156-12
1
6
2
5
3
111 N1156-13
1
7
2
3
4
5
6
8
Table 5.6

RA
DEC
Eff.
PA Exp
UT
(J2000.0)
Airmass (◦ ) (s) (middle)
Low
High
Peak
(00)
(00)
(00)
2:59:41.95 25:14:14.94
1.177 -51.5 2400 05:28:16
21.69
25.45
23.36
9.18
14.60
11.68
3.75
8.34
5.84
0.00
2.92
1.25
-5.01
-0.42
-2.92
-11.68
-6.26
-9.18
-22.95
-17.52 -20.44
2:59:42.65 25:14:15.86
1.010 -51.5 3600 07:37:54
6.68
14.60
10.43
0.00
7.93
3.75
-4.17
-0.42
-2.50
-5.42
4.17
-0.83
-7.93
-4.17
-6.26
-26.28
-22.53 -24.61
-30.46
-26.70 -28.79
-38.80
-33.38 -36.30
2:59:42.55 25:14:23.66
1.023 -51.5 1800 08:32:56
11.26
15.85
13.35
5.01
10.43
7.51
9.60
13.35
11.26
-1.25
3.34
0.83
-5.84
-2.09
-4.17
-31.71
-27.95 -30.04
-36.30
-32.54 -34.63
-42.97
-40.05 -41.72
2:59:42.95 25:14:33.06
1.119 -51.5 1800 09:43:35
-5.84
-2.09
-4.17
-0.42
3.34
1.25
0.83
7.93
4.17
3.34
10.43
6.68
2:59:44.22 25:14:25.08
1.273 -51.5 2000 10:39:34
-7.51
-0.42
-4.17
8.76
16.69
12.52
17.10
20.86
18.77
21.69
29.62
25.45
32.12
39.22
35.46
2:59:40.91 25:14:04.65
1.520 -51.5 2400 11:32:49
-25.45
-20.03 -22.95
-17.94
-13.35 -15.85
-13.35
-9.60 -11.68
-8.76
-5.84
-7.51
-5.84
-2.92
-4.59
-2.50
0.42
-1.25
1.25
5.01
2.92
7.51
18.77
12.93

Long-slit observations of NGC 1156 on 1991 Nov 3.
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Before measuring the line strengths, the night sky emission must be removed. For extended
objects, this is often done by interpolating the continuum emission on either side of the HII
region and subtracting, leaving just the emission lines. However the galaxy emission varies
rapidly along the slit and is difficult to interpolate accurately. In addition the presence of
extended emission lines means that those wavelengths must be excluded when interpolating
along the slit to get the stellar continuum of the HII region of interest. Furthermore, the
spectra show strong, resolved Balmer absorptions and excluding those wavelengths when
interpolating the continuum will lead to oversubtraction at the wavelengths of the Balmer
lines. During the run I took some blank-field spectra. I used these to remove the night sky
lines from the galaxy spectra, iteratively scaling and subtracting until the correct scaling
factor was found. Figure 5.4 shows the position of the slits on the sky.
After extraction and sky-subtraction I applied the flux calibration and measured the fluxes
of detected emission lines using interactive gaussian fitting, in the iraf task splot. The
major uncertainty in the emission-line fluxes was in the interactive placement of the continuum level; for each line measured, I made several fits using different continuum placements
to ascertain the plausible range of fluxes. The quoted uncertainties cover this range. To
check the validity of the method I repeated the measurements some weeks later; the second
set of measurements all fell within the error range established from the first set of fits.
In the case of the Balmer lines, the measurements were complicated by the underlying
stellar absorptions. The stellar absorptions are resolved, but there is no unique decomposition for the case of an absorption and emission line at the same wavelength, with similar
FWHM. In these cases a lower limit to the emission line flux is obtained by assuming that
the absorption line profile is flat underneath the emission line, between the points where
the emission and absorption lines merge. Where one of the lines is much stronger, an
upper bound can also be derived because the fit converges more easily. The uncertainties
in the Balmer-line fluxes reflect these limits.

5.3

Extinction towards and within NGC 1156

NGC 1156 lies at galactic latitude b = −29◦ , and is subject to significant foreground
extinction (AV = 0.744, E(B−V)=0.233; Schlegel, Finkbeiner, & Davis 1998). Before
analysing the colour distribution in this galaxy, the possible effects of variable foreground
extinction across the face of the galaxy need to be considered. The extinction data I
have available are Balmer emission line ratios from the longslit spectra, the IRAS -based
estimates from Schlegel et al. and constraints obtained from the HI maps of Chapter 4 by
making assumptions about the dust/gas ratio.
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For all my extracted spectra with measurable Hγ emission, I calculated the ratio I(Hγ)/I(Hβ)
and compared it to the value expected for Case B recombination (Osterbrock 1989). The
line ratios are plotted in Figure 5.5. To obtain the reddening intrinsic to NGC 1156, I
corrected the ratios for a foreground reddening of E(B−V)=0.233 and used the tabulation of absorption vs. wavelength given by Schild (1977). In the brightest HII regions,
the continuum was smooth and the reddening measurements should be accurate. Where
there were underlying Balmer absorptions the uncertainty in the decrements became quite
large, so when the decrement was consistent within the (1σ) errors with the Milky Way
foreground alone, I adopted that value. Even so, the simultaneous fits described in Section 5.2.4 could underestimate both the absorption and emission at Hγ, giving rise to
spuriously large extinctions. This appears to have happened in two or three cases. The
largest (credible) extinction estimate corresponds to E(B−V) = 1.2±0.1 mag.
The Balmer decrements I obtain are almost all consistent with the foreground extinction
estimate of Schlegel et al., plus some extinction within NGC 1156. But given the large
foreground column one wonders whether there could be significant variations across the
galaxy, leading to incorrect estimates of internal extinction. Figure 5.6 shows the field
around the galaxy as viewed by IRAS ; there is a large variation in 100 µm brightness,
indicating variable extinction on scales of tens of arcminutes. Along an east-west slice
passing through the location of NGC 1156 the 100 µm intensity varies by a almost factor
of two. But the IRAS maps have a resolution of ∼2 arcminutes, so the variations in
Figure 5.6 give us little real information on the size of the fluctuations at 10-arcsecond
scales. At high Galactic latitude the fluctuations’ amplitude can be well represented by
a power-law structure function (e.g. Gautier et al. 1992, Schlegel et al.); this may also
be a valid description at arcsecond scales. Schlegel et al. find the fluctuations of dust
emission are well approximated by a power lawc (amplitude2 ∝ Pk ∝ k−2.5 , where k is the
wavenumber in deg−1 ). Over a region 300 in diameter around NGC 1156 their extinction
map shows r.m.s. fluctuations of ∼0.04 mag. Assuming the power-law decline of the
fluctuations continues to smaller scales, one expects fluctuations ∼ 15 times smaller over
a scale of 30. Thoraval, Boissé, & Duvert (1999) studied four galaxies at low Galactic
latitude (partially obscured by foreground gas clouds) and found that the variation of
extinction is small, less than 5% at scale of 400 AU, and under 10% at scales of 4000 AU.
Given these findings it seems unlikely that variable foreground extinction will significantly
affect the results in the following sections.
The extinction estimates above are only for the HII regions, which are known to have
higher extinctions than the surrounding stellar populations (Calzetti, Kinney, & StorchiBergmann 1994; Calzetti 1997). It is possible to use the HI data to infer that differential
c
The absolute amplitude varies from field to field, but the slope of the power spectrum is extremely
consistent.
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log(Hj9)

Figure 5.5 Extinction measurements in NGC 1156. The dashed lines show the expected ra
tio of H7/H /3 for Case B recombination, reddened by Galactic foreground extinction. The upper
line corresponds to recombination at an electron temperature of 20,000 K, the lower to 10,000 K.
The intrinsic ratios (0.474, 0.467) have been reddened assuming A^=0.744 and using the wave
length-dependent extinction tabulated by Schild (1977).
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Figure 5.6
IRAS images of the field around NGC 1156. The galaxy lies at the centre oi
the field, marked by a circle (10 arcmin diameter). To show the variation across the field mor<
clearly, different intensity ranges are used in each panel. The greyscale range and the observatior
wavelength are shown at top right.
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extinction across the galaxy is relatively unimportant. With knowledge of the dust/gas
ratio and its range of variation, one could constrain the extinction in other parts of the
galaxy using a map of the HI column density. In this case, the lack of resolution in the
HI and IRAS data makes useful limits on the variation of extinction impossible to obtain.
The best that can be done is to consider the mean dust/gas ratio and gas column density.
From the IRAS fluxes Lisenfeld & Ferrara (1998) find a total dust mass of 1.9D2 ×103 M
(D = distance to the galaxy in Mpc), and an average dust/gas mass ratio of 2.2×10−4.
Lisenfeld & Ferrara note that their method may be underestimate the true total dust mass,
by a factor of order 30. Nonetheless the dust/gas ratio that they compute for the SMC
(6.5 × 10−5), is close to a recent, high-quality measurement by Stanimirovic et al. (2000)
who obtain 8.2 × 10−5. Given the column density and dust/gas ratio, the absorption can
be estimated by rearranging equation (11) of Stanimirovic et al.:
AV

MHI
=
NHI md 1.086 π a2 Qext
V
MD
= 1.56 × 10−23 NHI




(5.1)
(5.2)

where the first term is the gas/dust ratio, NHI the HI column density in atom.cm−2,
md the mass of a dust particle (1×10−17 kg), a the diameter of the particles (10−7 m)
and Qext
V the absorption efficiency, here taken to be 1.0. The maximum column density
in the high-resolution maps of NGC 1156 is ∼ 6 × 1021 atom.cm−2, corresponding to an
AV of 0.09. This implies there should be almost no effects of differential extinction to
worry about, even if the dust/gas ratio should change from place to place by factors of
a few, as observed in the SMC by Stanimirovic et al.. One caveat is that the calculation
above is highly sensitive to particle size, which is known to vary from galaxy to galaxy.
Changing a would obviously change md (assuming the same composition for the dust),
but in addition would change the optical absorption properties (represented by Qext
V ) and
the IR emissivity, which in turn affects the mean MHI /MD .

5.4
5.4.1

Optical-Infrared structure and colour distribution
Integrated colours

I obtained integrated colours for NGC 1156 with the iraf package apphot. I summed the
light within a series of concentric circular apertures, out to a radius of 10000. The brightest
part of the galaxy is not at the centre of the outer isophotes, so the apertures were centred
arbitrarily on α = 02:59:41.8, δ = +25:14:12 (J2000.0), corresponding to the geometric
centre of the bright ‘bar’ in the galaxy. The sky background was estimated in an annulus
extending from a radius of 12000 to 14000. The three bright field stars were edited out with
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the task imedit; each was replaced with parabolically-interpolated background values, the
interpolation being done over an annular region large enough to avoid the wings of the
stellar images.
Within a radius R < 5000, the U−B and B−V colours agree well (within a scatter of
0.1 mag) with multiaperture photoelectric data from the RC3 (de Vaucouleurs et al. 1992).
Outside this radius, the U−B colour appears to redden, but this seems to be an artifact
of the residual fluctuations in the sky level biasing the sky estimate. Small downward
adjustments (< 0.5σ) of the sky level were able to bring the colours into agreement. The
larger error bars on these points serve as a reminder of this uncertainty; they were obtained
by differencing the magnitudes obtained using two different sky values at the limits of the
plausible range and taking half the difference. The U−B colours of the bright parts of the
galaxy are unaffected by this. The agreement with the RC3 shows that the calibration
procedure seems to have worked adequately.
At the appropriate radius, the infrared colours in Figure 5.8 agree with those given by
2MASS after transformation to the CIT system (Carpenter 2001). Hunter & Gallagher
(1985) have also published CIT-system infrared magnitudes of NGC 1156 (measured with
an aperture of radius 11.500). They obtain the same H−K colour, but they find J−H to be
0.07 mag redder than my observations.
Filter
U
B
V
R
I
J
H
K

µ(0)
Slope
Scale Length
−2
−1
mag.arcsec
(arcsec.mag )
(pc)
20.41±0.14
15.8±1.0
597±38
20.86±0.02
20.6±0.8
779±30
20.28±0.03
20.9±0.7
790±26
19.75±0.03
19.8±0.7
749±26
19.32±0.06
21.1±1.0
798±38
18.50±0.08
19.2±0.9
726±34
18.09±0.01
30.0±0.4
1134±15
17.60±0.10
18.2±1.0
688±38

Total
(mag)
12.4±0.3
12.3±0.1
11.7±0.1
11.2±0.1
10.7±0.2
10.1±0.2
8.7±0.1
10.1±0.2

Table 5.7 Photometric scale lengths and surface brightnesses for NGC 1156. The distance is
assumed to be 7.8 Mpc; errors are taken as the difference between the results of error-weighted
and unweighted fits. The slope was fitted over the range 1300 < r < 10000 for the UBVRI filters,
r < 6000 for JHK. The H filter scale length is an artifact of an incorrect sky value. No correction
for foreground extinction has been applied.

5.4.2

Surface Photometry

The radial surface brightness profile of NGC 1156 was measured in each bandpass, using
the galphot package written by M. Franx. I used the program to measure average
intensities in concentric fixed elliptical annuli, with the annuli oriented along PA=37◦ . As
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Figure 5.7 Optical aperture photometry of NGC 1156. Solid points: current work (with field
stars edited out); open squares: data from the RC3. For most points, the uncertainty from poisson
statistics is smaller than the diameter of the plotted point. See page 230 for an explanation of the
large U−B error bars.
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Figure 5.8 JHK aperture photometry of NGC 1156. Solid points: current work (with field stars
edited out). The error bars indicate only the poisson errors. Open squares: results from Hunter &
Gallagher (1985), and the 2MASS online database, transformed to the CIT system. Schlegel et.al
(1998) extinction corrections have been applied.

with the IRAF task ELLIPSE, GALPHOT rejects strongly deviating pixels, and one may also
mask out regions affected by bad pixels or field stars.
I fitted the brightness profiles with a simple exponential:
7 = / 0e x p ^ - ^ j

(5.3)

where req is the equivalent radius defined in Chapter 3 (page 115) and h is the disk scale
length. In the optical passbands a break in the surface brightness is observed at about
r = 30" (Figure 5.10), but otherwise the surface brightnesses can be well fit by a simple
exponential profile.
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To assess the effect of the choice of aperture axis ratio on the scale length, the measurements were repeated with aperture eccentricities between 0.0 and 0.5 (Table 5.7). For
the BVRIJ filters the derived slopes change between ∼20 arcsec.mag−1 when e = 0 and
∼28 arcsec.mag−1 when e = 0.5. In the plausible range e = 0.3 .. 0.5, the fitted slope
ranges over 25 ± 2.5 arcsec.mag−1, thus the uncertainty in scale length is ∼ 10%. For the
final measurements I adopted e = 0.4. The slope in the U filter is significantly steeper, as
might be expected if the U light is dominated by the (relatively sparse) HII-regions. The
fitted slope for the H filter is 50% larger than the other bands. This appears to be caused
by residual flatfielding errors biasing the sky estimation algorithm, causing it to return
to too low a value. From the profile fits, the integrated magnitudes are J=10.1 ± 0.2,
H=8.7 ± 0.04, K=9.3 ± 0.2. Forcing the H scale length to be the same as the J band
produces an integrated magnitude of 9.5.
Figure 5.9 shows the radial variation of colours computed from the surface brightness
profiles. The strong variations in U−B probably arise from the distribution of the HII
regions, which complicate the brightness profile: while all the profiles show some fluctuations about a simple exponential, they are strongest in the U and B bands. The reddening
beyond semimajor axis distance a = 8000 is probably an artifact of nondetection in the U
frame. Curiously, the V−I, B−R colours show a slight blueing beyond a = 3000. I have not
been able to ascertain the cause of this but after inspection of the two-dimensional colour
maps (Section 5.4.3) I suspect it to be a product of a redder population at intermediate a.
Barazza, Binggeli, & Prugniel (2001) show a rather different B−R profile, which reddens
overall. It is unclear whether these results differ significantly as they provide no error
bars for the colour profile, and use a completely different method of calibration (surface
photometry of well-studied extended galaxies).
The V image on page 239 (and the B image on page 182) shows the bright part of the
bar is offset from the centre of the outermost isophotes. Also, there is no trace of the
isophotes’ position angle turning to align with the long axis of the HI distribution. This
is also visible in the slightly deeper images presented by Larsen & Richtler (1999) and
Elmegreen & Salzer (1999).
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Figure 5.9 NGC 1156 surface photometry colour profiles. The surface brightnesses are average
values in ellipses of eccentricity e = 0.4, with the major axis aligned along PA=37 ◦ . The circles
and crosses are slightly different fits to the same images; see page 233 for details.
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Figure 5.10 Surface photometry of NGC 1156. The surface brightness was fitted in a series of concentric ellipses fixed at eccentricity=0.4, and
PA=37◦ ; the error bars in the lower panels give some idea of how good a match these assumptions are. The dashed line is an unweighted fit to
the points in the range 20 < Req < 10000.
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Figure 5.11 Shape parameters for NGC 1156, computed for the same fits as shown in Figure 5.10. Since the ellipse parameters were fixed these
parameters are dominated by the mismatch between the chosen ellipses and the isophote shape.
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Figure 5.12 (top:) J, H and K images of NGC 1156, taken with the KPNO 1.3m telescope.
(above:) Surface photometry of NGC 1156. The surface brightness was fitted in a series of concentric ellipses fixed at eccentricity=0.4, and PA=37◦; the error bars in the lower panels give some
idea of how good a match these assumptions are. The dashed line is an unweighted fit to the points
in the range 20 < Req < 6000.
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Colour Maps

To examine the two-dimensional distribution of the stellar population, I aligned the deep
images and computed colours in every pixel. The alignment was done as in Chapter 3, using
the B-band image as a reference. For each image I computed the S/N ratio at every pixel,
the noise being taken as the quadrature sum of poisson noise in the object and the r.m.s.
variation of the sky pixels (measured at the edge of the image). Pixels fainter than three
times this noise level were masked out. This implies that the pixels in the colour map have a
maximum uncertainty of ∼0.5 mag. Over most of the image the uncertainty is much lower
than this, and likely to be dominated by systematic calibration uncertainties (≤ 0.1 mag).
From the non-masked pixels the colour was computed by subtracting the appropriate sky
level, applying the zeropoints from Table 5.3 and correcting the instrumental colours with
the relations in Table 5.4. The resulting maps appear in Figure 5.13.
In the U−B colour, coverage is limited to the bright part of the bar; the distribution of
blue regions in this colour map closely follows that of the Hα emission. The B−V and V−I
colour maps show the bright part of the bar is significantly bluer than the outer regions
of the disk, and in both colours the NE edge of the disk appears to be even bluer. Both
maps also show two patches of particularly red light, near (+15, −1500) and (−25, +2000).
These can also be seen in the B−I image of Elmegreen & Salzer. The brightest cluster in
the galaxy stands out clearly as a relatively red patch in the V−I colour map. No feature
can be seen corresponding to the ‘spur’ feature noted in Chapter 4.

5.5

HII-region abundances

The only direct oxygen abundance estimate for NGC 1156 in the literature is that of
Talent (1980). Hunter & Hoffman (1999) have recently provided indirect estimates. Here I
estimate the abundance of oxygen in NGC 1156 from my observations, using both methods.

5.5.1

Direct abundance estimates

In 7 of the extracted spectra, the [O iii] 4363Å line is detected with enough S/N that
the electron temperature can be estimated, which in turn allows a direct estimate of the
oxygen abundance. The basis of the method is to estimate the electron temperature (by
comparing the emission from two metastable states of differing energy) to deduce the
rate of excitation. Then, given the observed intensity and the coefficients for radiative
deexcitation, the number of emitting ions can be calculated.
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Figure 5.13 V-band and colour images of NGC 1156. Pixels with s/n less than 3 have been masked out. Owing to limited choices of colour
table, the bluer colours are shown as red. (top left:)V, in magnitude.arcsec−2 . (top right:) U–B, in magnitudes. (above left:) B–V. (above right:)
V–I.
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The observed intensity is also controlled by density — at high enough density, the oxygen
ions can be deexcited by collision, rather than emitting a photon. However this appears
not to be a significant effect in NGC 1156. The spectra presented here do not have
enough resolution to resolve the density-sensitive [O ii] 3727,3729Å doublet, so I adopted
ne = 100 cm−3 for all regions. To explore the effect of density on the final abundances,
I repeated the abundance calculations for ne = 1, 10 and 1000 cm−3 . No significant
differences in O/H were observed until ne =1000, at which the abundance increased only
0.04 dex relative to ne =10. Hunter & Hoffman (1999) do resolve the [O ii] doublet in
some of the HII regions and find the ratio consistent with ne =0.
I calculated the electron temperature in the zone where O++ exists (Te(O++ )), using the
line ratio [O iii] 4959+5007 / [O iii] 4363 (Osterbrock 1989). The singly-ionized oxygen
atoms in an HII region will generally lie at larger radii than in the O++ ions, and the
temperature there may be significantly different. I estimated the electron temperature in
the O+ zone using the approximation that Pagel et al. (1992) derived from the detailed
HII region models of Stasinska (1990),
Te (O+ ) =

2 × 104
0.8 +

104
Te (O ++ )

.

(5.4)

This relation is not the only possible way to estimate Te (O+ ), and this assumption about
the temperature structure of the HII regions will have an effect on the derived abundances
(Garnett 1992; Oey & Shields 2000). Adopting the (LMC-specific) scheme of Oey &
Shields produced slightly lower values for T(O+ ), which increased the calculated log(O/H)
by ∼0.05-0.10 dex.
Using the fluxes of [O iii], [O ii] 3727+3279 and Hβ, a constant density ne =100 cm−3
and the two-zone model for the ion temperatures, I computed the abundance of the O+
and O++ ions with the five-level atom code of de Robertis, Dufour, & Hunt (1987) which
has been made available in the iraf package stsdas.analysis.nebular (Shaw & Dufour
1994). The oxygen abundance is then calculated as
O
O++
O+
.
= ++
H
H
H+

(5.5)

This equation leaves out any contribution from neutral oxygen atoms, but in practice this
is a small error for HII regions hot enough to show measurable [O iii] 4363 — less than
5% (Kobulnicky & Skillman 1996). It also leaves out O3+ and O4+ , which can form a
significant fraction of the oxygen atoms in hot HII regions. I have also ignored these ions,
since the spectra show only weak lines from the recombination of He+ (He i 4471Å), and
even weaker signs of He++ (He ii 4686Å). It thus seems unlikely that the ionizing spectrum
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is hard enough to produce a population of highly-ionized oxygen atoms that would change
the abundance estimates significantly.
Spect.
22.0001
25.0001
26.0001
28.0002
30.0001
30.0003
108.0001

O
[O ii] [O iii] [O iii] [O iii]
Hβ
T (O ++ )
log( O
H ) log( H )
3727Å 4363Å 4959Å 5007Å 4861Å
K
(ind.)
528.132 8.907 336.099 1019.221 228.250 11044± 400 -3.75±0.05 −3.66
515.671 8.780 271.771 734.587 198.450 12200± 200 -3.90±0.02 −3.59
270.348 2.962 78.217 238.786 83.685 12517± 400 -3.95±0.05 −3.60
111.022 0.780 24.346
75.921 28.520 11704±3000 -3.83±0.20 −3.81
444.829 3.258 113.689 338.617 110.950 11394± 400 -3.76±0.04 −3.66
162.797 1.083 45.117 135.014 39.770 10725± 700 -3.66±0.08 −3.67
434.083 3.573 74.796 237.003 89.665 13567± 700 -3.95±0.15 −3.61

Table 5.8 Emission-line fluxes, and the resulting O ++ temperature and Oxygen abundance,
assuming an electron density ne = 100 cm−3 . Indirect abundances (Table 5.9) appear in the last
column.

The median abundance from the 7 direct measurements is log(O/H) = −3.89 and the
range is from −3.99 up to −3.69 (assuming a solar value of −3.07, Anders & Grevesse
1989). The random uncertainty in the calculated abundance is largely determined by that
of the [O iii] 4363Å flux; for these bright HII regions, the other line fluxes were measured
to a precision of a few percent. Therefore I took the uncertainty in the oxygen abundance
to be the range of O/H obtained by varying the 4363Å flux over its quoted uncertainty
range. The observed range of log(O/H) is a few times larger than these errors, but whether
the dispersion is real is an open question because there may be a larger systematic bias to
consider, arising from the uncertainty of the temperature in the O+ zone. The source of
doubt is the oxygen line ratios, which are significantly different to those of ‘normal’ HII
regions; this points to differences in the nebular structure compared with that assumed in
Equation 5.4.
Figure 5.14 shows the nature of the difference. The locus of normal HII regions, such
as those discussed by Baldwin, Phillips, & Terlevich (1981), appears as the dashed line
while the solid points with error bars denote the line ratios measured in NGC 1156. Even
allowing for a scatter of 0.3–0.5 dex, there is a clear offset. This phenomenon has been
seen before in Irregulars (Hunter 1984; Martin 1997), and the open symbols show the
location of the objects discussed in those papers. Note that the NGC 1156 points are not
the most extreme — there are a few open symbols with even larger [O ii]/[O iii] values,
that Martin identifies with diffuse interstellar gas (DIG) emission.
Martin’s study of the DIG revealed a smooth spatial sequence in line ratio that was most
simply explained as a smooth sequence in ionization parameter
U=

Q
4π R2s n c

(5.6)
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(where Rs is the Strömgren radius, n the number density, c the speed of light and Q
the luminosity of the Hydrogen-ionizing continuum, expressed in photons), though shock
excitation may play a role in some objects. The physical picture she arrived at was that
UV photons ‘leak’ from the concentrated regions of star formation, in which hot (UVtransparent) gas takes up a larger fraction of the volume and the filling factor of the
warm (UV-)ionized medium is correspondingly lower. Because the UV photons travel
farther from the source, the mean ionizing parameter U (averaged over the extraction
aperture, weighted by the surface brightness) is lower than in normal HII regions. With a
specially-computed grid of HII region models she showed that a heavily diluted UV field
could explain much of the range in the [O ii]/[O iii] ratio. The [O iii]/Hβ ratio varies
somewhat with oxygen abundance ([O ii]/[O iii] hardly changes) but it is not monotonic
with (O/H): gas emitting a spectrum with a large value in both ratios must have an
additional source of excitation. The dotted line in Figure 5.14 shows the locus of lowvelocity shocks (90 < v < 130 km.s−1) calculated for a shock propagating into undisturbed,
solar-abundance gas of density 10 cm−3 (Shull & McKee 1979). This model may not
be completely appropriate in NGC 1156 as any shocks would probably be caused by
supernovae and the gas would be bathed in a strong ionizing field from young stars,
but it shows the direction in which shock emission would displace the line ratios. Later
calculations (Dopita & Sutherland 1995) are in qualitative agreement as long as there is gas
in front of the shock which can absorb some of the UV light coming from the discontinuity
and thus emit a ‘precursor’ spectrum.
Figure 5.14 shows two of Martin’s ‘dilution sequences’, adapted from her Figure 7. The
50,000 K model is good match to the 7 bright HII-regions, which is encouraging as they
were calculated for log(O/H) = −3.77, close to the middle of the abundance range derived
above. This means that HII-region models using about the same abundance as found here,
but allowing for the dilution effect described above, can explain the (unusual) observed
emission line ratios. However it does not guarantee that other combinations of abundance
and nebular geometry would not match the observations just as well. This requires comparison to a wider range of models and testing the predictions of those models against a
wider range of emission lines, which is beyond the scope of the present work.

5.5.2

Indirect abundance estimates

Where the [O iii] 4363Å line could not be measured, I attempted to compute abundances
using the method of McGaugh (1991). This employs the R23 abundance diagnostic of
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Figure 5.15 Abundance estimates for NGC 1156, based on the empirical R23 calibration (see page 246). (left:) Abundance calculated using
the low-abundance branch formula of McGaugh. The solid lines are loci of constant ionization parameter, U . For clarity, only the horizontal error
bars are shown. (centre:) Abundances calculated assuming the high-abundance formula applies. (right:) Distribution of the data in the parameter
space of McGaugh’s formulae (note that log(O32) = log([O iii]/[O ii]) ). The solid lines are loci of constant U , for abundances in the range 0.01
to 3.0 times the solar value.
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Spect.
22.0001
25.0001
25.0002
25.0005
26.0001
26.0005
26.0006
28.0001
28.0002
28.0003
28.0004
28.0005
28.0006
30.0001
30.0002
30.0003
30.0005
30.0006
34.0001
34.0005
36.0001
36.0002
36.0003
36.0006
38.0002
38.0007
68.0001
68.0002
68.0003
68.0004
68.0005
81.0001
81.0002
81.0003
81.0009
84.0001
84.0002
101.0003
101.0004
101.0007
108.0001
108.0003
108.0008
111.0001
111.0003
111.0004
111.0005
111.0006
111.0007

Hγ/Hβ

E(B−V )

0.366±0.004
0.401±0.007
0.385±0.001
0.400±0.141
0.402±0.004
0.474±0.039
0.500±0.289
0.364±0.009
0.362±0.020
0.322±0.056
0.365±0.044
0.531±0.101
0.265±0.014
0.428±0.005
0.279±0.011
0.440±0.016
0.399±0.007
0.808±0.343
0.441±0.024
0.306±0.077
0.465±0.073
0.598±0.298
0.550±0.146
0.528±0.400
0.466±0.030
0.500±0.047
0.448±0.033
0.287±0.024
0.387±0.083
0.395±0.045
0.441±0.001
0.423±0.064
0.474±0.026
0.504±0.027
0.418±0.040
0.436±0.008
0.511±0.016
0.269±0.035
0.397±0.200
0.409±0.096
0.461±0.011
0.450±0.011
0.457±0.010
0.468±0.018
0.410±0.047
0.346±0.069
0.375±0.121
0.476±0.016
0.459±0.047

0.678±0.029
0.433±0.050
0.541±0.004
0.000±0.000
0.424±0.025
0.000±0.000
0.000±0.000
0.690±0.065
0.703±0.150
1.018±0.471
0.681±0.325
0.000±0.000
1.533±0.141
0.255±0.029
1.400±0.110
0.182±0.095
0.445±0.045
0.000±0.000
0.175±0.145
1.156±0.685
0.000±0.000
0.000±0.000
0.000±0.000
0.000±0.000
0.000±0.000
0.000±0.000
0.000±0.000
1.325±0.224
0.524±0.578
0.472±0.304
0.177±0.005
0.000±0.000
0.000±0.000
0.000±0.000
0.322±0.256
0.209±0.050
0.000±0.000
1.501±0.352
0.000±0.000
0.000±0.000
0.000±0.000
0.124±0.066
0.084±0.061
0.000±0.000
0.374±0.309
0.823±0.543
0.000±0.000
0.000±0.000
0.000±0.000

Table 5.9

[O ii]
Hβ
4.13±0.03
3.81±0.04
6.03±0.03
9.50±1.67
4.70±0.06
3.88±0.41
4.34±0.52
8.29±0.11
7.09±0.10
18.97±0.35
13.47±0.74
5.80±0.22
28.00±2.44
5.09±0.06
16.93±0.67
4.88±0.07
6.67±0.09
6.81±0.64
4.83±0.18
7.07±1.11
4.74±0.07
7.96±0.58
5.83±0.10
4.76±1.48
5.31±0.17
5.21±0.44
4.65±0.09
21.57±0.72
10.27±0.87
7.19±0.84
5.60±0.02
3.25±0.06
5.13±0.54
4.99±0.27
8.72±0.31
4.71±0.17
3.91±0.16
27.56±3.76
6.30±0.12
6.14±0.75
4.88±0.12
5.36±0.17
5.45±1.36
4.04±0.22
9.80±0.08
13.82±0.40
6.86±0.93
5.75±0.26
7.16±0.20

[O iii]
Hβ
5.53±0.08
4.84±0.08
4.22±0.08
5.66±0.67
3.62±0.10
2.74±0.29
3.98±0.57
1.69±0.04
3.27±0.09
1.87±0.19
2.10±0.25
2.09±0.12
2.35±0.18
3.96±0.08
2.58±0.08
4.43±0.10
2.21±0.05
1.54±0.24
2.73±0.12
4.02±0.57
4.92±0.07
1.20±0.11
2.69±0.09
1.30±0.49
4.98±0.22
4.79±0.36
3.85±0.09
2.69±0.16
2.21±0.21
2.44±0.29
2.44±0.05
3.07±0.16
6.07±1.06
3.28±0.64
2.13±0.20
3.67±0.09
4.51±0.24
1.50±0.24
1.85±0.25
2.43±0.32
3.50±0.12
2.82±0.11
3.49±0.89
3.51±0.18
2.25±0.06
1.77±0.19
1.98±0.26
2.58±0.11
1.99±0.06

[O ii]
)
[O iii]
-0.13±0.01
-0.10±0.00
0.16±0.01
0.22±0.05
0.11±0.01
0.15±0.06
0.04±0.04
0.69±0.01
0.34±0.01
1.01±0.04
0.81±0.05
0.44±0.02
1.08±0.03
0.11±0.01
0.82±0.02
0.04±0.01
0.48±0.01
0.65±0.05
0.25±0.01
0.25±0.02
-0.02±0.01
0.82±0.03
0.34±0.02
0.56±0.04
0.03±0.02
0.04±0.02
0.08±0.01
0.90±0.01
0.67±0.02
0.47±0.01
0.36±0.01
0.02±0.02
-0.07±0.07
0.18±0.06
0.61±0.03
0.11±0.01
-0.06±0.01
1.26±0.02
0.53±0.06
0.40±0.01
0.14±0.02
0.28±0.01
0.19±0.17
0.06±0.01
0.64±0.01
0.89±0.05
0.54±0.02
0.35±0.01
0.56±0.01

log(

log(R23) log( O )
H
0.98±0.01 -3.66
0.94±0.01 -3.59
1.01±0.00 -3.76
1.18±0.06 -4.13
0.92±0.01 -3.60
0.82±0.04 -3.46
0.92±0.05 -3.59
1.00±0.01 -3.85
1.02±0.01 -3.81
1.32±0.01 -4.81
1.19±0.03 -4.35
0.90±0.02 -3.62
1.48±0.04 -5.48
0.96±0.01 -3.66
1.29±0.02 -4.64
0.97±0.01 -3.67
0.95±0.01 -3.71
0.92±0.04 -3.69
0.88±0.02 -3.56
1.05±0.06 -3.85
0.98±0.01 -3.68
0.96±0.03 -3.80
0.93±0.01 -3.66
0.78±0.12 -3.46
1.01±0.02 -3.74
1.00±0.03 -3.72
0.93±0.01 -3.61
1.39±0.02 -5.01
1.10±0.04 -4.06
0.98±0.05 -3.78
0.91±0.00 -3.62
0.80±0.01 -3.42
1.05±0.06 -3.78
0.92±0.05 -3.61
1.04±0.02 -3.91
0.92±0.01 -3.60
0.93±0.02 -3.58
1.46±0.06 -5.50
0.91±0.02 -3.66
0.93±0.05 -3.67
0.92±0.01 -3.61
0.91±0.01 -3.62
0.95±0.10 -3.67
0.88±0.02 -3.53
1.08±0.00 -4.02
1.19±0.02 -4.38
0.95±0.05 -3.72
0.92±0.02 -3.64
0.96±0.01 -3.75

Fluxes and diagnostic line ratios for NGC 1156.
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Pagel et al. (1979),
R23 =

[O ii] 3727 + 3729 [O iii] 4949 + 5007
+
,
Hβ
Hβ

(5.7)

allowing for differences in excitation through the ratio O32 = ([O iii] 4959+5007) /
([O ii] 3727+3729). McGaugh used a grid of HII-region models to estimate abundances
from these two parameters but has since fitted analytic formulae to the grid, to enable
straightforward calculations. They appear in Kobulnicky, Kennicutt, & Pizagno (1999):
12 + log(O/H) = 12 − 4.944 + 0.767x + 0.602x2
−y × (0.29 + 0.332x − 0.331x2)

at low O/H, or

12 + log(O/H) = 12 − 2.939 − 0.200x − 0.2370x2 − 0.305x3 − 0.0283x4
−y × (0.0047 − 0.0221x − 0.102x2 − 0.0817x3 − 0.00717x4)
where x = log(R23) and y = log(O32). The double-valued nature of the R23 calibration
hampers abundance estimates, but if the degeneracy can be broken with a direct measurement based on the temperature of the oxygen ions or using [N ii]/[O ii] line ratios
(Dopita et al. 2000), the formulae above can produce reasonably accurate values.
This method fails for NGC 1156, firstly because the large [O ii] line strengths push the R23
parameter beyond the range the (pure-photoionization) models can cover (Figure 5.15).
In addition the direct determinations place the mean oxygen abundance right at the cusp
of the R23 curve
To sum up, the direct abundance estimates I was able to make are consistent with log(O/H)
d
= −3.9+0.1
−0.2 , which is in good agreement with Talent’s value of −3.77. The scatter of
abundance within the galaxy is poorly constrained, largely because there are few regions
for which I can measure ionic temperatures. Other factors that complicate the discussion
are that the HII regions’ excitation structure apparently differs from those in spirals and
that the line ratios may be contaminated by a component of shock emission, though
these concerns are not unique to NGC 1156. Not knowing the electron density in the
measured regions contributes < 0.04 dex to the plausible range, while uncertainty about
T(O+ ) contributes at least 0.05 dex. Customised modelling of the HII regions (along with
additional line ratios to constrain the models) is required for further progress.

d
His thesis was not available to me so I rely on Vigroux, Stasinska, & Comte (1987), who did not quote
uncertainties.
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Mapping mean population age

In this section I consider what the observations just described are able to tell us about
the age of the stellar population in NGC 1156. I start with the distribution of pixels in
colour-colour space and move on to spectroscopic indices derived for some of the bright
regions in the galaxy.

5.6.1

Colour-colour data

Figure 5.16 shows the region that NGC 1156 occupies in colour-colour space. As in
Chapter 3 I have applied a S/N cutoff (0.2 mag in each colour) and experimented with
rebinning the data in order to reach fainter surface brightness levels. Spatial averaging
changes the shape of the distribution by narrowing it in the B−V coordinate and reducing
the number of pixels with extremely blue colours, but the location of the peak density
changes little. In the plot of the rebinned data the S/N cut was not adjusted, so some
spatial regions not included in the lefthand plots appear in the right panels of Figure 5.16.
As shown by Figure 5.17 these are mainly at the outer edge of the distribution, where the
U−B colours become unreliable. The S/N of the present data set is sufficient to probe the
bright bar of the galaxy, and some outlying HII regions, but is too poor to study the faint
outer regions.

Comparison to fiducial populations
Figure 5.18 compares the bar population with the integrated colours of other galaxies.
Like NGC 4214, the galaxy is quite blue compared with the general galaxy population.
The locus of pixels has a slightly different shape to that of NGC 4214, in particular the
curvature of the ridgeline of the distribution (compare, for example, Figures 5.21 and 3.25).
The distribution is also extended more symmetrically about the mode. Another difference
is that NGC 4214 has a large fraction of its area with B−V ≥ 0.5, while NGC 1156 has
almost no pixels in this region. This is only partly a product of different surface brightness
cutoffs in the two datasets. The U−B, B−V plot for NGC 1156 is limited by the U-band
sensitivity to regions with µV ≤ 21.0, while the B−V, V−I plot reaches µV ≤ 21.5. These
bright limits could restrict the colour-colour diagrams to regions of current or very recent
star formation. In NGC 4214, these cutoffs are 1–2 magnitudes fainter, so more regions
with older (fainter and redder) stars will be above the threshold. I made a sequence of
UBV colour-colour plots of NGC 4214 selecting pixels at sucessively brighter µV , from
µV < 25 to 21. The distribution narrows and moves to bluer B−V by ∼0.1 mag but
NGC 1156 is bluer still, by ∼ 0.1 mag B−V (at fixed U−B).
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(B -V )0

(B -V )0

(v-ic)0

(v-ic)0

Figure 5.16 Effects of spatial averaging on the pixel colour-colour distribution. The greyscale
and contours indicate number of pixels in each colour bin. Contours are drawn for n = 1 , 2, 5 x 10x;
they are black for x = 0 and white for a; > 0. The maximum (random) uncertainty in colour is
shown by the cross at lower left. At upper right, the tick mark on the reddening vector shows
the amount of Galactic foreground reddening, taken from Schlegel et al. (1998), and assuming
Rv = 3.1. The arrow shows the effect of A y = 1 under a different extinction law, that given by
Cardelli et al. (1989). (top left:) UBV points with a colour error < 0.2 mag, no binning. (top
right:) UBV binned 4 x 4 , colour error < 0.2 mag. The extra pixels at red U—B colours are from
the outermost reaches of the galaxy; see Figure 5.17. (above left:) BVI points with a colour error
< 0.2 mag, no binning. (above right:) BVI binned 4 x 4 , colour error < 0.2 mag.
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Figure 5.17 Spatial distribution of colour subsets. Figure annotations are as in Figure 5.16. (top
left:) No binning. (top right:) Spatial distribution of the colour-selected pixels: a=blue, b=green,
c=yellow, d=red, x = black. (above right:) The same plots as the top row, but for the 4 × 4
rebinning. The scale of both right hand plots is the same; the field of view is 26000 × 31200.
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(B —V)0

(B —V)0

Figure 5.18 UBV colour distribution (no binning) in NGC 1156, compared to some fiducial
populations, left: The locus of galaxy colours defined by Huchra (1977) (dashed line) and the
colours of other Irregular galaxies, taken from Hunter, Gallagher and Rautenkrantz (1982) (aster
isks). right: The solid line marks the locus of main sequence stars, while the dotted line marks
the giant-branch stars. The stars mark the colours of LMC globular clusters, from van den Bergh
(1981), and the asterisks are the Milky-Way globular cluster data compiled by Harris (1996).

( b —v ) 0

(v -y 0

Figure 5.19
UBV and BVI colour distributions in NGC 1156, compared to the colours of
individual bright clusters (green circles) determined by Larsen and Richtler (1999), and individual
stars (black trace).
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Figure 5.20 Colour distribution of the Hα-emitting regions in NGC 1156. From left to right,
the pixels have been selected on the basis of Hα emission below, above and five times above the
adopted limiting surface brightness for HII regions. Note that the lower cutoff is twice that used
for NGC 4214.

Figure 5.19 compares the colour-colour distribution with Milky Way and LMC star clusters. All pixels above the S/N cut are significantly bluer than any Milky Way globular
cluster, in U−B at fixed B−V, and vice versa. As noted above, this is likely to be a selection effect. The pixels are generally redder in B−V than the LMC cluster population, but
cover a similar range in U−B. This indicates that almost all the plotted pixels have significant contribution from a redder underlying population. Background-subtracted colours of
individual clusters presented by Larsen & Richtler (1999) are closer to the LMC clusters
(Figure 5.19), but still generally not as blue in B−V.
Selecting pixels on their Hα brightness (Figure 5.20) gives a clear separation in colour
space. In the regime of weak emission the density peak in the colour-colour plot is much
the same whether there is Hα emission or not, but the tail changes completely. The
distinction is much clearer than in NGC 4214. As before, the pixels emitting most strongly
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in Hα form a clump at the extreme blue end of the distribution, but there is a significant
contribution to the observed colours from either the underlying population, or ionised gas
emission (c.f. Figure 3.24).

Comparison to population models
The pixel colour distribution is not well modelled by instantaneous burst nor by constant
star formation scenarios for star formation history. Figure 5.21 shows the pixel colours
and cluster colours compared against the same instantaneous burst models as in Chapter 3
(see page 146 and ff). Once again the models lie to the blue side of the pixel distribution,
with brief coincidences during the red supergiant loop (∼10-30 Myr). Continuous star
formation models with fixed metallicity also fail, never becoming red enough in U−B until
star formation stops (Figure 5.22). The pegase (continuous formation) model comes much
closer, because as the metallicity grows past LMC values, the contribution from giant stars
becomes strongly redder. The colours of the peak in the colourspace distribution come
into agreement at ages > 3 Gyr (with better agreement for the models that include ionised
gas emission).
As might be expected, better agreement is obtained with mixed-population models where
the light of a single-age burst population is diluted by an underlying older, redder population. The figures on page 254 show the effects for two burst populations — one with
very low metallicity and the other with LMC metallicity. The LMC metallicity is close to
the measured value for NGC 1156. By mixing these burst populations with light from an
old, metal-poor population, it is possible to span the subspace in the plot covered by the
data points. For the old population colours I took the average of old Milky Way globular
clusters with metallicity near that of the LMC (U−B=0.4, B−V=0.9).
The mixture models in Figure 5.23 require only a few percent of the mass in a spatial
pixel to be young stars. This is constrained by the extrema of the observed colours, but
depends on the colours adopted for the background population. The observed distribution
of colours requires that over most of the sampled region, the young component must be less
than 50 Myr. Here the constraints are the location of the peak density in the colour-colour
space, and the symmetric shape of the peak. At a single epoch, each burst populates a
small section of the colour-colour plane (e.g. Figures 3.31, 3.32). In general, several bursts
of different ages and intensities will be required to reproduce the complete distribution.
The position of the distribution peak is significant in this regard — the rate of movement
of a pixel in the colour-colour plot slows as the population ages, so one expects the density
peak to be near the colours of the oldest, reddest stellar population. In NGC 1156 the
distribution is roughly symmetric about the peak, rather than skewed with a tail toward
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(B -V )0

Figure 5.21 UBV colour distribution (no binning) in NGC 1156, compared to instantaneous
burst population models, left: KFF models, for solar metallicity (red trace), Z=0.008 {green)
and Z=0.0001 (cyan), t = 1.25 x 107 to 10 x 109 yr, in logarithmic steps. The green circles are
the cluster colours of Larsen and Richtler (1999). right: Starburst99 models, for solar metallicity
(red trace), Z=0.008 (green) and their lowest-metallicity model, Z=0.001 (cyan), t — 1 x 106 to
1 x 109 yr in linear steps.

(B -V )0

(B -V )0

Figure 5.22 UBV colour distribution (no binning) in NGC 1156, compared to continuous star
formation models, left: PEGASE models, which evolve from zero to twice-solar metallicity over
2 x 109 yr, in roughly logarithmic time steps. Then star formation stops and the population
reddens, rapidly, (red trace:) the colours of the stars alone, (green:) The same population,
including the effects of ionized-gas emission, right: Starburst99 models, for solar metallicity (red
trace), Z=0.008 (green) and their lowest-metallicity model, Z=0.001 (cyan), t = 1 x 106 to 1 x 109 yr
in linear steps.

254

Chapter 5. Stellar Populations in NGC 1156

younger colours. This implies a contribution from an older population (or perhaps an
extended period of star formation, Figure 3.31). Interestingly, in Figure 5.17 the pixels
falling on the red side of the mode (the region labelled d in the Figure) show up clearly as
a contiguous region in the northeast of the bar. The colours of these pixels are inconsistent
with them being reddened pixels having the same intrinsic colours as those near the density
peak. The curvature of the distribution is interesting, too. It is significantly different from
NGC 4214, and the shape is quite well matched by the ‘fading’ side of the loop described
by models in which the burst continues for ∼ 107yr (Figure 5.24).
One caveat upon these conclusions is that the surface brightness limit of the data (µV ≤ 21)
could artificially change the location of the distribution peak, by excluding regions that
fade below the limit (e.g. Figure 3.32). But it is difficult to ascribe the difference in the
distribution shape entirely to this cause; the surface photometry reaches deeper levels
(µV ≤ 24) and shows that NGC 1156 does not become much redder (particularly in B−V)
at the lower surface brightness isophotes.
There is one component of the light in each pixel that has not yet been considered —
emission from gas ionised by the young stellar population. This can substantially change
the colours of individual pixels, and might explain the mismatch in the position of the
density peak in the colour-colour plane. The broadband colours of the emission line

Figure 5.23 UBV colour distribution (no binning) in NGC 1156, compared to burst+background
models, where the old metal-poor population has colours ( (B−V )0 =0.9, (U−B)0 =0.4). left: The
pure SB99 z=0.001 model (cyan), and mixtures (purple) scaled so that 10% and 0.4% of the light
at 1000 Myr comes from the burst population. right: SB99 z=0.008 model (green) and mixtures
(purple) scaled so that 10% and 0.4% of the light at 1000 Myr comes from the burst population.
The black or blue dots mark the following times during the evolution — 1, 5, 10, 50, 100 and
500 Myr.

5.6. Mapping mean population age
Figure 5.24 UBV colour distribution in NGC 1156, compared to burst+background models, where the burst continues for a few Myr (right to
left: 0, 1, 5, 10, 20 Myr). The base model is a SB99 z=0.008 model (green). Two different mixtures are shown; (top row:) 5% of the mass at
1000 Myr contributed by the burst population, and (above) 1%. The black or blue dots mark the following times during the evolution — 1, 5, 10,
50, 100 and 500 Myr.
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spectrum depend strongly on metallicity and somewhat on the excitation conditionse, but
roughly the colours of gas ionized in an HII region (line + gas continuum) can be taken to
be B−V∼ +0.4, U−B < −0.8. This contribution pulls the colours in the right direction,
but it requires a substantial amount of diffuse ionised gas. Detailed modelling, beyond
the scope of this work, is required to determine how large a mass of gas is needed and if
it could plausibly be powered by the stellar population.

5.6.2

Spectroscopic index data

The spectra described in Section 5.2.4 sample not only the HII regions, they are also
sufficiently deep to reveal the stellar population in NGC 1156, and how it varies across
the face of the galaxy. Figure 5.25 shows some of the variation. The HII regions generally
show featureless blue-sloping continua, but one (region 30.1 in Table 5.2.4) exhibits the
broad 4686Å emission feature characteristic of WR stars (Sargent & Filippenko 1991).
The high-surface brightness bar of the galaxy shows clear Balmer absorption over most of
its area, the [O ii] 3727 line is visible over almost all of the bar as well. Several clusters
of stars show strong absoprtion lines and only a trace of line emission. At the edges of
the bar a flat, almost featureless continuum is present and traces of diffuse ionised gas
persist. The colours in the region of spectrum shown in Figure 5.25 (aperture 26.2) are
(U−B)0 = −0.55, (B−V)0 = 0.35, (V−I)0 = 0.75, each with uncertainty ∼0.1 mag. These
coordinates are close to the density peak in the UBV and BVI colour space plots.
In principle it should be possible to compare these spectra with model populations, and
determine relative ages. Unfortunately a number of practical problems militate against
this. The most serious challange is to separate nebular emission and stellar absorptions,
as discussed in Section 5.5. Where emission lines dominate, estimating ages from the
equivalent width of Hβ or [O iii] (Stasinska & Leitherer 1996) is undermined by strong and
variable Hβ absorption, and this also renders indeterminate the strength of the continuum
arising from the ionizing stars alone; this distinction is critical for reliable ages (Rola,
Terlevich, & Terlevich 1997; Raimann et al. 2000). Where nebular emission lines are weak,
and thus unlikely to contaminate absorption-line equivalent widths, the only measurably
strong stellar absorption features are the Balmer lines, Ca ii and in some cases the G-band.
The equivalent widths of Hγ and Hδ have some age discrimination power (Bica & Alloin
1986b; Bica & Alloin 1986a; Santos et al. 1995; González Delgado, Leitherer, & Heckman
1999b) but it is difficult to calibrate these against models since few current population
synthesis codes output synthetic spectra that resolve the line profiles well enough for
precise measurement. In addition they are mostly computed for pure-burst populations,
e
This issue has been discussed in detail by Huchra (1977b) and more recently by Krüger, Fritze-v.
Alvensleben, & Loose (1995) and Anders & Fritze-v. Alvensleben (2003). See also Olofsson (1989).
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Figure 5.25 Components of the stellar population in NGC 1156. top left: Emission features in HII-region 30.1, including the Helium ‘bump’
from WR stars. above left: Balmer absorption features in the high surface brightness bar (region 81.8). top right: Strong Balmer absorptions in
the ‘nucleus’ (region 38.1). above right: Near-featureless background population NGC 1156 (region 26.2).
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CaII Hδ/Fe Ctm W(Hγ)
W(Hδ)
0.645 0.712 2.5
...
4.8 ± 0.2
0.806 0.694 4.2 0.5 ± 0.1 7.0 ± 0.5
0.690 0.589 3.0 0.5 ± 0.1 7.0 ± 0.9
0.977 0.662 0.7
...
4.0 ± 0.5
0.742 0.703 0.6
...
6.3 ± 0.5
0.873 0.840 1.3
...
4.2 ± 0.4
0.921 0.823 1.3
...
3.5 ± 0.5
1.015 0.790 0.8
...
6.0 ± 1.0
0.833 0.891 0.4
...
...
1.061 0.653 0.5
...
...
0.706 0.782 0.5
...
3.3 ± 1.0
1.208 0.755 0.5
...
...
0.896 0.851 1.2
...
6.0 ± 0.5
0.697 0.676 1.2 1.8 ± 0.3 6.0 ± 0.3
0.846 0.682 0.9
...
6.5 ± 0.5
0.928 0.788 0.5
...
5.5 ± 0.5
0.673 0.635 3.9 3.9 ± 0.2 7.2 ± 0.2
0.684 0.713 3.4 3.9 ± 0.2 6.8 ± 0.2
0.788 0.761 1.3
...
6.0 ± 0.4
0.745 0.669 1.1
...
7.0 ± 0.2
0.848 0.664 1.0 2.7 ± 0.5 7.2 ± 0.5
0.854 0.802 2.5
...
3.4 ±0.2
0.763 0.799 1.5
...
4.3 ±0.2
0.864 0.846 1.0
...
...
0.918 0.734 1.3
...
7.0 ± 0.3
0.953 0.718 4.2
...
6.0 ± 0.3
0.958 0.779 1.5
...
5.6 ± 0.3
0.866 0.687 4.0 3.1 ± 0.4 6.6 ± 0.3
0.812 0.636 3.5 3.6 ± 0.3 5.8 ± 0.2
1.191 0.776 2.0
...
3.6 ± 0.3
0.717 0.583 0.6
...
...
0.705 0.718 2.0 4.0 ± 0.3 5.0 ± 0.5
0.786 0.653 2.5 4.4 ± 0.5 6.5 ± 0.3
0.793 0.693 2.0 4.7 ± 0.5 6.9 ± 0.5
1.023 0.860 1.0
...
4.0 ± 1.0
1.217 0.973 1.1
...
...
0.799 0.710 1.7
...
5.3 ± 0.3
0.757 0.777 1.4
...
4.3 ± 0.3
0.710 0.830 1.9 1.6 ± 0.3 5.0 ± 0.5
0.739 0.814 2.1
...
5.2 ± 0.4
1.072 0.753 1.0
...
4.5 ± 0.4
0.863 0.858 1.3
...
4.0 ± 0.3
0.732 0.760 1.8
...
5.4 ± 0.5
0.807 0.724 2.0
...
6.8 ± 0.5
1.053 0.867 1.3
...
...
0.878 0.862 1.2
...
2.5 ± 0.5
0.866 0.765 1.0
...
5.5 ± 1.0
0.803 0.864 1.0
...
3.0 ± 0.4
0.949 0.784 1.1
...
3.5 ± 0.5

Table 5.10 Absorption-line indices measured in NGC 1156. In the left half of the table are
the indices defined on page 259. The ‘Ctm’ column lists the stellar continuum brightness at
4000–4100 Å, in units of 10−16 erg.s−1 .cm−2.Å−1 . On the right are equivalent widths (given in
Å) measured in the system of Gonzalez-Delgado et al., see page 260.
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requiring a spectrum with excellent background removal for valid comparisons. Another
index (or at least constraint) on population age is the Balmer jump (e.g. Gonzalez Delgado
et al. 1997). It requires only low resolution and is relatively robust to emission-line
contamination, but in my spectra the Balmer series limit at 3646Å is outside the observed
range, which makes the measurement too uncertain to be a useful constraint.
Despite these problems I have attempted an analysis along the lines of that by Leonardi
& Rose (1996) to characterise the absorption-line population in terms of the time since
star formation ceased at each location. These authors use the ratios of flux at the line
centres of two pairs of strong absorptions; the Hδ line to a neighbouring Fe absorption,
and the Calcium H and K lines. The Hδ/Fe ratio is a measure of the total number of
stars formed in a burst of star formation, but cannot discriminate between a small burst
that occured recently and a large burst that occured long ago. The “Ca ii” ratio has a
constant value in stars later than type F, and only varies when H is blended with the
Ca H absorption (Rose 1984). Leonardi and Rose show that this characteristic is able to
break the age/strength degeneracy, if one is willing to assume a characteristic timescale
for starbursts.
The line indices are defined as follows. The Hδ/Fe index is the ratio of the flux in the
bottom of the Hδ 4101Å line to the average of the fluxes at the bottom of the Fe i 4045
and Fe i 4063 lines. The Ca ii index is the ratio of the flux at the bottom of the Ca H+H
absorption (3968Å) divided by that of Ca K (3929Å). Figure 5.27 shows the windows
superposed on the spectrum of the ‘nucleus’ in NGC 1156. To determine these fluxes
I took the minimum value in a window 10Å wide centred on the quoted wavelengths,
redshifted to match the recession velocity of the galaxy. Nebular emission will mainly
affect the results by filling in the Ca H+H line (making the population appear older),
and the Hδ line (reducing the apparent burst strength). I have limited these effects by
considering the brighter regions (see the Figure caption), and excluding points where the
line profile is obviously affected by emission.
The resulting measures appear in Figure 5.26 and Table 5.10. As might be expected, the
regions with higher surface brightness tend to contribute more of the light in the spectrum.
The scatter in the age direction is significant; in most cases the measurement errors are
∼ ±0.05, though larger for the fainter spectra. There are few points with large ages;
this is partly a selection effect caused by the lower surface brightness of the background
population, but also a real effect in the sense that the galaxy has no bright, concentrated,
old population akin to the nucleus of a spiral galaxy. There is also a known systematic
error in the ages, produced by the use of solar-metallicity evolution tracks. Leonardi &
Rose estimate that their calibration underestimates ages for burst populations formed
from gas of subsolar metallicity by as much as 40% at ages 1–1.5 Gyr. According to them,
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the metallicity of the underlying population has no significant impact.
For the brighter objects, where the level of background contamination will be low, I
have also applied the equivalent-width method of González Delgado, Leitherer, & Heckman (1999a, 1999b). Using the procedure defined in their first paper, I obtained the values
in Table 5.10, for a subset of the regions discussed above. González Delgado et al. show the
equivalent widths of the Balmer lines grows until about 500 Myr. In sufficiently metal-rich
populations, the line strengths then decrease because the atmospheres of the dominant
population become rather cool. The degeneracy between young and old populations having the same equivalent width can be broken with a second index, such as Leonardi &
Rose’s Ca K (see, for example, Schweizer & Seitzer 1998). Of the Balmer lines, the Hδ
line is generally the least affected by emission line contamination. Hγ is useful in only a
handful of cases. The largest Hδ equivalent widths in Table 5.10 are 7–8 Å, which corre-

Figure 5.26 Burst age/strength discrimination for NGC 1156. The solid points denote ‘bright’
spectra with 4000–4100Å continuum flux > 2 × 10−16 erg.s−1 .cm−2 , while the open circles have
continuum flux between 1 and 2×10−16 erg.s−1 .cm−2. Each drawn line denotes a mixed population
(the burst and an ‘old’ population), seen at 0, 0.5, 1.0, 1.5 and 2.0 Gyr after star formation ceases.
Along each locus the fraction of the light coming from the burst population varies, from 100% at left
to 0 at upper right. The burst was modelled as a 300 Myr period of constant star formation with
an IMF from Scalo (1986); see Leonardi & Rose (1996) for more details. The plotted quantities
are unitless; refer to page 5.6.2.
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Figure 5.27 Absorption-index windows used to estimate burst ages in NGC 1156. The spectrum
is for region 38.1, the group of bright clusters near the bar centre; the index values are H<5/Fe=0.64,
Call=0.67.
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Figure 5.28 Evolution in the equivalent width of the H<5 absorption, for instantaneous burst
and continuously starforming models, calculated by Gonzalez-Delgado et al. (1998). The adopted
IMF has a Salpeter slope with an upper mass cut off of 80 M©.
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sponds to an age of order 100 Myr for an instantaneous burst population. A continuously
star-forming population reaches these values significantly later (age' 200 Myr) and the
equivalent width does not decline (Figure 5.28).

5.7

Discussion

In many respects — luminosity, size, metallicity — NGC 1156 is a normal late type galaxy.
Yet it does present challenges, such as the widespread very young population and its optical
shape in relation to the HI disc.
The integrated properties of NGC 1156 are close to those the LMC and NGC 4214. If the
distance modulus (29.5 mag, 7.8 Mpc) is correct, the galaxy has MB = −18.05, compared
with −18.1 for NGC 4214, and −18.4 for the LMCf . The disk scale length (∼0.7 kpc)
is shorter than that of the LMC (1.4 kpc, van der Marel & Cioni 2001) but larger than
the bright central component in NGC 4214, and the 0.5 kpc scale length of NGC 4449
0.1 ),
(Bothun 1986). The median oxygen abundance is 0.15× solar (log(O/H) = −3.9±0.2
which is at the lower end of the range observed in the LMC (0.15–0.28× solar; Oey &
Shields 2000). It falls a little below that expected from the luminosity-metallicity relation
for dwarf irregulars (Skillman, Kennicutt, & Hodge 1989)
12 + log(O/H) = −0.153 MB + 5.50,

(5.8)

which predicts log(O/H) = −3.74 (0.22× Solar). However if one adopts the distance
modulus obtained from the Tully-Fisher relation (page 213; 27.98 mag, i.e. MB = −16.57)
there is much closer agreement. The direct and indirect abundance estimates do not agree
for all the HII regions. This is probably because the emission line ratios lie in the range
where the indirect estimator (the empirical R23 relation) is double valued.

5.7.1

The young population

In Section 5.6 I considered a number of age indicators, each in isolation. Here I discuss
them together and attempt to fit them into a consistent picture.
The striking thing about NGC 1156 is the location of the density peak in the colour-colour
plane (Figures 5.17 and 5.23, pages 249 and 254). It indicates that most of the pixels in
the bar of the galaxy contain a significant mass of stars that have formed only in the
last few tens of Myr. Even in the pixels with colours placing them at reddest part of the
outermost contour in the Figures above, the young component must be less than about
f

Magnitudes taken from Skillman et al (1989), but NGC 4214 corrected to 4.1 Mpc
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50 Myr. Adopting a bluer colour for the ‘old’ population could raise the age limit for the
reddest pixels to perhaps 200 Myr, but would not greatly affect the age inferred for the
majority of the bar area. There are no pixels above the surface brightness limit that have
the colours of a single-age population older than 1 Gyr (Figure 5.21, page 253).
This result is reinforced by the Balmer line index measurements. There is a spread in
W(Hδ) covering 3–7 Å, which according to the model calculations of González Delgado
et al. are appropriate to burst populations between 5 and 30 Myr oldg . Because I elected
to subtract the night sky lines (but not the local background) when extracting the longslit
spectra, these equivalent widths could be underestimated if the spectrum is contaminated
by light from a population with a relatively featureless spectrum (from old, metal-poor red
giants, for example). However I estimate the worst-case contamination to be ∼ 30–50%.
After correcting for this, the largest equivalent widths would be in the range 9–10 Å, with
implied ages of ∼60–100 Myr. Because of the rapid growth of W(Hδ) in the first 50 Myr,
most of the derived ages would change little.
Taken in isolation, the Caii and Hδ/Fe indices (Figure 5.26) appear consistent with much
larger ages, hundreds of Myr. However the models used by Leonardi & Rose to calibrate
the indices are all calculated for bursts longer than 300 Myr. For shorter bursts of star
formation the evolution of these indices is not monotonic: from Figure 5.28 it is clear that
over the first 300 Myr the Hδ line of an instantaneous burst population becomes much
deeper and thus the Hδ/Fe index will probably shift to smaller values during this time.
Indeed, the Fe line may not be visible at all in very young, hot populations, in which case
the index becomes a rough measure of Hδ equivalent width. The behaviour of the Caii
index is difficult to predict without explicit modelling: H will deepen but so will the Ca K
line, the latter more slowly at first. It seems therefore that there must be a period when
this index declines as well. Both indices probably reach their minimum at the time when
the Balmer absorptions are at their strongest, and increase thereafter. Thus it is quite
possible for populations younger than ∼300 Myr to spread across the diagnostic diagram
drawn up by Leonardi & Rose; before applying it to estimate burst population ages one
must find some independent indication that the population is old enough for the method
to be useful.
Overall these indicators seem most consistent with a recent widespread burst of activity
(less than 50 Myr ago), superposed on an existing old population. It is disquieting that
the old population is not easily detected but other simple models, such as continuous
star formation over Gyr timescales, are also problematic. The pegase model comes the
closest to the data, but only with a large contribution from ionised gas emission lines.
g
Figure 5.28 shows a solar-metallicity model and implies a maximum age of ∼20 Myr. The growth of
W(Hδ) is slower in lower-metallicity models.
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Even allowing this, some contribution from an additional red population is needed for
complete agreement.

5.7.2

Optical structure

The other intruiging aspect of NGC 1156 is its optical structure. In HI the galaxy shows a
disk with the major axis along PA=90◦ , and HI column density contours consistent with a
circular disc inclined at ∼45◦ or lower. The kinematic major axis is aligned along the same
direction. Optically, however, the galaxy has a major axis aligned along PA∼35◦ . Visual
inspection of the isophotes shows them to be boxy. This, and the large position angle
difference could be taken as an indication that the galaxy is barred. Further evidence for
a bar comes from the optical kinematics (this work, Hunter et al. 2002) which show the
stars and ionised gas are rotating with the HI, which implies the stars are delineating a
bar pattern rotating within the galactic potential. However neither my observations, nor
slightly deeper ones (Larsen & Richtler 1999; Elmegreen & Salzer 1999) show any hint of
an underlying low surface-brightness disk that is aligned with the HI distribution. This
absence is unusual. In other barred Magellanic irregulars the disk is not much fainter
than the ‘bar’ and it is aligned with the HI distribution. Three examples come readily
to mind. In Chapter 3 I showed the isophotes of NGC 4214 become noticeably rounder
and change position angle at µB ∼ 24.5, about 3.5 mag fainter than the brightest parts
of the bar. The major axes of the outer disk and HI contours are approximately aligned.
In NGC 4618 (Odewahn 1991) the µB = 23.0 and fainter isophotes show a clear change
to a ‘disky’ character, 3 to 3.5 mag.arcsec−2 fainter than the bar. The optical and HI
contours align reasonably well, but the line of nodes warps abruptly near the edge of the
HI disc (van Moorsel 1983). In the LMC, the bar brightness is µB ∼ 21.0 and ‘disky’
isophotes are visible at µB ∼ 24.5, assuming the outer-disk colour is B−R > 1.3 (de
Vaucouleurs 1957; Bothun & Thompson 1988). The optical and HI outer contours are
closely aligned. In the case of NGC 1156, the isophotes are all aligned with the bright
bar over a range of 5 magnitudes, down to µB =25 (Figures 5.13 and 5.29). Hunter et al.
(2002) put this in a subtly different way — they note that the bar is much longer than
usual, compared to the disk diameter. It would be interesting to amplify (Malin 1978)
photographic plates such as those of Sandage (Sandage & Bedke 1988) to eliminate the
possible existence of a low surface brightness stellar disk aligned with the HI disk. Such
misalignments are not unprecedented, however, though they are more often seen in lowmass objects (see discussion by Côté, Carignan, & Freeman 2000) and usually small (Stil
1999; Stil & Israel 2002b). Other galaxies known to have a misalignment of this type
and a luminosity comparable to NGC 1156 are NGC 5253 (MB = −17.6, Kobulnicky &
Skillman 1995), NGC 1140 (MB = −19.7, Hunter, van Woerden, & Gallagher 1994) and
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Figure 5.29 Faint structure in NGC 1156. The panels show B, V and I images, from left to right. (top): scaled to show the “spike” referred to
in Section 5.7.2. (above): higher contrast rendering of the same data, to show the outer isophotes of the galaxy. See also Figure 4.21.
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NGC 4694 (MB = −18.4, van Driel & van Woerden 1989).
It may be that the misalignment exists because the galaxy has been distorted by some kind
of interaction. All three of the misaligned galaxies above show signs of interaction. Aside
from the distortions in the HI distribution noted in Chapter 4, two features in the optical
images (Figure 5.29) provide further hints. Firstly, the off-centred outer isophotes in the
SW quadrant are reminiscent of the isophotal structures in ‘shell’ galaxies (Malin & Carter
1983), thought to be the remnants of merged galaxies. The second feature of interest is
a faint ‘spur’ of light, at (−4000, +2000) in Figure 5.29. It subtends approximately 3000, or
1.1 kpc. It is readily visible in the B image and can can be made out in the V image, but
is not seen at I. It is also visible in the images by S. Larsen (priv. comm.). I estimate
its integrated magnitude, corrected for foreground extinction, as B0 = 18.5 ± 0.7, V0 =
V
18.3±1.0. The mean surface brightness in the integration aperture is µB
0 ∼ 24.8, µ0 ∼ 24.6.
The large uncertainties reflect the difficulty of measuring a low surface brightness object

superposed on a brightness gradient. Such a structure is highly unlikely to be a natural
product of internal dynamics of the galaxy; more likely it is a stream of stars either stripped
from another galaxy in a tidal ‘flyby’, or a captured and disrupted low-mass dwarf galaxy.

5.7.3

Interaction scenarios for NGC 1156

While NGC 1156 has been characterised as an isolated object (page 173), the data presented in this work contains enough hints of a past interaction that some consideration
should be given to what kinds of perturbations may have taken place. In this section I
discuss possible flyby-type and capture-type interactions with the objects listed as neighbours on page 173 and compare the scenarios with the various facets of the observations:
misalignment of the optical and HI axes, the isophote shape and ‘spur’, the recent burst
of star formation, and the HI features (eastern tail, HI clump, 3 kpc ‘hole’).
Taking the flyby case first, an interesting scenario to explore is the flyby interaction model
of Miwa & Noguchi (1998), already mentioned in Chapter 3. This model focuses on the
large-scale features of NGC 1156, details like the spur and HI clump are not explicitly
predicted. The model is interesting because it predicts that a bar with a slow pattern
speed will form, terminated near the Inner Lindblad Resonances (rather than near the
corotation or 4/1 resonances). As well as the usual x1 orbits along the dense part of
the bar, Miwa & Noguchi find that where bars are tidally generated the x2 and x3 orbit
families are also populated, leading to a θ shaped distribution (see their Figures 7 and
14). In NGC 1156 this shape is particularly striking when considering the HI and optical
images together (Figure 4.3). The timescales for formation are intruiging also. In their
model D, Miwa & Noguchi show the θ shape appears within a few dynamical timescales
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after perigalaction and persists for a long time afterwards. Scaled to NGC 1156, the θ
shape would appear within a few hundred Myr after the encounter and persist for at
least 3000 Myr. This scenario is at least consistent with the observed circumstances in
NGC 1156. As noted previously (page 173), the nearest candidates of any consequence
(UGC 2684 & 2716) are 9.3◦ (1.3 Mpc) away in the plane of the sky. For a perigalaction of
20 kpc (∼ twice the HI disk radius of NGC 1156) the escape speed is ∼40 km.s−1. Closing
at this speed, the distance would take ∼3 Gyr to traverse. However for a galaxy to have
interacted with NGC 1156 and completely escaped the closing speed is likely to be a few
times higher, and thus the time since interaction would be less than 1 Gyr.
Similar HI morphology can be seen in some other galaxies, most strikingly in NGC 6822 (de
Blok & Walter 2000), and also in NGC 2366 (Hunter, Elmegreen, & van Woerden 2001).
This similarity with other galaxies becomes more interesting in light of one particular
result from Miwa & Noguchi’s simulations: if the perturbation is sufficiently strong — a
perturber 1–3× the mass of the target, on a prograde orbit that comes within ∼ 2 disk
radii — the target galaxy takes on a particular morphology, almost independent of the
perturber mass. The perturber mass does have some influence, mainly upon the pattern
speed of the tidal bar. The pattern speed also depends on the ratio of the disk mass to
the total galaxy mass; lightweight disks (such as Irregulars, where the ratio is frequently
< 0.1) form slow bars, terminated at the Inner Lindblad Resonance.
The difficulty with this picture is the mass required for the interacting companions. The
integrated BT magnitudes for UGC 2684 and UGC 2716 are 15.93 and 14.05 respectively
(Barazza, Binggeli, & Prugniel 2001). At their catalogued redshifts these correspond
to absolute magnitudes MB = −13.13 and −15.08, which makes them substantially less
massive than NGC 1156 (factors of ∼ 65 and ∼ 11, assuming the same M/L can be applied
to all three objects).
If one accepts the large-scale features of NGC 1156 as intrinsic, then perhaps the spur
and HI clump could be explained as material stripped from an interloper. This hypothesis
enables one to consider NGC 1156’s smaller neighbours as possible interaction partners.
In fact it may rule out UGC 2684 and 2716, depending on the true distance of the spur and
clump from NGC 1156’s centre of mass. 1 Gyr is too long for a tidal stream — a diffuse
structure, most likely with an unstable orbit — to exist in close proximity to the galaxy
centre. The orbital timescale at the edge of the HI disk is approximately 600 Myr. Nearer
the centre it will be correspondingly shorter, so any stripped material should quickly merge
into the galaxy. The other two neighbours (ANON 0248+2517 and LEDA 165969) could
have lost material to NGC 1156. If so, they are so close that they should still be visibly
distorted.
Turning to the case of a captured dwarf galaxy, the possibilities are a strong function of
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the intruder’s mass. At the low mass end, one could picture the spur as the remains of
a captured object, perhaps only a small fraction of it. The magnitude estimates I made
correspond to MB ∼ −11, a mass ∼ 750 times smaller than NGC 1156. At first thought
one would expect any interloper to be disrupted within a small fraction of the orbital
timescale. But there is an important distinction here; an object like a dwarf galaxy is
self-gravitating, and should be considerably more robust than a diaphaneous stream of
material torn off another galaxy. For example, the Sagittarius dwarf satellite of the Milky
Way (Ibata, Gilmore, & Irwin 1994) appears to have passed through the disk of the
Galaxy several times over the course of 12 Gyr (e.g. Ibata et al. 2001; Gómez-Flechoso,
Fux, & Martinet 1999; Helmi & White 2001). This suggests that it could take several
orbits for a captured dwarf to be torn apart completely. Naturally an object small enough
to survive multiple disk passages is unlikely to stimulate much star formation, so the
timescale constraint derived from the colour-colour space data is irrelevant.
Given the example of the Sagittarius dwarf, one wonders how big an object could be
captured by NGC 1156 and still produce the observed large-scale morphology. Studies of
other galaxies suggest it could be quite significant. Of the three objects with misalignments
noted in Section 5.7.2, NGC 1140 seems the closest analogue to NGC 1156. After careful
consideration of their optical and HI data, Hunter et al. suggest the most likely formation
scenario for this object is a merger of equal-mass, low surface-brightness components.
NGC 1156 has lower HI velocity dispersions, more regular outer optical isophotes and
regular outer HI contoursh than NGC 1140, which suggests that if the two are analogues
the merger in NGC 1156 was between objects of unequal mass. The mass difference cannot
be too great, presumably, since then the axis misalignment would not occur.
Clearly, the data at hand are a weak constraint on the possibilities. Nevertheless the data
hint strongly that an interaction has taken place, and it seems possible that the widespread
star formation in the bar could have been stimulated by this event. The age indicators at
my disposal suggest the burst of star formation occurred within the last 100 Myr. The
timing of any stimulating interaction is far less constrained, but 1 Gyr is a likely upper
limit.

5.8

Summary

In this chapter, I have measured the integrated magnitude and surface brightness profile
of NGC 1156 in several optical-NIR passbands; computed colour maps; studied the interstellar extinction toward and within the galaxy; estimated the galaxy’s oxygen abundance,
h

I refer to the contours in the WHISP images, which reach to lower column densities than my data.
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and measured absorption line indices in the stellar population. The longslit spectra I presented greatly extend the spatial area within NGC 1156 for which spectroscopic indices
are available.
Taking the distance to be D=7.8 Mpc, the integrated magnitude of the galaxy is MB =
−18.05, comparable to NGC 4214 and the LMC. The major axis position angle of the
optical isophotes is 38◦. The surface brightness profile is best fit by an exponential law
with a scale length (at I band) of 798±38 pc. In the U band, the scale length is shorter
(597 ± 38 pc).
The colour of the galaxy varies with radius, generally being bluer in the central 4000. This
is a reflection of a large-scale nonradial gradient apparent in the colour maps.
Comparison of the colour map data with stellar population models reveals the galaxy
has recently undergone star formation in almost all parts of the bar region. None of the
pixels above the limiting surface brightness have (UBV) colours consistent with a purely
old, metal-poor population. Mixed-population models indicate the young component is
between 5 and 50 Myr old (depending upon the adopted colour of the old component,
which is poorly constrained).
Larger ages are inferred from Balmer line absorption equivalent widths. The brightest
cluster has W(Hδ) that implies an age of 50±10 Myr, if it formed in an instantaneous
burst.
Wolf-Rayet stars are detected in the galaxy, but only in the brightest HII region. This
is located well to the west of the galaxy centre, so it is unlikely to be the ‘nucleus’, as
suggested by Ho, Filippenko, & Sargent (1995). The bright cluster or group of clusters
near the geometric centre of the bar shows strong Balmer absorptions and weak emission
lines, with no Wolf-Rayet star signatures.
The O/H ratio is approximately 1/7 of solar, log(O/H) = −3.9±0.1
0.2 . This is slightly below
the abundance predicted by using the luminosity-metallicity relation for late-type galaxies,
if the adopted distance is correct. Much closer agreement is obtained if one adopts the
distance predicted by the B-band Tully-Fisher relation.
As noted in Chapter 4 the optical major axis of the galaxy lies at an angle of 50◦ to the
kinematic major axis. Unusually, there is no hint of a stellar component aligned with the
HI disk. A low surface brightness ‘spur’ is detected in the B, V and R filters. Its origin
is unclear. The axis misalignment and the spur hint at a past interaction, but the time
since the interaction is poorly constrained. An upper limit is ∼ 1 Gyr ago.

Chapter 6

Summary and Future Work
Irregular galaxies are interesting laboratories in which to study star formation processes.
This is because they present an environment that is qualitatively different from spirals
in terms of gas richness, gas scale height, midplane density, shearing rate, density wave
strength, and (possibly) merging history. Yet the products of star formation — clusters,
HII regions and so on are indistinguishable from those in spirals. In this thesis I have
presented new and highly detailed observations of two nearby Magellanic Irregular galaxies,
with the goal of examining the distribution and kinematics of the interstellar gas, and the
stellar populations, at comparable resolution. These galaxies lie in the transition region
between dwarf irregulars and ‘true’ spirals, which makes them interesting test cases in
terms of how the qualities listed above change with increasing galactic mass. They are
close analogues of the Large Magellanic Cloud, but are not subject to the strong tidal and
ram-pressure stresses experienced by the LMC. They may also have similar properties to
galaxies in the early Universe, such as the faint blue galaxy population.
NGC 4214 has become something of a Rosetta Stone for students of dwarf galaxies, and
the results presented here should add to its fame. The neutral hydrogen distribution has
delicate spiral-like structures. These are curved in the opposite sense to the stubby arms
visible in optical images of the galaxy. The HI disk shows many ‘holes’ — regions with
column density below the sensitivity limit. I was able to confirm only a few of these as
likely to be expanding or stalled shells. Nevertheless the number and size distribution
of the candidate shells is commensurate with the number expected, given the HII region
luminosity function of the galaxy.
I studied the velocity field in some detail, using neutral and ionised gas tracers. The HI
data shows the rotation velocity appears to decrease at large radii, probably because the
disk is warped such that the outer fringes are close to face-on. In the inner few arcminutes
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of the galaxy, the isovelocity contours twist sharply. The HII regions also follow this
velocity field. Taken together these suggest the central bar is inducing streaming motions.
Such was proposed by Allsopp (1979), but over a much larger fraction of the galaxy.
NGC 4214 has two distinguishable components in its optical disk. The outer disk has
been almost entirely neglected to date, but as shown by my colour maps it contains a
varied population which may provide useful information on the history of star formation
within the galaxy. The bright inner bar has been studied by many authors, most of whom
were interested in the burst of star formation concentrated at the southeastern end. At
the northwestern end of the bar, I found a bright cluster (NGC4214-IVs) with an age
of ∼100 Myr and a diffuse population redder than much of the disk. In agreement with
previous workers I found only small variations of O/H in the interstellar gas along the bar.
Relatively few studies have been made of NGC 1156, possibly because of the bright foreground stars in the field, and the depth of foreground extinction from the Milky Way.
Its HI extent is similar to its Holmberg diameter. No spiral features are visible, but at
the eastern end of the galaxy there lies the stub of what appears to be an outflung tidal
arm. Just below the detection limit is a skirt of rather smooth HI; I detected a clump in
this material, and the ‘tidal arm’. The distance to NGC 1156 is uncertain, but it is too
large for the observations to show HI holes of the size typical in the LMC. In the western
half of the galaxy there appears a large depression in the HI with striking morphological
similarities to the large hole detected in NGC 6822 (de Blok & Walter 2000).
This galaxy also has an unusual velocity field — both ionised and neutral gas tracers show
the optical major axis lies at an angle of 50◦ to the kinematic major axis. Near the disk
centre, the HI kinematics are confused by small clouds of gas offset from the main rotation.
I studied one of these in detail and considered various possible origins.
The optical surface brightness profile was well fitted by a single exponential. Colour maps
showed a varied population in the bar of the galaxy. I presented an extensive set of optical
spectra covering the bright bar of the galaxy and measured the gas-phase O/H abundance
by analysis of emission lines. The O/H abundance showed only small variations. From
absorption-line indices I attempted to constrain the age of the diffuse stellar population
within the bar of the galaxy. The optical images show faint structures that hint at a past
interaction, including an unusual ‘spur’ which is possibly a tiny infalling dwarf galaxy.
What relationship, if any, these have with the HI features noted above is unclear.
The two galaxies have some interesting characteristics in common. Both have dynamically
important bars. This is made particularly clear by the misalignment of the bar’s major
axis with respect to the kinematic major axis, and the noncircular motions associated with
the bar. In NGC 4214, the bar contributes only a fraction of the stellar mass. NGC 1156
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is in sharp contrast — the optical light appears to be completely dominated by the bar.
HI gas is concentrated and star formation regions proliferate at the ends of the bars.
Another feature these galaxies have in common is small clouds of gas (∼ 107 M ) with
moderate velocity offsets from the general rotation. These have been revealed by the
combination of high spatial and velocity resolution. Their origin is unclear. The velocity
offsets are too small for them to qualify as analogues of the HVC population (Wakker,
van Woerden, & Gibson 1999), and only one or two can be seen. Aside from these small
clouds, both galaxies show signs of having undergone a weak tidal interaction or minor
merger.
In this work I describe a method for studying the star formation history of galaxies via
colourspace density diagrams. For both galaxies this technique revealed evidence for
widespread recent star formation, outside of the currently visible HII regions. I found
the UBV colours of the majority of pixels are consistent with a superposition of an old
population and a few percent (by mass) of stars ∼ 50 Myr old, though the data do not
allow me to determine a unique combination of mass fraction and age.
Both galaxies exhibit extreme values of R23, the diagnostic line ratio often used to infer
Oxygen abundances (Pagel et al. 1979). This may be due either to a widespread shockionised component, or a wide range in ionisation parameter. The latter requires quite a
high porosity in the neutral medium, with the interstices either empty or filled with gas
hot enough to be transparent to ultraviolet photons.
I made comparisons of the observations with aspects of various models for propagating
star formation. Both galaxies are consistent with a model in which a minimum HI surface
density (1021 atom.cm−2) is a necessary criterion for star formation. In NGC 1156 the
radial distribution of star-forming regions is well-predicted by the disk instability criterion
discussed by Kennicutt (1989), while the criterion is unsuccessful in NGC 4214. I catalogued 13 holes in the HI disk of NGC 4214 that appear to be expanding or blown-out
shells. Two of the three known CO-emitting regions lie near holes. HII regions do not
appear with higher frequency near the walls of the calaloged HI holes. In a majority of the
holes, a star cluster capable of powering the expansion is visible within the hole boundary.
However the holes are so young and that I expected all would contain a detectable cluster.
NGC 1156 appears to be too far away for my observations to resolve an expanding shell
population. It has one large hole to the west of the bar, but it is difficult to explain it as
an expanding shell driven by star formation.
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Future Work

With this thesis, another step has been taken in increasing our understanding of how star
formation in Irregulars is driven over long periods of time. However much remains to be
done. Below I outline some immediate directions for further work on the objects studied
here.
It seems quite possible that the warp and spiral features in NGC 4214 are the result of a
fly-by interaction with NGC 4190 (Allsopp 1979), or DDO 113. Precise distances for both
these galaxies, and NGC 1156, would be welcome.
Obviously it would be helpful to integrate single-dish mapping observations with the interferometric maps, both to confirm that the missing flux is indeed a smooth component,
and to check for low-column density tails of material. This check is made more pressing
by the recent proposal (Hunter & Wilcots 2002) that such quiescent gas in the outer parts
of Irregulars is the remains of their natal cloud. The objects studied here, which appear to
have been mildly perturbed, may help in understanding how much ‘harassment’ is needed
to destroy such structures.
The small HI clouds detected around NGC 4214 and NGC 1156 may be members of a
larger population. For example the LMC, to which these galaxies are close analogues, has
a significant number of high-velocity clouds (Staveley-Smith et al. 2003). The LMC clouds
have larger velocity offsets (∼ 100 km.s−1); in the observations presented here, analogous
objects would be outside the bandpass. Testing for this population is a simple matter
of longer integrations with broader velocity coverage, comparable spatial resolution and
(preferably) finer channel separation.
An important adjunct to that work would be to make integral-field observations of both
galaxies, like those presented by Wilcots & Thurow (2001) for NGC 4214. In NGC 1156
such a study would shed light on the origin of the pecular HI cloud described in Chapter 4,
by providing better constraints on the strength of any ionised-gas outflow. By chance the
peculiar-velocity HII regions in NGC 4214 (HK 38 and HK 61) lie just outside the fields
of view of all the optical velocity field surveys published to date. Two-dimensional Hα
velocity fields covering these objects and their environs would be of great interest. Over
the longer term, deep Hα radial velocity measurements across the entire bar of NGC 4214
and the star-forming complexes at either end would be a rich source of data against which
to test models of stellar feedback processes, and of the disk dynamics.
I have shown that colourspace density diagrams have useful discrimination power, given
sufficiently precise colours. Preparations are underway to apply the method to samples
like the Medium-Deep Survey (Griffiths et al. 1994), the WFPC2 B-band parallel survey
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(Cohen et al. 2003), and the Nearby Field Galaxy Survey (Jansen 2000; Windhorst et al.
2002). One obvious extension of the method is to plot magnitudes along one of the axes
(Eskridge et al. 2003), though the method of interpretation will be rather different. Deep,
wide field IR imaging would be helpful for this work, as would the ability to add ‘pinpoint’
constraints obtained from spectroscopic indices in selected areas of the galaxy under study.
Some improvement in precision may be obtained by using ‘asinh’ magnitudes (Lupton,
Gunn, & Szalay 1999). Ultimately, one would like to be able to explore the parameter
space of star formation histories systematically and delineate which parts of it reproduce
the observed density contours in colourspace.
IR imaging would also enable more sophisticated dynamical studies e.g. Quillen, Frogel,
& Gonzalez (1994), Patsis, Athanassoula, & Quillen (1997), Buta & Block (2001). It is
time to attempt detailed hydrodynamical models of dwarf galaxies, over the full range of
masses from dSph to SBm. This will be difficult because if one tries to include feedback,
individual star-forming regions can have significant impact upon the ISM. Nevertheless it
is of interest to attempt it, to study the gas flows within dwarf galaxies and to study what
happens to the cuspy core of the dark matter halo (Kranz, Slyz, & Rix 2003) predicted
by CDM (Navarro, Frenk, & White 1997; Bullock et al. 2001) but not observed (e.g. de
Blok et al. 2001; McGaugh, Barker, & de Blok 2003). Some steps in this direction have
been taken already (Fragile et al. 2003; Tassis et al. 2003; de Blok, Bosma, & McGaugh
2003).
As mentioned above, the outer disk of NGC 4214 beyond the bar is relatively unstudied
and may yield some surprises. The stellar populations in the outer-disk HI holes certainly
warrant closer inspection. Of particular interest is the abundances of the HII regions, such
as the faint regions on the northern edge of Hole 8. These should provide constraints on
the speed of metal enrichment which will be of interest to chemodynamical model builders
(Hensler & Rieschick 2002). This galaxy is also a good candidate for mapping population
ages through spectroscopic indices and the new generation of spectral libraries (Lançon
et al. 2001; Le Borgne et al. 2003; Mouhcine & Lançon 2003).
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Appendix A

kpvslice — an interactive tool for
datacube exploration
One of the most powerful methods of examining velocity field data is to make plots of
the velocity as a function of position along some particular locus on the sky (a p–v plot).
However this is usually a cumbersome process, because the locus one wishes to examine
is rarely parallel to one of the principal axes of the data cube (these being RA, DEC
and radial velocity or frequency). Few analysis packages allow creation of p–v plots along
arbitrary position angles, but force the user to rotate the cube by the appropriate amount
and then transpose it to RA-vel-DEC or DEC-vel-RA.
This appendix describes an interactive tool for making arbitrary position-velocity slices
of data cubes (kpvslice), which I built together with Richard Gooch at the Australia
Telescope National Facility. It was orignally written to help analyse the complex velocity
field of NGC 4214, but should be a useful tool with which to evaluate any cube of data,
especially ones where the third axis coordinate has some kind of relationship with the two
other axes. The program depends on the karma library (written by R. Gooch) which is
freely availablea. It will run on most Unix workstations that have a graphics display and
three-button mouse.
Operation is nearly intuitive; the user selects an image on which to draw the desired locus,
and a cube from which to extract the p-v “slice”. The images may be in FITS, miriad,
gipsy or the native karma format. A click-and-drag operation with the middle mouse
button draws a “slice line”on the image, showing the spatial locations the data will be
extracted. The extracted slice is displayed in a second window (the “slice window”).
Once a slice is defined (middle mouse button is released), the slice line can be picked up
a

see http://www.atnf.csiro.au/software/karma/ for details
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and moved around. By clicking and dragging (right mouse button) near the ends, the
slice can be rotated around its centre. Clicking anywhere else with the right button moves
the centre of the slice line, maintaining its length and position angle to the position of
the cursor. The display can be updated continuously as the mouse moves, or only when
the middle mouse button is released (for large cubes, or remote use, this provides a large
speedup). If a particular slice is especially interesting, it can be saved (in a variety of
formats) with the Export button of the slice window.
There are several additional features that have been useful in studying HI datacubes.
• When the cursor is moved into the window showing the slice, the corresponding
spatial location is shown by a small circle in the main window. This has been
very useful in determining the spatial correspondence of velocity structure with HII
regions for example.
• If an interesting feature is noted, the user can freeze the cursor by hitting the space
bar. The coordinates shown in the track window can then be noted down.
• The Profile button pops up a window showing the spectrum extracted from the
cube at the location corresponding to the current cursor location. This simultaneous
view of a single spectrum in comparison to those in the position-velocity slice has
been quite instructive on occasion. This facility is not shown in Figure A.1.
• If the loaded image is a velocity field (as in the figure), the velocities at each point
along the extraction locus can be drawn as a green trace in the slice window. This
gives an immediate visual impression of how well the velocity field image represents
the velocity structure in the cube; for regions with complex velocity structure (such
as a molecular cloud), a simple mean-velocity image may be quite misleading. It is
also a useful check on velocity fields constructed from low s/n data.
• The program provides a simplified method for creating moment maps from an input
data cube. A noise-clipped total intensity and mean velocity map can be generated
in a few seconds, and saved to disk if required. If the program has calculated moment
images of a cube, it draws the first moment values along the slice locus as a red trace
on the position-velocity image. This facility is not shown in Figure A.1.
• An additional feature, added to a private version of the program, allows one to
remove the effects of rotation on the cube of data by sliding the spectrum at each
spatial position back and forth along the velocity axis, using a velocity field (either
a first moment map computed from the cube, or a model velocity field) to compute
the size and direction of the shift for each pixel.
Of course the image area must overlap the portion of the sky covered by the cube. Both
datasets therefore need to have a correct world coordinate system in their headers, so that

295

Figure A.1 kpvslice in operation. Here a slice has been drawn through a velocity-field image (first moment map) of NGC 4214. The output
position-velocity slice is shown in the righthand window. The green trace shows the values of velocity in the moment map at each point along the
slice.
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pixel coordinates may be translated into e.g. RA and DEC, but otherwise they may be
optical, radio or any other sort of data. The coordinate system description employed is
the standard FITS description as implemented in packages such as aips and miriad; see
Greisen (1983) for details.
There are a number improvements that could be made to the program.
• An ability to mark points of interest on the displayed image (and store them in an
annotated list which could be saved as a text file) is sorely lacking.
• The calculation of moments from the cube needs to be improved. The ability to select
a sub-range of channels and perform some smoothing before clipping the noise are
lacking, and should be implemented to give the same functionality as non-interactive
programs such as the aips task momnt.
• It should be simple to implement extraction of data from a second cube and plot
the extracted p–v array as contours in the slice window, on top of the slice from the
first cube (which would be displayed as a greyscale image). Such a facility would be
useful for comparing observed data cubes with models.
• The ability to define an extraction locus of arbitrary shape has potential uses in the
analysis of galaxy velocity fields, and would not be difficult to implement.
The latest version of the program is documented on the World-Wide Web, at
http://www.atnf.csiro.au/software/karma/.

Appendix B

Automatic HI spectrum and
moment computation
When analysing emission-line datacubes one usually wants to compute moment maps,
and the total integrated spectrum, in order to summarise the information in the cube. To
obtain the best signal to noise in these summary outputs, one wants to include only pixels
with significant signal. But the methods implemented in the standard radio astronomy
packages have made this tedious and error-prone to do by hand. Some of the pitfalls are
described in Appendix C. An automatic method would make measurements more objective
and repeatable. The adaptive-boxing technique described in Section C.7 takes some of
the guesswork out of the process, but suffers from being a mostly heuristic technique.
Barnes (1998) presents a different approach, which is rather more robust to the choice of
summation area. In this appendix I describe my implementation of this method and how
I extended it to enable entirely automatic calculation of the total HI spectrum, and the
moment maps as well.

B.1

The histogram method

For the purposes of determining the total HI spectrum, a channel map can be thought
of as a mixture of two statistical distributions; a pure noise component, and a signal
component. In any given pixel there is an unknown contribution from each distribution
and the mixture varies from pixel to pixel. The problem for computing total HI spectra
is that a lot of the required signal comes from pixels where the ratio is ∼ 1 : 1.
These two components in the image can be separated, and the total HI flux density for
that channel determined, if one has an accurate knowledge of the noise distribution: a
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histogram of a signal-free region will show this. A histogram of a region containing real
signal, on the other hand, will contain pixels dominated by noise, and a tail of pixels
dominated by signal. The difference of these two histograms will be a histogram of the
signal; the total flux in the channel map is obtained by summing the number of pixels in
each bin, multiplied by the intensity level for that bin. Note that no strong assumption is
made about the shape of the noise distribution, all that is required is that its histogram
is peaked in some way, and that the shape of the noise distribution not change between
the regions designated as ‘source’ and ‘background’.
The critical point is thus separating the region containing signal from the region containing
noise. Barnes (1998) applied this method to some galaxies and tested the variation in the
total HI using different summation boxes. He showed that the method is quite insensitive
to the choice of summation box, as long as it is sufficiently large to include all the signal.
However there is one obvious best choice for the ‘signal’ region, and this is the region in
the image where the galaxy lies. This is delineated by the total column density, or zeroth
moment map. From one channel to the next, the region occupied by signal changes, and
so does the amount occupied by pure noise. In the adaptive boxing method of Section C.7,
the summation box was adjusted to enclose the signal region. But as Barnes showed, the
histogram method is insensitive to the exact boxing of the signal region, as long as all the
flux is included. Thus the zeroth moment map provides the smallest region which encloses
all the flux, in any channel.
This points the way forward to an automatic determination of the HI spectrum, if the
zeroth moment map can be computed automatically. It can be, as long as the noise distribution in the data cube channels is reasonably well understood. The process is as follows.
For each channel map in the data cube, a customised mask is computed by smoothing
the channel map and applying a S/N threshold. (Knowledge of the characteristics of the
noise distribution enables the smoothing length and threshold to be chosen automatically.)
The mask is applied to the unsmoothed channel map and the contribution of the channel
map to the final moment maps is computed, ignoring the masked pixels. With the zeroth
moment map in hand, the total spectrum is computed by applying the histogram method
to each channel map, defining the region containing signal+noise by the unmasked areas
of the zeroth moment map and the pure noise region of the image by (some subsection of)
the remaining area.

B.2. Smoothing of radio interferometer maps

B.2
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Smoothing of radio interferometer maps

The method for computing moment maps that I describe in Section B.3 relies on some
properties of how radio interferometer images behave when they are smoothed. In this
section I describe these properties.
The main difference between interferometer maps and images commonly discussed in image processing textbooks is that the noise is spatially correlated, over a length scale defined
partly by the synthesised beam, but also by the uv coverage and resulting sidelobe structure. Ideally, the sidelobes are removed by deconvolution. The unavoidable effect of
the synthesised beam turns out to have relatively little effect, as long as one remembers
that statistically independent regions of the image are separated by (synthesised) beam
diameters, rather than pixel boundaries.
When smoothing a map containing noise (correlated on the scale of a synthesised beam)
and a bright source (convolved with the same beam), the peak amplitude of the source is
reduced, and the r.m.s. amplitude of the noise fluctuations is also reduced. The degree of
reduction is different between the source and the noise, depending on the size of the source
relative to the length scale of the smoothing function. There is also some dependence on
the uv coverage; if one smooths over a larger angular scale that the interferometer has
sampled (corresponding to the shortest spacing in the array) any sources will disappear
completely.

Figure B.1 How smoothing changes the S/N of sources in an image. left: Smoothing of a
point source, with a gaussian function. The curves show the peak of the source, the r.m.s. in the
surrounding image and the resulting S/N ratio. right: S/N curves for a variety of source sizes.
The source FWHM (in units of the beam FWHM) is shown in the legend.
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Figure B.1 illustrates the main points. The curves shown are measurements made from
a synthetic image containing a circularly symmetric gaussian source, and gaussian noise
fluctations. The simulation assumes that cleaning has removed the sidelobe structure. The
image dimensions are of order 100 times larger than the source diameter. Noise estimation
was done within a large area free of sources. Objects larger than the synthesised beam
increase in S/N after smoothing, until the smoothing length becomes roughly equal to the
object size. Of particular interest is the case where one smooths with a gaussian having
FWHM twice that of the synthesised beam. For a point source, the S/N drops to ∼ 0.4
of its original S/N, while a source with FWHM of 2 beams increases in S/N by ∼ 10%.
An important point to note here is that the relative change in S/N is almost independent
of the S/N before smoothing. We will rely on this in the next section. One other important
effect of smoothing is that it tends to reshape the noise distribution towards a gaussian.
Lastly, the foregoing has described the case of gaussian smoothing, which is most commonly used by radio astronomers because it can be done very efficiently in the Fourier
plane. However rank-order filtering methods (such as the median filter) work equally
as well, and may be attractive in certain cases (such as gridded single dish data, Barnes
1998) where there are outliers too large to be tamed by gaussian smoothing. For normallydistributed noise, the S/N curves obtained from median filtering the test images are very
similar to those in Figure B.1. As long as one chooses the median filter box so that
the smoothed pixels have the same r.m.s. as after gaussian smoothing, the moment maps
obtained from the two methods are almost identical.

B.3

Application to HI cubes

Armed with the results above we can fairly rigorously define the parameters of the conditionaltransfer algorithm. What we wish to achieve is a map that includes only ‘real’ sources
from each channel map. In previous implementations of the conditional-transfer algorithm,
usually the observer must specify an absolute clip level that is applied to all channels; the
only other control one has is the degree of smoothing. The observer must then try to
strike a balance between loss of detail due to excessive smoothing and loss of flux due to
too high a cutoff.
However the results of the previous section allow us to make fixed choices for these two
parameters that are reasonable, even obvious, from a statistical point of view. The major
difference in my implementation is that the noise and the clip limit are computed separately
for each channel in the data cube. This is much more computationally expensive than the
traditional methods, but quite tractable on modern workstations.

B.3. Application to HI cubes
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In an image with a gaussian distribution of intensities, a pixel brighter than 2σ occurs
2.3% of the time. Thus clipping the smoothed image at ±2× r.m.s. will pass 4.6% of the
pixels, even when there is no HI emission present. In principle, one can calculate the noise
clipping threshold as a multiple of the image r.m.s. that, given the number of pixelsa in
the image would allow at most 1 pixel (or beam area) to be included by chance. Given the
image size in pixels (N ), to obtain the threshold one integrates the gaussian probability
distribution from x = −∞ to some x such that the integral equals (1 − 1/N ). This integral
cannot be done in closed form, but can be calculated using the error function erf, which
is implemented in many numerical libraries. In practice, however, one can choose a fixed
value for the clipping limit because the gaussian probability function falls exponentially
in the wings (with the result that the number of pixels required for one pixel to be above
clip limit grows exponentially). As an example, for an image to require a 5σ clip limit
it would need to have over 800,000 pixels on a side. A 4σ clip is required by an image
∼ 8000 pixels on a side, which approaches the sizes of modern-day synthesis images. In
my implementation I fixed the limit at 5σ.
Now consider what happens when the image is smoothed. Random fluctuations (which
in general will be only a beamsize across) are reduced, thus reducing the image r.m.s.
The amplitudes of point sources relative to the noise are reduced as well. Sources that
extend over more than the smoothing length experience an increase in S/N. Sources with
sizes between the beam diameter and the smoothing length will be suppressed as well, but
to a lesser degree than point sources. If one applies the clipping criterion above to this
image (correcting the size of an independent beam area to account for the smoothing), it
is highly unlikely that any of the pixels above the clip are purely random fluctuations. A
lower limit will start to include noise. And a higher limit will start to reject real sources.
So with the clip limit well defined, what of the degree of smoothing? This is still something
the user can adjust, to emphasise extended low level structure. But in practice one will
wish to avoid excluding small-diameter sources of emission. The S/N curve in Figure B.1
shows that smoothing with a gaussian having a FWHM twice that of the beam will reduce
the S/N of a point source by to 0.4 of its initial value; a 5σ source becomes a 2σ source.
The 5σ noise clip adopted above implies that point sources with S/N = (5/0.4) = 12.5
will be excluded by this level of smoothing. However for extended sources, this reduces
quickly; a S/N=5 source of FWHM 1.6 beams will, after smoothing, still have S/N=5. In
my implementation I have adopted a default smoothing of a gaussian with FWHM twice
that of the synthesised beam.
I included one further step. There will be channels with no HI emission in them, but
where a few pixels from a particularly bright noise fluctuation fall above the threshold.
a

or better, the number of independent beam areas
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Figure B.2 Estimation of background rms in the presence of signal. left: Initial distribution.
Pixels with strong signal produce a tail at the bright end of the distribution. centre: Setting new
extrema (halfway between the mode and the current extrema). The stopping condition is that
> 30% of bins have counts > 10% of the counts at the peak. right: Final limits of the distribution.
Noise statistics are calculated from this histogram.

These have little effect on the zeroth and first moments, but can contribute significant
noise to the second-moment image. To provide some insulation against these, I required
that if after smoothing the number of pixels above the threshold was less than one beam
area, the channel map was rejected from the moment calculations. This is a somewhat
arbitrary threshold, especially as it makes no attempt to ensure the pixels are connected
to one another, but it works well.

B.3.1

Accurate estimation of the r.m.s.

Since the r.m.s. noise in the channel map is so important to the method, some discussion
is necessary of how to estimate it in the presence of signal. The problem is this; in an
automatic method, there is no human input to decide where in the image the r.m.s. should
be measured. Thus a random choice of location is likelyb to include some high-signal pixels
that push up the r.m.s. estimate to an unrepresentatively high value. Sigma-clipping will
then exclude a substantial fraction of the data pixels.
The solution is to examine the shape of the distribution and try to ignore the pixels
containing signal. Distribution shape estimators like Pearson’s skew or the kurtosis are
not particularly useful here because they require vast numbers of pixels if these high-order
b

by conservation of perversity

B.3. Application to HI cubes
Figure B.3 The final moments constructed by the new technique. From left to right, the images show the zeroth, first and second moments.
The contour levels for the moment 0 image correspond to 0.5,1,2.5,5,10,15,25,30 atom.cm −2. The contours in the moment 1 image are labelled, in
km.s−1. The contours in the moment 2 image correspond to 5,10,15 km.s−1.
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Figure B.4 Comparison of the moments constructed by the new technique with those constructed with the traditional conditional-transfer
method. Each image shows fractional differences: (new-old)/old. From left to right, the images show the zeroth, first and second moments.
The colour steps correspond to approximately 10% for moment 0 and 2, and 1% (∼ 3 km.s −1) for moment 1. top row: Resdiuals for moments
constructed using a r.m.s. computed from the whole image. bottom row: Residuals for moments constructed using a r.m.s. computed from a strip
around the edges of the image. The width of the strip was 5% of the image size.

B.4. Summary
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moments are to be accurately estimated. Iterative sigma-clipping is possible but deciding
when to stop is not trivial. A practicable algorithm is suggested by Figure B.2. Given an
image, compute a histogram using equal-size bins of intensity, covering the full range of
values. In an image with no signal and reasonably gaussian noise, most of the histogram
bins will be reasonably well populated. In an image with the same noise level and a clear
detection, the histogram will look like the lefthand plot of Figure B.2; the numerous ‘sky’
pixels are lumped into the few lowest intensity bins, and most of the bins have a handful
of occupants. Clearly, by reducing the range of values in the histogram, a clearer picture
of the noise distribution is obtained (righthand plot).
Thus the algorithm: while the number of bins with counts less than one-tenth of the peak
in the histogram is less than one-third of the total number of bins, set the new limits so
that the intensity range above and below the modal value is half of the previous value.
One possibility that must be addressed is a huge number of pixels with the same value; the
method above converges on this bin and sets the range to zero. This can be tested for and
avoided by computing the r.m.s., and comparing it to the range; in a sample with 10,000
values of 0 and one equal to 1, the r.m.s. is 0.01. In my implementation, if this condition
occurs, the high and low range limits are reset to their initial values and execution stops.
The other obvious problem is that low S/N signal pixels still bias the r.m.s. to too high
a value; the question is whether this matters much. For widespread emission, the area
with pixels containing some signal becomes comparable to the area of sky overall, and
the r.m.s. becomes biased; perhaps more importantly, the mode of the distribution can be
shifted. This has little practical effect on the first moment, which shows the centroid of
the distribution, but causes underestimates of the zeroth and second moments. The top
row of Figure B.4 shows the effects: loss of some flux at the edges and underestimates of
around 10% in the high-signal regions.
The resolution is to find an area in the image that is least likely to be contaminated by
source signal — a strip around the edges of the imaged area — and apply the rangeadjustment technique there to avoid biasing by signal in a small section of the area. This
appears to work satisfactorily (Figure B.4).

B.4

Summary

In this appendix I have demonstrated a method to extract an HI spectrum from a datacube
in which many pixels have S/N∼1, via statistical removal of the noise contribution (the
histogram method). The area containing the signal is defined by the zeroth moment map
of the cube. The moment maps can be computed automatically by using simple arguments
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Figure B.5 (left) Integrated HI spectrum of NGC 4214 computed from the shortest baselines of
the uv data, and compared to a single-dish mapping observation described in Chapter 2. (right)
Integrated HI spectrum of NGC 4214, computed by the histogram method, from naturally-weighted
channel maps.

for the choice of smoothing length and noise clipping level, but taking care to determine
the noise level accurately in each channel of the cube.
The algorithm is outlined in Figure B.6. It has been implemented as a Perl program, using
the PDLc library. The integrated HI spectrum of NGC 4214, computed by this method,
appears in Figure B.5.

c

http://pdl.perl.org
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discover_box_size:
if no beam info in header
for a sample of channels at each end of the cube
median smooth, compute rms
end
adopt smoothing box that reduces rms by 50--60 percent
else
adopt 2x beam size
end
compute_moments:
compute sigma-clip from image size (fixed at 5 sigma)
for each channel
smooth over adopted size scale
measure histogram of smoothed image
adjust upper and lower limits to exclude signal pixels
compute rms
if smoothed image has (more than one beam area) > sigma-clip
for all smoothed image pixels > sigma-clip
add pixel from raw cube to moment maps
end
endif
end
compute_spectrum:
for each channel
compute background histogram where moment map is blank
compute signal histogram from the other pixels
scale the background histogram to match the signal histogram,
in the range -0.5 to -2.5 x r.m.s
difference the histograms
multiply differences by intensity level
sum the result
end
Figure B.6

Algorithm for automated moment and total HI spectrum computation.

Appendix C

Determination of total HI spectra
from interferometer cubes
When mapping a galaxy in HI with interferometers, it is customary to determine the total
HI spectrum both for the global characteristics it yields, and to check how much flux the
interferometer has collected against single-dish measurements. There are two traditional
methods. One is to to produce a spectrum from the uv data, averaging only the short
baselines in the array. This works up to a point, but as more and more of the longer
baselines are included, on which the signal is weaker, the average global spectrum gets
weaker. Reducing the number of baselines worsens signal-to-noise. Thus a second method,
summing the flux in the channel maps of the finished data cube, is generally recommended.
When I applied this method to my HI observations of NGC 1156, I obtained an integrated
spectrum from the naturally-weighted cube with a peak flux almost twice that of a singledish spectrum (Figure C.1). In this Appendix I describe the search for the cause of the
error and a new, more accurate method of determining the total spectrum. This work was
undertaken in 1995. It was brought to a close by the publication of a paper analysing the
same problem (Jorsater & van Moorsel 1995), by which time I had arrived at the results
in Section C.6.

C.1

Single-dish spectra in the literature

Two single-dish observations are available, from Shostak (1978) and Biermann, Clarke,
& Fricke (1979)a. They give peak fluxes of 0.8 and 0.58 Jy respectively. The former
a
At the time this work was done. Since then, another spectrum has been published by Haynes et al.
(1998). This employed the NRAO Green Bank 43m telescope, with a 210 beam.
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H eliocentric V elocity (km .s ')

Figure C . l

HI spectra computed from the natural- and uniform-weight cubes, and a single-dish

spectrum taken from Shostak (1978).

was measured with a 1(V beam (NRAO Green Bank 91-metre telescope), which is likely
to include all the HI flux from the galaxy. The latter was a single pointing of Aricebo
(3'.3 FWHM), so this spectrum is likely to be missing some flux. The short-baseline spectra
compare well with these values, but there are caveats associated with that comparison,
discussed below. The spectrum in Figure C .l gives a larger peak value than either of
these, about 1.3 Jy above the level of the edge channels.

C .2

Check for calibration error

A calibration error can be discounted. Firstly, the same flux was obtained for the phase
calibrator (0318+164) in each configuration — 7.8 ± 0 . 1 Jy. The VLA calibrator manual
(1996) gives 7.80 Jy.

Secondly, spectra made with the shortest C array baselines give

roughly the same values as the D array (Figure C.2) although they were observed at quite
different times. The B array data do not compare so well, but this is probably due to the
large difference in uv coverage: each baseline sees only the flux on scales smaller than the
beam spot corresponding to the baseline length. Thus in forming the (vector-) average
spectrum, the contributions are weighted by the distribution of baseline lengths.

The

object emits different amonts of flux at different scales, so when averaging over a range
of angular scales, as here, uneven weighting can give rise to large differences in the mean.
The C and D arrays have around 104 uv points in the uv range averaged for the figure,
while the B array has barely a thousand, and their distribution is strongly biased toward
longer baselines, (smaller angular scales) where the flux in the object is less.

C.3. Problems with manually marking out flux
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Figure C.2 Total Hi spectra of NGC 1156, obtained from the short-baseline uv data. left:
0–0.5 kλ. right: 0.5–1.0 kλ.

Finally, the flux in the short-baseline data agrees reasonably well with single-dish measurements. The largest single-dish beam used to measure the HI flux of NGC 1156 is 100,
which corresponds to a baseline of ∼60 m (300 λ). The left panel of Figure C.2 shows
the spectrum derived from the C- and D-array baselines shorter than this. The spectrum
peaks at 0.81 Jy, in good agreement with the single-dish value. The ratty appearance
of the C-array spectrum is due to few baselines and different uv sampling, as discussed
above.

C.3

Problems with manually marking out flux

Marking out the HI flux in a cube (‘blotching’) can be done for each channel map individually, or using the same outline for all channels. The former is tedious and not objective;
in an experiment I conducted, two workers blotching the same cube obtained (spectrally
and spatially) integrated HI fluxes differing by 50%. The latter method is more objective
but gives a low signal-to-noise result since in a typical channel map at least half of the
summed area will contain only noise. For example, in the spectra shown in Figure C.1 the
uncertainties of the individual points (calculated as the product of the map rms and the
number of pixels summed) are about 0.15 Jy. And with either approach, the summation
is vulnerable to small shifts in the background level, e.g. due to a contiguous region of
residual flux close to the cleaning cutoff.
As noted above, blotching all channels with the same outline leads to a large number of
‘noise’ pixels being summed along with the real emission. To assess whether any extra
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Figure C.3 left: Hi spectrum made from cubes with pixels below a certain threshold blanked
out. The blanking levels were 1.5, 2.1, 4.0 and 6.5 mJy.bm−1. right: Hi spectrum made using a
moment map made with a 6.5 mJy.bm−1 cutoff as the blotch image. The continuum emission has
not been removed from this cube.

flux was being contributed by the noise pixels, I constructed a series of cubes in which all
pixels below a certain surface brightness had been masked out and produced integrated
spectra from these, summing over the same spatial extent in all cases. The results appear
in Figure C.3, and it is clear that the noise distribution is not biased in such a way as
to explain the extra flux in the total spectrum. To match the peak fluxes, the flux cutoff
must be raised to 6.5 mJy.bm−1 (the lowest curve in the lefthand panel). However this
blanks out all the flux in a high number of the edge channels, which is obviously incorrect.
To estimate the uncertainty from the position of the outline, I produced a series of spectra
using the same datacube and different blotch patterns. For most outlines the peak flux was
overestimated. An extreme example is the spectrum at right in Figure C.3. The closest
match was obtained using a moment map constructed with a ∼ 10σ (6.5 mJy.bm−1 ) flux
cutoff was as the blotch area.
No satisfactory scheme for blotching the cubes (i.e. a systematic method that gave a
spectrum within 20% of the single-dish data) could be found.

C.4

Uniform-weight cube

In the preceding section I focused on the spectrum derived from the natural-weight cube.
When forming a spectrum from the uniformly-weighted cube one expects the recovered

C.4. Uniform-weight cube
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Figure C.4 Total HI spectrum derived from the B+C+D uniform-weight, continuum-subtracted
cube, using two different moment maps as ‘blotch maps’.

flux to be somewhat lower because of reduced surface brightness sensitivity entailed by
giving more weight to long baselines. Yet the spectrum in Figure C.1 is significantly
brighter than the single-dish spectrum.
An important difference between the cubes constructed with uniform and with natural
weighting was that the uniform-weight cube was not cleaned; there appeared to be no
emission peaks strong enough (i.e. >10 mJy.bm−1 ) to generate sidelobes larger than the
noise level (0.95 mJy.bm−1 ). This raises a potential problem: correcting for the beam
area. Since the map was not cleaned, to convert the sums (Jy.bm−1 ) to flux in Jy one
must assume the central lobe of the dirty beam (the only part visible above the noise) can
be represented by a gaussian ‘equivalent beam’. The FWHM of the equivalent beam is
usually set equal to the dimensions of the 50% contour of the dirty beam’s central lobe.
In Figure C.5, I show radial profile of the uniform-weight dirty beam and a clean beam
with a slightly wider FWHM. The Figure also shows how the sensitivity-weighted area (or
beam volume) grows with distance from the peak. The clean beam converges rapidly to a
constant value. The dirty beam, on the other hand, keeps growing slowly. At the outer
limit of the integration, the ratio of the beam volumes is 0.85. Thus, the small difference
in the widths translates to a significant difference in areas, and thence to the flux densities
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derived from the channel maps. In the case of Figure C.1 it seems the dirty beam area
could have been underestimated, leading to overestimation of the total flux densities.
Figure C.4 shows total spectra derived with blsum from the continuum-subtracted cube,
using two different moment maps as blotch images. Both moment maps were constructed
from this same cube, and used the same spatial and spectral averaging parameters (5
spatial pixels, 7 spectral channels), but different noise cutoffs were specified: 1.2 and
1.8 mJy.bm−1 . The peak flux densities in the resulting spectra are 1.1 and 0.95 Jy, greater
than the peak of any of the single-dish spectra. The explanation for the extra ∼0.2 Jy is
probably not the beam area since the clean beam profile is actually a little broader than
the dirty beam. A small d.c. offset, (∼0.3 mJy.bm−1 ) might explain the discrepancy, but
this seems unlikely in light of the test done on the natural-weight cube.

C.5

Contribution of residual flux

Maps made of this uv dataset with natural weighting tend to have plateaux on which the
emission sits, often surrounded by a negative ‘moat’. This could easily add extra flux.
Not much of a plateau is needed — for the worst case, my spectrum peaks at 1.35 Jy,
compared with 0.8 Jy in the single-dish spectrum. Over 18958 pixels in the blotch, an
average of only 0.22 mJy.bm−1 is needed to account for the difference, while the channel
map noise is 0.6 mJy.bm−1 .

Structure in residual maps
The plateaux are residual sidelobe flux, an artifact of the cleaning process. They arise
from the inner parts of the sidelobe structure, as follows. clean’s algorithm works on
having pixels above the some detection threshold, which are identified and whittled down
(at a rate set by the gain parameter) until the peak goes below the threshold, after which
it is ignored. Where the dirty beam has sidelobe structure stronger than 10% of the
peak response at radii more than twice the clean beam FWHM (‘broad shoulders’, e.g.
Figure C.6), at the end of the clean there will be many noise peaks just below the threshold
and their sidelobes will overlap. A given pixel may have 10%-of-peak contributions from
many such weak sources, which will add together into a flux level close to, but still below,
the noise limit. Put another way, the clean algorithm is designed around a gaussian
beam, which falls off to zero very quickly. Thus the pixels between two neighbouring
faint sources do not get much brighter than the others around the pair, as long as they
are separated by more than the Rayleigh criterion. Two neighbouring beams with broad
shoulders, however, will have many more ‘overlap-brightened’ pixels between them.

C.5. Contribution of residual flux
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Figure C.5 Left: Azimuthally-averaged profile of clean and dirty beams for the uniform-weight
cube generated from the combined B+C+D array data. Right: Cumulative sum of the radial
profiles.

Figure C.6 Left: Azimuthally-averaged profile of clean and dirty beams for the natural-weight
cube generated from the combined B+C+D array data. Right Cumulative sum of radial profiles.
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The moat is the sum of two components, in general. The first is sidelobe structure: the
dirty beam area is defined to be zero, so it will have broad areas of slightly negative value.
When convolved with an extended source these are amplified in the same way as other
sidelobe structure. Any extended sidelobe structure remaining after deep cleaning can
probably be attributed to overlapping sidelobes of sources just below the cutoff flux, as
discussed above. The second component is due to lack of short enough baselines, and will
be seen most clearly after cleaning. In fact it is a negative peak, or ‘bowl’, that goes all
the way under the central plateau. This effect is obvious when the source has structure on
angular scales comparable to that corresponding to the shortest array baseline; for sources
sizes of say one tenth the critical scale, it is still there, subtly. Using a zerospacing flux
can reduce the depth of the bowl; it has the effect of brightening the entire image slightly
(the mean shift is the zerospacing flux times the image area in beams) and thus clean
keeps choosing positive components for longer into the deconvolution.

Residual maps
When residual maps were constructed they showed high levels of residual diffuse flux. The
flux was up to 2 mJy.bm−1 in the central parts of the middle channel maps, while the
background noise level was 0.6 mJy.bm−1 .
Figure C.7 compares blotch-summed spectra derived from the clean maps and the residual maps. Both spectra used the same blotch map. The cube has not been continuumsubtracted because the continuum is of low level and therefore contributes to both the
residual map and the continuum map — doing this experiment with a continuum-subtracted
cube produced an oversubtraction, because the flux levels in the continuum map were subtracted twice. Differencing the two yeilds a flux within 10% of the single-dish spectrum.
Clearly, the residuals are the cause of the total HI flux overestimates.
The high residual fluxes arise in the way described in the previous section, due to the broadshouldered beam. Experiments with cleaning to different flux cutoffs confirmed this; the
highest residual fluxes were always close to the cutoff level, despite large increases in the
number of clean cycles.

C.6

An approximate answer — sum of clean components

An alternative way to generate a spectrum is to sum the clean components of the cube
planes, within the area defined by the blotch image. This can be done by direct manipulation of the tables, or by mapping the clean components alone, (i.e. not adding back the
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Figure C.7 Contribution from residuals to a spectrum produced by blotch-summing. solid
line: Total HI spectrum of NGC 1156 cleaned cube, before continuum subtraction. dotted line:
Spectrum resulting from summing the residual fluxes in each channel, using the same blotching
area. dashed line: The difference of the two curves.

residuals after cleaning) and using blsum on the resulting map. I wrote a small program
to sum the tabulated components, and the resulting spectrum is plotted in Figure C.8.
The area summed was rectangular, so some fraction of the total is due to spurious background components. The continuum sources also contribute some flux, since they could
not be discriminated against.
This method gives only a lower limit to the flux, however, and to get all the structure in a
map represented by individual clean components requires very deep cleaning. This is not
always practicable or useful: cleaning is intended to remove extended sidelobe structure
from maps, but in spectral line work there is often plenty of detectable signal which is
not strong enough to generate sidelobes, and thus little if any cleaning is needed; e.g. the
uniform-weight cube in this study. In addition cleaning for huge numbers of iterations can
introduce artifacts into the maps, due to instabilities in the algorithm.

C.7

Dealing with residual flux

A new method of obtaining total fluxes, that avoids deep cleaning and makes full use of
the residual fluxes, has been suggested by Jorsater & van Moorsel (1995). Below I outline
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Channel Number

Heliocentric Velocity (km .s-1)

Figure C.8

Total HI spectrum o f NGC 1156, constructed by summing clean components of

a naturally-weighted line+continuum data cube, compared with the spectrum of Shostak (1978).
Note the latter has had the continuum removed, while the former has not. The continuum flux
seen by the interferometer is 31.8 ± 2.3 mJy.

the method and discuss the practical application of it.
Cleaned maps are made by convolving all the point sources found by the algorithm with
the clean beam, i.e. adding a lot of gaussians to a blank map, and then adding the
residual dirty map. This latter can contain significant amounts o f ‘dirty’ flux, especially
if the cleaning has not been quite deep enough or the beam is wide at the base. Now the
key point. The units of the fluxes in each map are Jy.bm-1 . But the beam shapes, and
therefore the units of the maps, are different.
This can be understood by considering the dirty and clean maps of the same point source.
Formally, the area of the dirty beam summed to infinity in all directions is zero and the
units of the dirty map undefined. However the flux in the map is not zero, and it should
be possible to estimate the flux by summing the pixels in the central lobe of the dirty
beam. In the case o f ‘broad-shouldered’ dirty beams, the flux in the dirty map is spread
over a much larger area than the clean beam’s, as shown in Figure C.6. The difference in
units comes about because the maps are always normalised so that the peak of the beam
is 1 Jy.bm-1 . The difference is usually not substantial, but in the case of
beams with broad shoulders, it is.

n a t u r a l - weight
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The correct total flux can be obtained as follows. Assume there exists some scale factor e
that converts the fluxes in the dirty map to the same units as the clean map. The correct
total flux will be G = C + eR, where C is the cleaned flux and R the residual flux. In
addition, G will stay constant independent of the number of clean iterations. Therefore
it is possible to estimate G without having to evaluate e: G = (C1 R2 − C2 R1)/(R2 − R1)
where the subscripts refer to two different cleaning depths. In practice G can be evaluated
from the dirty map and a map cleaned only enough to remove the extended sidelobes, i.e.
set C2 =0 and R2 = the dirty map, then obtain e = (C2 − C1 )/(R1 − R2) = C1/(R2 − R1)
and G = eR2. This is equivalent to saying the total flux is that in the dirty map times
the ratio of clean to dirty beam areas.
This description of the cleaning process also reveals why the historical practice of cleaning
natural-weight maps very deeply gave better results: the error in total flux was minimised by absorbing as much of the residuals as possible into clean components, and thus
minimising the contribution of flux with the wrong units.
I implemented this technique, using the miriad suite of reduction programs (Sault &
Killeen 1993). The major practical uncertainty is the area over which the sums are formed:
it should only be within the ‘clean box’, and the box limits should be quite tight around
the emission in the map. Experiments showed the errors arising from the positioning of
the box are 15–20% in the worst case of using a single box for all channels. Interactive
box positioning should produce uncertainties of ∼5%, the simple automated positioning I
implemented does nearly as well. Figure C.9 shows the results of cleaning a cube with different window sizes, and automatically positioning the box for each channel. A maximum
box size was set for all channels. The script centers five different-size clean boxes on the
emission within the selected region. The maximum size is set by the number of pixels 2σ
above the expected noise level which for the end channels is much smaller than the fixed
box.
In addition to the total spectrum, finished maps can be produced with the residual flux
map scaled by e to have the same units as the convolved clean source maps — Jy per clean
beam. These maps can then be handled using all the usual tasks provided in aips and
other packages, though the difference in resolution of the clean and residual components
may affect the interpretation in some cases: for example in a galaxy with a region of
smooth, low-surface brightness emission this emission will be largely in the residual map
and so downweighted in the finshed map, perhaps making it more difficult to detect.
It is important to understand that the value of e will be different for each channel, since
different areas are summed and so different fractions of the dirty beam map are sampled.
This fraction of the beam being sampled is a function of how the clean box is positioned
relative to the brightest emission. Changing the box so that more of the sidelobes in the
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Figure C.9 Variability of results in the sum-of-clean-components method. top: Effect of varying
the clean box on the total spectrum. Clean boxes were positioned individually for each channel,
and five different sizes were chosen. centre: The ratio of the beam areas, computed from the
equation given in the text. bottom: Relative size of sum area, scaled by the largest clean box
employed.

dirty map are included will change e. Figure C.6 illustrates the idea in one dimension; it
shows the azimuthally-averaged beam profile and its sum, compared to the clean beam.
Note that the ratio of sums changes markedly, and far enough out into the beam the dirty
beam area becomes unstable. Thus the evaluation of G should be confined to a ‘snug’
clean box.
Why the correction factor e changes from channel to channel may be seen as follows. The
dirty map is composed of numerous point sources convolved with the dirty beam, and
the theoretical noise floor. Strong enough sources will show sidelobe structure above the
noise. For a weak source, however, the beam is effectively truncated by the noise at some
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Figure C.10 solid curve: Flux-weighted area of natural-weight dirty beam calculated to successively lower cutoff levels. The assumption that the dirty beam has a definable area breaks down at
around 0.02 Jy.bm−1, i.e. 2% of the peak. dashed curve: The equivalent curve for the clean beam.
It rises quickly from ∼ 36 to its maximum of 40.9, and stays constant thereafter. The curves are
matched at 0.5 Jy, i.e. 50% of the peak.

fraction of the peak flux, and may be approximated by a gaussian. The mean of the
‘truncation flux’ over all the sources in the map is what defines the ‘sampled fraction of
the dirty beam’. The flux of each source in the map weights its contribution to the mean.
Figure C.10 shows an example of how the beam area changes with truncation flux. The
area grows slowly at first, since just the central lobe is being integrated. The rapid growth
beginning at ∼ 2% corresponds to the level where the extended sidelobes enter the sum.
The total does not come to zero because of the finite map extent.
In practice, the noise floor is usually on the slowly-increasing part of Figure C.10. A
single value of e can be used for all channels when constructing the finished maps, since
the variation from channel to channel is small (Figure C.9, and the residuals are after all,
residuals.

Appendix D

An alternative method for
continuum removal in HI cubes
The method I used to remove the continuum from my cubes is not suitable for wide
application, but can be tried when a) you have too few line-free channels to work with
and b) the continuum emission is weak enough not to leave artifacts after cleaning. All
the program names I use here are part of the aips reduction package.
1. Clean the cube to normal depth (a few times the expected thermal noise).
2. Use blank to remove all flux in the cube brighter than the brightest continuum
source. To find the right cutoff value you have to image the cube, look at the end
channels and make moments to get accurate positions for the continuum sources.
Then use ispec or curv to get a clipping value. This step is optional but in cases
of strong line emission will improve the results.
3. Look at the cube channels, starting near the middle and going out toward the ends,
until you find the point where the line emission in the high-end and low-end channels
no longer overlaps spatially (tvblink). Construct means of each end of the cube
thus defined, ignoring blanking (i.e. use comb with dparm=1,1).
4. Now you have two images of the continuum emission, both contaminated by line
emission. The averaging process reduces the line signal, but some will remain. The
point of clipping the bright line emission was to make the continuum component
of these two images as large as possible, but it is not always necessary. Take the
difference of the two images, twice, forming (low-channel mean − high-channel mean)
and (high−low).
5. blank out the negative values in each of the images so formed, replacing blanked
values with zero (remag). Subtract each these from their corresponding mean im323
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ages, i.e. form high − blank(high-low) and low − blank(low-high). This should give
two semi-independent estimates of the continuum emission. If everything went right,
the difference of the two should be very small.

The critical thing is that the line emission in the averages does not overlap spatially.
Otherwise, in each pixel of the overlap region the weaker of the line contributions gets left
in the estimated continuum. Therefore this method can only be used on cleaned cubes;
the sidelobes will almost always overlap somewhat in the dirty cube. It will also give
erroneous results if there is high-velocity gas in the centre of the galaxy, such that there is
line emission in all channels of those pixels. This may be happening in NGC 1156: Broeils
(1992) shows emission from 280 to 450 km.s−1at the centre position of his pv map, at low
levels.

Figure D.1 21 cm continuum emission in NGC 1156. The contours correspond to flux levels of
-0.5, 0.5, 1, 2 and 3 mJy.bm−1. The beam area is 40.9 pixels, and the r.m.s. noise of the channel
maps used was ∼ 0.65mJy.bm−1.

Appendix E

Characterisation of the light leak
in the FLWO 1.2m telescope
As noted in Chapter 3 there was a light leak in the filter wheel assembly of the telescope
that I used to obtain optical images for this work. Here I describe the extent of the
problem and the procedures I adopted to remove the effects of the leak from the data.
Figure E.1 illustrates the form of the light leak at the 1.2m telescope. With the mirror
covers on and the filter wheel moved to a position where solid metal blocked the light path
to the dewar, the CCD was recording a significant signal. This was of different appearance
to the flatfield or dark-current images, which means light was reaching the chip by a path
other than along the normal optical train. Since the dark frame does not show the leak, the
light must be entering somewhere forward of the shutter assembly. The problem occurred
in the 1992, 1993 and 1994 observing seasons, most obviously when using the U, B or
narrow bandpass filters.
The effects on the data are twofold: uneven illumination in the flatfield frames, and
additional, uneven, background light in the images taken during the night. In principle,
the former can be removed by an illumination correction derived from the ratio of the
flatfield and a blank sky image, provided that any leak component is weak in the blank
sky image.
In the broadband data taken in 1992, the U dome flats are dominated by the light leak
(Figure E.1), the B flats are slightly affected (∼1% contribution to the total intensity), and
the V, R and I dome flats are unaffected. The U data were flatfielded with images of the
twilight sky, and the high count rate passing through the filter dominated any contribution
from the light leak. An upper limit on the contamination can be obtained by ascribing all
the residual fluctuations in the combined image (Table E.2) to the light leak. In the 1994
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Figure E.1 Flatfield images illustrating the light leak. top left: Twilight sky exposure, B filter.
top right: Twilight sky, U filter. centre left: Dome flatfield exposure, B filter. centre right: Dome
flat, 160 sec, U filter. above left: Dark current frame — 900 sec exposure with shutter closed.
above right: Light leak — 30 sec exposure with shutter open, but an opaque filter positioned in
the optical train. The contours are drawn at 150,200,300,400,500,600 and 700 adu.
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Filter
U
B
V
R
I
Table E.1

Dome Flats
10.4± 0.1
300 ± 4
765 ± 5
1330 ±10
3120 ±20
count.s−1

Sky Flats
∼ 280
∼ 80
∼ 14.6
−
−
count.s−1

Count rates for dome flats.

runs, an exposure was taken with the flatfield lamps on, and the filter wheel rotated to
the ‘blocker’ position. This gave a clean measure of the contamination of the flatfields.
The Hα images obtained in 1993 were more difficult to correct, as all the narrowband
flatfield images showed contamination from light leaks. There was no clear measurement
of the leak, which appeared to change shape from night to night and was only measured
once, at the start of the run. The sky background in the data frames was also contaminated
by the light leak.
To correct the 1993 flatfields, I proceeded as follows. I assumed the R image was only
slightly affected by the leak and that the illumination of the chip by the dome patch was
similar for the R and narrowband filters. By scaling the R filter dome flat (using the
difference in throughput measured from field stars) and subtracting this image from the
narrowband filters, I obtained an estimate of the leak contribution to the narrowband
dome flats. This was subtracted from the R filter and the cycle repeated. The estimated
leak converged after two or three iterations, and the result was subtracted from all the
narrowband dome flats. The ratio of the corrected dome flats taken through the two
narrowband filters was flat to within 1%. The data frames were corrected by scaling the
leak image and subtracting, repeating until the correct scaling factor was found. The
resulting data frames had residual contamination of no more than ∼1 count.pixel−1.

mean sky (adu)
sky sigma (adu)
sky rumble (adu)
σ/µ

U
159
6
5
0.038

B
460
10
9
0.022

V
1081
18
11
0.017

R
2413
22
18
0.009

I
5355
42
35
0.008

Table E.2 Mean sky level and r.m.s. variation, for the combined images of NGC 4214. The
pixel to pixel variations are measured by σ, while the estimated large-scale variations are given by
‘rumble’.

Appendix F

Ionised volumes around young star
clusters
The number of ionising photons produced by young clusters of stars can be sufficient to
ionise the entire vertical HI column of a galaxy disk, and make the surrounding HII region
‘density bound’. This can be seen by considering the case of the cluster NGC4214#1. It
produces ∼ 2 × 1051 ionising photon.s−1 (Leitherer et al. 1996), and the local HI surface
density is ∼ 2×1021 atom.cm−2. For a gaussian density profile with σ=100 pc, the number
of atoms in a column through the disk is the same as that in a uniform-density column
of length 235 pc. The mean density estimated with these asumptions is 2.6 cm−3 . The
Strömgren shell radius for gas at this density is calculated as follows:
NU V

=

RS =
=

4 3 2 (2)
πR n α photon.s−1
3 S H
3NU V
4π n2H α(2)

!1

3

3 × 2 × 1051
4π(2.6)22.6 × 10−13

!1
3

= 6.5 × 1020 cm
= 210 pc.
where NU V is the number of ionising photons per second, nH is the density of Hydrogen
atoms and α(2) is the recombination coefficient for recombinations to all levels but the
ground state.
Typical galaxy scale heights are thought to be ∼100 pc, so it seems clear the size of the
ionised region will be somewhat affected by the vertical density gradient. This gives rise
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to a question with wide-ranging implications: how much of the ionising flux from one of
these clusters can escape a galaxy? The answer impacts on calculations of the intergalactic
ionising background, the estimation of star formation rates in external galaxies and the
ionisation balance of the Reynolds layer in our own Galaxy. Detailed calculations of the
last have been done already, by Miller & Cox (1993) and Dove & Shull (1994). The
former consider mostly the radiation transfer in a cloudy medium, and do not consider
the escaping radiation in detail. The latter authors perform a similar calculation (for a
smooth ISM) and consider the question of UV escape fractions for two models, a simple
gaussian and the Dickey-Lockman (1990) multicomponent exponential. They find for a
cluster as UV-luminous as NGC4214#1, and a gaussian disk of scale height 100 pc, the
escape fraction is about 30% per hemisphere (60% overall). For the Dickey-Lockman disk
model, the loss fraction is only ∼ 7%.
Below I use a different method to calculate the shape of the ionised volume and loss
fractions for single-exponential and gaussian density profiles. I also consider the losses
that occur when the ionising cluster is located off the midplane, and the effect of a sweptout region around the cluster. The disk is assumed to be an infinite sheet of gas with a
gaussian or exponential falloff of density along the direction perpendicular to the sheet. For
a large number of lines of sight (rays at different angles to the midplane) the optical depth
is calculated as a function of r, distance from the cluster. For each ray the calculation
is stopped when a specified optical depth is reached, and in this way contours of optical
depth can be built up. For estimates of the escape fraction the limiting optical depth is
made large (τ ∼10), and an average escape fraction over all lines of sight is computed.
The estimates made in this ‘1.5-dimensional’ calculation are valid for the 3-dimensional
case by rotational symmetry.
The calculations have been made scaleable to a range of situations by normalising all the
lengths to the size of a Strömgren sphere in a uniform density of 1 cm−3 , and taking the
midplane density to be 1 cm−3 . Thus increasing NU V is equivalent to making the scale
height of the galaxy disk smaller relative to the Strömgren radius. Figure F.1 shows the
effect of changing the cluster luminosity by factors of 8 (which for the constant density
case changes RS by a factor of 2).
The other plots (Figures F.2, F.3, F.4) show the effects of changing scaleheight, midplane
offset and swept-out volume. In these, the diameter of the hole has been normalised to
show the relative shapes more clearly. The loss fractions for a wide range of cases are
tabulated below.
An important point to note is that typical late-type galaxy HI surface densities are ∼ 2–
5 M .pc−2 (Rhee 1996) which for a gaussian distribution with σ=100 pc equates to a mean
HI densities of 0.34–0.80 cm−3 . This is much lower than the case considered above, and
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the equivalent Strömgren radii can be several times larger than the scale height (Table F).

Scaleheight
Gaussian
Exponential

0.10
0.36
0.32

0.15
0.24
0.21

Offset
Gaussian
Exponential

0.00
0.0012
0.0010

0.25
0.0028
0.0015

RC /RS
Gaussian
Exponential

0.00
0.0012
0.0010

0.20
0.0029
0.0015

Variation with scale height
0.20
0.50
1.00
1.50
0.16
0.019 0.001 0.001
0.13
0.013 0.001 0.000
Variation with midplane offset
0.50
0.75
1.00
0.014 0.0419 0.111
0.003 0.0080 0.017
Variation with cleared fraction
0.40
0.60
0.80
1.00
0.0097 0.0284 0.069 0.136
0.0033 0.0072 0.014 0.025

2.00
0.000
0.000

5.00
0.000
0.000

Table F.1 Fractions of escaping photons for different density profile scaleheights, and for other
geometries with the scaleheight set equal to the Strömgren radius.

−1

NU V , s
1×1049
5×1049
1×1050
5×1050
1×1051
5×1051
Table F.2
nH .

0.10
315
538
678
1159
1460
2496

0.25
171
292
368
629
793
1355

nH , cm−3
0.50 0.75 1.00
108
82
68
183 140 116
232 177 146
396 302 250
499 381 315
853 652 538

2.00
43
73
92
157
198
339

5.00
23
40
50
85
108
184

Strömgren radii (pc) for the observed ranges of young-cluster NU V and galactic disk
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Figure F.1 Changes in HII region geometry with increasing luminosity of the ionising cluster,
for a gaussian density distribution. The solid curves in each panel are the τ =1, 3 and 10 optical
depth contours. top: The Strömgren radius is approximately half the scale height. Essentially no
photons are lost to the outside. middle: The flux of the cluster has been multiplied by 8, and the
Strömgren radius now roughly equals the scale height. The loss fraction is about 0.1%. above:
Another factor of eight in flux, or two in RS /σ. The losses are now ∼ 2%.

Figure F.2 Changes in HII region geometry with increasing luminosity of the ionising cluster,
expressed as the ratio of RS to the scaleheight, for a gaussian (left:) and exponential (right:)
density distribution. The solid lines are the τ =3.0 optical depth contour, for each of the values
of the scaleheight parameter given in the legend. Larger values of the scaleheight correspond to a
more circular τ =3.0 contour.
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Figure F.3 Changes in HII region geometry with increasing offset (expressed as a fraction of
RS ) of the ionising cluster from the midplane of the disk. The solid lines are τ =3.0 optical depth
contours.

Figure F.4 Changes in HII region geometry where successively larger fractions of a Strömgren
radius around the cluster have been cleared of neutral gas. The solid lines are the τ =3.0 optical
depth contours, and the dashed curves show the cleared regions.

